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Abstract

The first gravitational wave (GW) observation marked a monumental moment in science

and heralded the birth of a new field: GW astronomy. Since then, the field has rapidly

developed, with about 90 mergers of binary black Hole (BBH), black hole neutron star

(BHNS), and binary neutron star (NSNS) mergers observed to date. This number is set

to triple in the next few years, with millions of detections anticipated in the following

decade. How do these merging double compact objects form? Each detection adds a new

piece to the puzzle of their origins, moving us from a phase of initial discovery into an

era of population studies. Many different formation channels have been proposed to solve

this ‘progenitor population puzzle’, but all depend crucially on their direct ancestors:

massive stars. Massive binary stars impact nearly every part of modern astrophysics,

as they shape our Universe through the elements and ionizing radiation they emit.

However, these stars are challenging to study while alive as they are intrinsically rare

and live short lives. This raises a second question: (what) can GW sources teach us

about the lives and deaths of their stellar progenitors?

In this thesis, we aim to shed light on this question by analyzing the early population

results of GW sources that make up the first pieces of the progenitor puzzle. We apply a

combination of numerical population synthesis models and analytical models to develop

an intuitive understanding of the complex phenomena that govern the evolution of
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massive stars, and ultimately lead to the formation of double compact objects.

The first puzzle piece is the notable structure that emerged in the mass distribution

of merging BBHs. Observations have revealed a ‘bump’, followed by a low but non-zero

rate of mergers with components ≳ 35 M⊙. This has been linked to the theoretical

prediction of a ‘mass gap‘ caused by Pair Instability Supernovae (PISN). We show that

the contribution of isolated binaries to form BBH mergers in this mass gap is negligible,

even under extreme assumptions about mass accretion. This points towards dynamical

formation channels for BBHs in this mass range. We furthermore provide the first

quantitative study into the origin of the global peak of the BBH mass distribution, and

find that it results naturally from the stable Roche-lobe overflow channel. The reason

behind this lies in a characteristic of this channel: it cannot form BBH mergers below

a certain mass. This also provides an alternative explanation for the much disputed

‘neutron star-black hole mass gap’ if observed in GW sources. More clues follow from the

evolution of the BBH merger rate with redshift, which is determined by the delay-time

distribution of its formation channel. We identify unique delay time-mass relationships

for the two main isolated binary evolution channels and provide testable predictions

for the redshift evolution for the BBH merger rates from each channel. Lastly, we

investigate how our model predictions are affected by the metallicity-dependent cosmic

star formation history. We present a new functional form for the latter and determine

that it will not shift the location of features such as those discussed above. This

is exciting as it suggests that these features indeed have the potential to reveal the

underlying physics of their stellar progenitors.
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Bodensteiner, Chen Wang, and Earl Bellinger. Every one of you is a warm and lovely

person, and I feel privileged to count myself amongst the likes of you. Special thanks

to Stephen for your advice and guidance, which is always much more useful than you

yourself think it is. To my older PhD brothers and sisters, Eva, Ylva, Mathieu, and

Manos: It is hard to fill the shoes of such smart and kind people. Mathieu, it has

truly been a pleasure to not just discuss science, but also politics/ethics/whatever is

on the table with you! Ylva, your excitement and support made me feel valued and

strengthened in the steps I took. Eva, my friend, and mentor in disguise. Our weekly

chats during the pandemic were invaluable to me. Thank you for believing in me when I

did not, and for being the incredibly strong and supportive person that you are. I hope

we continue our chats in one way or another until we are old and well-retired.

I am further grateful, to the members from the Conroy Group, including Ana

Bonaca, Ben Johnson, Evan Bauer, Jesse Han, Kareem El-Badry, MJ Park, Vedant,

xi



Chandra, Phill Cargile, Rohan Naidu, Turner Woody, Katie Sharpe and Harshil Kamdar.

Thank you all for making group meeting fun and lighthearted. Katie, thank you for

trusting me to be your advisor at some point, I wish you all the best during grad school,

though I have no doubt you will be great! I would also like to thank the members of the

gravitational wave group at the CCA. Will Farr, Katie Breivik, Tom Callister, Mathieu

Renzo, Harrison Siegel, Kaze Wong, Barry McKernan, Saavik Ford, Chiara Mingarelli,

Deborah Good, and Max Isi, thank you for creating such an exciting and invigorating

atmosphere. I enjoyed every moment of every visit, and I am keen to continue the legacy

of your kindness in the coming years! Lastly, I would like to thank the members of the

COMPAS group, including but not limited to Ilya Mandel, Reinhold Willcox, Alejandro
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Thesis Propositions

In keeping with Dutch tradition, I will summarize what I have learned during

my time as a graduate student in a set of ‘propositions’. These propositions concern

insights I have gained on the topic of this dissertation, on science in general, and on our

community as a whole.

1. Super-Eddington mass transfer in binary stars cannot explain binary black hole

mergers with masses in the so-called ‘Pair Instability Supernova’ mass gap.

2. The classic ‘common-envelope channel’ to merging double compact object formation

leads to lower masses, and shorter delay times compared to the ‘stable mass

transfer channel’.

3. As a result of the previous proposition, high and low-mass compact objects are

predicted to exhibit a distinct rate evolution with redshift.

4. The metallicity-dependent cosmic star formation history does not affect the

location of features in the mass distribution of merging binary black holes.

5. The global peak of the mass distribution of merging binary black holes currently

offers the highest potential for using gravitational-wave sources to constrain the

physics of isolated binary systems.

6. A characteristic of the stable mass transfer channel is that it is unable to form

binary black hole mergers below a certain primary mass. This property results in

a dearth of low-mass black hole mergers that provides an alternative explanation

for the much disputed ‘neutron star - black hole mass gap’ if observed in the mass

distribution of merging double compact objects.
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7. A prediction is only as strong as the weakest underlying assumption.

8. The names of flagship telescopes reflect a small but significant shift towards more

gender-diverse leadership in astronomy that has occurred over the past two decades

(e.g., from the Very Large Telescope to the Vera C. Rubin Observatory).

9. Shared spaces and communal breaks are an integral part of any scientific institution.

The informal interactions that they foster I) promote scientific discussions in

a nonthreatening environment, II) reduce stress and thereby can help increase

productivity, and most importantly III) increase a sense of belonging among

community members.
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CHAPTER 1. INTRODUCTION

1.1 The advent of gravitational-wave astronomy
The field of GW astronomy is rapidly unfolding; since the first detection in 2015

(Abbott et al., 2016) we have observed ∼ 90 GW events. The growth of the GW catalog

has been accompanied by a multitude of scientific discoveries. GW observations have

been used to I) test the theory of general relativity (see review by Krishnendu & Ohme,

2021), II) constrain the abundance of primordial black holes (BHs, e.g., Mandic et al.,

2016; Wang et al., 2018), and III) provided an independent measurement of the Hubble

constant (Schutz, 1986; Holz & Hughes, 2005; Farr et al., 2019a; Maŕıa Ezquiaga & Holz,

2022). The inferred rates of binary black hole (BBH) black hole-neutron star (BHNS)

and NSNS mergers prompted a flood of studies to the formation channels of merging

double compact objects (see reviews by Mandel & Farmer, 2022a; Mapelli, 2021; Mandel

& Broekgaarden, 2022). For BBH mergers, we have made significant progress towards

measuring the mass and spin distributions, and evolution of the merger rate with redshift

(e.g., Fishbach et al., 2018; Abbott et al., 2021f; Tiwari, 2022; Edelman et al., 2023).

The first NSNS merger (Abbott et al., 2017b) placed new constraints on theneutron star

(NS)equation of state (see review by Raithel, 2019), while also confirming that NSNS

mergers are a source of r-process elements (Arcones & Thielemann, 2023), and short

gamma-ray bursts (Abbott et al., 2017c).

This is only just the beginning. As the sensitivity of current and upcoming

detectors improves, we can expect millions of detections in the coming decades (see

Figure 1.11). The driving force behind the growing catalog is the detector horizon that

expands with sensitivity. For stellar BBHs (with Mtot ≈ 10 − 100 M⊙), the Einstein

1The code to reproduce this Figure can be found here: https://github.com/LiekeVanSon/ThesisFigures
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Figure 1.1: The current and projected size of the GW-source catalog. Detection rates
and mission times for observing run O4 and O5 are taken from Abbott et al. (2018b) and
the ligo doc pages. Detection rates for Voyager, Cosmic explorer (CE) and the Einstein
telescope (ET) follow from Borhanian & Sathyaprakash (2022), and Gupta et al. (2023).
Mission times are only indicative for the latter detectors. The minimum and maximum
number were calculated using the redshift-independent rates from Abbott et al. (2021e).

telescope (ET) and Cosmic explorer (CE) will detect more than 50% of all BBHs out to

z = 10. Additionally, a tail of BBH mergers is expected to be detected out to z = 100

(e.g., Maggiore et al., 2020), i.e., before the time of first star formation (Naoz et al.,

2006), thereby directly probing primordial BHs. Lastly, current detections are merely

scratching the surface of the GW spectrum. Planned third generation GW detectors will

expose other GW frequencies, unveiling completely new sources (see Section 6.2). As

GW astronomy blooms, and the catalog grows, a fundamental question arises:

How do merging double compact object form?

4
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1.2 Formation channels of merging DCO
Many different formation channels have been proposed (see Figure 1.2). These

formation channels aim to explain how to get two compact objects close enough to

merge within a Hubble time through GW emission, as GWs quickly become inefficient

at larger separations. For a circular system2 the time to inspiral (or coalescence time,

Peters, 1964) scales as: Tc ∝ a4
0/(m1m2(m1 + m2)). Here a0 is the initial separation,

and m1 > m2 are the component masses. Separation thus typically dominates the

coalescence time due to its higher power (fourth instead of third for masses). Moreover,

the separations of interest (∼ 10 R⊙ − 104 R⊙) span more decades than the range of

relevant masses (1 − 100 M⊙ for stellar objects). This means that a circular BBH of two

30 M⊙ components would need to be brought to separations ≲ 35 R⊙ to merge within

a Hubble time. However, stars of MZAMS = 10 − 100 M⊙ will typically extend beyond

100 − 1000 R⊙ at one point during their evolution. This discrepancy between the sizes

of massive stars and the small separations required for double compact object mergers

is sometimes referred to as the separation challenge. The way that formation channels

overcome this ‘separation challenge’ can broadly be subdivided in two groups: I) isolated

binary channels, and II) dynamical formation channels.

• Isolated binary channels consider stars that were born together in pairs and bring

their cores to small orbits through binary interactions. Partially driven by the

observed Hulse–Taylor binary pulsar (see e.g., Flannery & van den Heuvel, 1975),

predictions for double compact object formation from this channel long predate the

2In case of an eccentric binary, the relevant integral from Peters (1964) can be approximated with

Tcoalescence ≈ Tc(1 + 0.27e10
0 + 0.33e20

0 + 0.2e1000
0 )(1 − e2

0)7/2 (Mandel, 2021)
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first observation of GW (e.g., Smarr & Blandford, 1976; Tutukov & Yungelson,

1993; Lipunov et al., 1997; Bethe & Brown, 1998; Nelemans et al., 2001a; Belczynski

et al., 2002; Voss & Tauris, 2003, and many others) The isolated binary channels

can be further subdivided based on the stability of the mass transfer involved into

the ‘stable mass transfer channel’, and the ‘common envelope channel’ (see 1.3

below). Furthermore, the chemically homogeneous evolution channel is an isolated

binary channel that solves the separation challenge by staying compact due to

efficient chemical mixing (e.g., de Mink & Mandel, 2016; Mandel & de Mink, 2016;

Marchant et al., 2016; Song et al., 2016a; du Buisson et al., 2020; Riley et al.,

2021).

• Dynamical formation channels on the other hand assume that the compact objects

are brought together through dynamical interactions in dense environments. The

idea of forming BBH mergers in (young stellar and globular) cluster environments

also predates the first GW observations, since such mergers have long been

proposed as the foundations of intermediate-mass and super-massiveblack hole

(BH)formation (e.g., Kulkarni et al., 1993; Portegies Zwart & McMillan, 2000a;

Wen, 2003; Banerjee et al., 2010; Downing et al., 2011; Morscher et al., 2015).

Typically the BHs involved are of astrophysical origin, but primordial BHs have

been proposed as well (Sigurdsson & Hernquist, 1993; O’Leary et al., 2006; Bird

et al., 2016). More recently, the disks of active galaxy nuclei (AGN) have been

suggested as an additional dynamical environment (McKernan et al., 2012, 2014a;

Bellovary et al., 2016; Bartos et al., 2017; Stone et al., 2017; McKernan et al.,

2018a; Tagawa et al., 2020). Stars in triple systems are an edge case between

isolated and dynamical formation channels. Much of their evolution is dominated

6
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by stellar interactions like mass transfer, but the third companion adds secular

dynamics to the evolution (Lidov-Kozai cycles, e.g. Thompson, 2011; Antonini &

Perets, 2012; Toonen et al., 2016; Kimpson et al., 2016; Antonini et al., 2017a;

Vynatheya & Hamers, 2022; Stegmann et al., 2022).

In reality, these two camps of formation channels are not strictly disparate, in

particular, there are observational hints that the formation of close pairs of ‘isolated’

binary stars requires dynamical interactions (e.g., Ramı́rez-Tannus et al., 2021; Stoop

et al., 2023).

Source properties and their distinguishing power

The source properties of double compact objects (i.e., the total mass, mass ratio,

spin properties, and eccentricity) shape the waveform of the GW signal they emit.

The leading contribution to the waveform comes from the mass of the system, which

determines the frequency at which the merger occurs (more massive mergers occur at

lower frequencies). The component masses do not follow directly from the waveform,

instead we measure the chirp mass Mchirp = (m1m2)3/5/(m1 +m1)1/5, where m1 > m2 are

the component masses. Because higher-mass systems are louder, they can be detected

out to larger distances. For this reason current GW detectors are biased in favor of more

massive systems (e.g., Fishbach & Holz, 2017), but next-generation detectors will not

be bothered by this selection bias (see Section 6.1, and Vitale, 2016). Estimates of the

mass ratio and spins are complicated due to a well-known degeneracy between the two

(a large spin produces the same waveform as an unequal mass ratio e.g., Baird et al.,

2013). Spins are better constrained for more unequal mass ratios (Vitale et al., 2014,

2017), in part because unequal mass ratios excite higher order harmonics, which helps
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Figure 1.2: Cartoon depictions of the many channels that have been proposed to lead
to merging double compact object formation. See text for details.

to break the degeneracy. As double compact objects lose angular momentum through

GWs they circularize. Their eccentricity is typically small by the time they enter the

LIGO-Virgo-KAGRA (LVK) frequency band. Ground-based detectors are thus not

effective at measuring eccentricity, and it is necessary to move to lower frequencies (like

those accesible with LISA Robson et al., 2019, see also Section 6.2).
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The precision to which source properties can be estimated depends largely on

the signal to noise ratio S/N, which is set by the signal amplitude, and the detector

sensitivity. As detectors improve, so will the number of systems measured with high

S/N. These improvements will be particularly significant for properties that leave weaker

imprints on the waveform, such as the mass ratio and spin distributions (e.g. Knee et al.,

2022).

Formation channels can potentially be distinguished by the imprints they leave

on the source properties of merging double compact objects. Identifying the dominant

formation channel is currently a major focus in the field of GW astronomy (e.g. Rodriguez

et al., 2016; Arca Sedda, 2020; Wong et al., 2021a; Zevin et al., 2021; Bouffanais et al.,

2021; Stevenson & Clarke, 2022; Godfrey et al., 2023). The myriad of physical processes

involved in different formation channels indicate that GW astronomy has great potential

to provide new insights on a broad range of topics, including the physics of binary

interactions, the rate of massive star formation throughout cosmic history, and the

structure and abundance of nuclear and globular clusters, as well as AGN disks. Despite

the large number of formations channels that have been proposed, virtually all3 channels

depend crucially on their direct ancestors: massive stars.

1.3 Massive (binary) stars
Massive stars (defined as stars with zero age main sequence (ZAMS) masses

≥ 10 M⊙.) impact nearly every part of modern astrophysics; they shape our Universe

through the ionizing radiation that they emit, and drive the chemical evolution of the

Universe that enables the formation of complex molecules, ultimately facilitating the

3with the exception of primordial BH
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formation of all complex molecules we encounter in our every-day life.

• The first stars were massive and metal poor (see review by Bromm & Larson,

2004), and are thought to be responsible for the reionization of the Universe (see

reviews by Barkana & Loeb, 2001; Loeb & Barkana, 2001). The hard ionizing

emission from the stipped-star descendants of massive stars further help ionize the

intergalactic medium (see Götberg et al., 2020, and references therein).

• Massive stars furthermore play a crucial role in the chemical evolution of the

Universe, as they are responsible for the production of the vast majority of

elements more massive than boron (see review by Arcones & Thielemann, 2023).

Elements up to iron are created though nuclear burning processes in the cores

of massive stars, though only a small fraction of this material is ejected into the

circum-stellar medium through winds and mass-transfer outflows (see e.g., Smith,

2014). S-processes in late burning phases can form elements heavier than iron.

They primarily occur in low-mass Asymptotic Giant Branch stars, but also to some

degree in WR stars (and even in chemically homogeneous stars Banerjee, 2021).

Most of the chemical enrichment from massive stars occurs postmortem; through

their explosive deaths known as supernova (SNe), and the merger event of their

remnant neutron stars.

• Massive stars also play a key role in the formation and evolution of galaxies. The

light from the first galaxies that are now being observed by the recently launched

James Webb space Telescope (JWST Gardner et al., 2006) is dominated by the

radiation from massive stars. SNe are furthermore a key driver of galactic winds,

which can quench star formation (e.g., Dekel & Silk, 1986; Springel & Hernquist,

10
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2003; Faucher-Giguère et al., 2011) and enrich the circum-galactic medium (e.g.,

Aguirre et al., 2001; Oppenheimer & Davé, 2006; Fielding et al., 2017)

• Lastly, the compact-object remnants that they leave behind are interesting in

their own right. Neutron stars and stellar-mass black holes result in a myriad of

astronomical phenomena ranging from jets to tests of general relativity. (Lattimer

& Prakash, 2004; Vidaña, 2018; Bambi, 2018; Krishnendu & Ohme, 2021). Their

mergers have recently led to the discovery of GW, which is the central topic of this

thesis.

The cosmic star-formation rate of massive stars

The time spanned between the birth of a binary star system and the moment of

double compact object merger is known as the delay time, and can range from Myr to

many Gyr. The mergers we observe today can thus originate from stars that formed at

very high redshift. Hence, in order to make predictions for the merger rates of double

compact objects, we need to account for the star-formation rate throughout cosmic

history. Moreover, birth metallicity plays an important role in the evolution of massive

stars (e.g. Maeder, 1992; Vink et al., 2001a; Vink & de Koter, 2005; Mokiem et al., 2007;

Gräfener & Hamann, 2008; Vink & Sander, 2021). These effect propagate to the yield of

double compact object formation, which is a strong function of metallicity (in particular

more massive systems can only be formed at low metallicity Belczynski et al., 2010a;

Mapelli et al., 2010; Giacobbo et al., 2018). Consequently, models of double compact

object formation are sensitive to the metallicity-dependent cosmic star formation history

(see Chapter 4, and the review by Chruślińska, 2022).
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Massive stars are not alone

Over the past decade, it has become increasingly clear that virtually all massive

stars (observationally classified as O- or early B-type stars)) are born with at least one

companion (e.g., Chini et al., 2012; Kobulnicky et al., 2014; Moe & Di Stefano, 2017;

Almeida et al., 2017; Price-Whelan et al., 2020; Kounkel et al., 2021; Daher et al., 2022).

Moreover, about 70% of O-type stars is part of a close binary system (with a < 10 AU)

that will at some point interact with their companion (Sana et al., 2012; Offner et al.,

2022). The closest binary stars (with orbital periods less than a few days) will interact

through tidal forces. Moreover, the majority of binary systems on separations smaller

than about 1000 R⊙ (or orbital periods less than about a few years), will at one point

interact with their companion through mass transfer. As stars evolve and swell up, they

can expand beyond the gravitational equipotential surface (the so-called ‘Roche Lobe’),

causing mass to flow toward its companion (known as Roche-lobe overflow, RLOF). Such

mass transfer events are ubiquitous, and the outcome of the interaction is decisive for

the evolution and fate of the stars involved.

Mass transfer can broadly be classified as dynamically stable or unstable. Although

the details of mass-transfer stability are complex (e.g., Woods & Ivanova, 2011; Pavlovskii

et al., 2017; Klencki et al., 2021), this distinction is commonly made based on the

response to mass loss of the Roche lobe radius (ζRL = d log RRL/d log M) and the radius

of the donor star (ζ⋆ = d log R⋆/d log M). Mass transfer is dynamically stable if ζ⋆ ≥ ζRL,

and unstable otherwise. During stable mass transfer or RLOF, the companion star

has time to possibly accrete (part of) the donated companion envelope. How much of

the donated mass is accreted by its companion, and the specific angular momentum

carried by the transferred mass, determine the orbital evolution (e.g., Soberman et al.,
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1997). On the other hand, unstable mass transfer is expected to lead to a ‘common

envelope’ phase (see e.g., reviews by Ivanova et al., 2013a; Ivanova et al., 2020). This

will dramatically shrink the binary orbit, and lead to very close orbit systems, or even

stellar mergers.

MZAMS,A MZAMS,B

MBH,A

MBH,A MBH,B

M" B

Menv, A

Mcore, A

1st mass transfer

2nd mass transfer

MBH,A MBH,B

Stable mass transfer
(stable RLOF) channel

Common Envelope 
(CE) channel

median(aBBH) = 7.3 R⨀ median( aBBH) = 18.6 R⨀

Figure 1.3: Isolated binary channels can broadly be separated based on the stability of
mass transfer. Systems that experience only stable mass transfer are part of the ‘stable
mass transfer channel’, or stable RLOF channel. Systems that experience unstable mass
transfer and a following common envelope (CE) phase are considered part of the ‘common
envelope channel’. Figure adapted from van Son et al. (2022b)
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The dynamical stability of mass transfer has a significant impact on the final masses,

separations, and expected delay times for double compact objects (see also Chapter 3).

As a result, it plays a crucial role in the main subdivision of isolated binary formation

channels that lead to merging double compact objects (see Figure 1.3). Specifically,

isolated binary channels can broadly be divided between 1) the common envelope

channel (or CE channel, e.g. Belczynski et al., 2007a; Postnov & Yungelson, 2014a;

Belczynski et al., 2016a; Vigna-Gómez et al., 2018a), including BBH systems where the

progenitor system has experienced at least one phase of unstable mass transfer, leading

to a common envelope event, and 2) the stable Roche-lobe overflow channel (or stable

RLOF channel, e.g. van den Heuvel et al., 2017; Inayoshi et al., 2017; Pavlovskii et al.,

2017; Neijssel et al., 2019; van Son et al., 2022a; Briel et al., 2022b). The stable RLOF

channel contains all BBH systems that experience only stable mass transfer (i.e., that

do not experience CE events, and so it is the complement set of the CE channel). The

relative contribution of the CE and the stable RLOF channel to the observed population

of merging double compact objects is an active area of research (see e.g. Neijssel et al.,

2019; Bavera et al., 2021a; Marchant et al., 2021; Gallegos-Garcia et al., 2021).

The challenge of understanding massive stars

Though impactful, massive stars are difficult to observe while alive. Firstly, massive

stars are intrinsically rare as they are disfavored by the initial mass function (e.g.,

Kroupa, 2001). Second, massive stars live fast and die young: the more massive a star is,

the faster it will burn through its fuel (e.g., Pols, 2011). Because of their elusive nature,

only about a handful of stars with masses of more than 100 M⊙ have been detected so

far (e.g., Crowther et al., 2010; Bestenlehner et al., 2011). Massive stars are furthermore

difficult to model theoretically due to the enormous spatial and temporal range that
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they cover: the relevant densities span from about ρ = 10−9g/cm3 in the envelope to

ρ = 101g/cm3 in the core. Similarly, the timescales involved range from Myr during

H-burning, to sub-second timescales during SNe.

Due to the challenges in both observing and modeling massive stars, many open

questions remain about their birth, lives and deaths. These questions range from the

highly uncertain observed mass-loss rates that do not match theoretical predictions (e.g.,

Brands et al., 2022), to the final evolutionary stages of massive stars such as luminous

blue variables (e.g., Smith, 2017; Weis & Bomans, 2020), core-collapse supernovae

(Janka, 2012; Burrows & Vartanyan, 2021; Mezzacappa, 2023) and gamma-ray bursts

(D’Avanzo, 2015; Mészáros, 2019). Binary interactions most likely play a fundamental

role in each of these phenomena.

The new field of GW-astronomy is revealing a fossil record of these otherwise elusive

massive stars, leading to a second fundamental question:

What can gravitational-wave sources teach us about their stellar progenitors?

1.4 The emerging progenitor population puzzle
The early stages of GW astronomy have been packed with surprises and discoveries.

The first detection itself (GW150914 Abbott et al., 2016; Abbott et al., 2016a). was

a surprise for the scientific community since the existence of stellar-mass BHs with

masses exceeding 15 M⊙ had not been anticipated. As we move from the excitement

about individual sources to an era of ‘big data’, we can start to infer properties of the

underlying population. The first ∼ 90 observations of GW sources represent just the

starting pieces of a much larger puzzle that will continue to be unveiled in the coming
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decades. The hope is that different formation channels leave distinct imprints on the

observed population of GW sources, that will help us uncover their origins. In particular,

isolated binary channels are expected to carry signatures of the physical processes that

governed the lives of their massive stellar ancestors. The observed properties of merging

double compact objects, such as the overall merging rate, and the shape of the mass,

mass ratio, and spin distributions, can thus provide crucial clues about the underlying

physics. Below are two examples where observed features in the mass distribution of

binary black holes have been linked to the underlying stellar and binary physics, leading

to interesting new insights.

example 1: The Pair-Instability SN mass gap: Stellar theory predicts a gap

in the black hole mass function between approximately 45−80 M⊙ and 135−160 M⊙,

known as the pair-instability supernova mass gap (PISN mass gap, e.g., Heger &

Woosley, 2002; Woosley et al., 2002a; Woosley, 2017). The progenitor stars of these

BHs reach temperatures and densities in their centers that allow for electron-pair

production, triggering a premature collapse of the carbon-oxygen core that results in

an explosion that completely disintegrates the star (Fowler & Hoyle, 1964; Rakavy &

Shaviv, 1967; Barkat et al., 1967; Fraley, 1968). For helium cores of MHe ≳ 130 M⊙,

photo disintegration prevents the premature collapse of the core and we expect BHs

to form again (e.g. Bond et al., 1982; Heger & Woosley, 2002). PISN theory thus

predicts a mass gap in the distribution ofBHmasses. The expected location of this

gap is remarkably robust against most uncertainties in stellar evolution, but is only

sensitive to the 12C(α, γ)16O reaction rate (Takahashi et al., 2018; Farmer et al.,

2019; Farmer et al., 2020; Renzo et al., 2020; Marchant & Moriya, 2020a). This has

renewed interest in constraining this rate (Mehta et al., 2021; Farag et al., 2022;
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Shen et al., 2023), and it has conversely been suggested that an observed mass gap

in GW sources can be used to assess its value (Farmer et al., 2020). Initial GW-

detections supported a dearth of BHs with masses above 45 M⊙ (Fishbach & Holz,

2017; Abbott et al., 2019b), but more recent observations have shown that this ‘gap’

is not empty (Abbott et al., 2021f). Since PISN theory predicts that isolated binaries

cannot form BHs in this mass range, other formation channels have been suggested

to explain the low but non-zero rate of mergers in the gap (see Chapter 2). This

is one of the key assumptions in studies that aim to constrain the contribution of

different formation channels to the overall population of merging BBHs (e.g., Arca

Sedda et al., 2020a; Baibhav et al., 2020; Zevin et al., 2021; Wong et al., 2021a).

It remains an open question whether the PISN mass gap has been observed in the

population of merging BBHs, but near-future observations, such as those in O4, will

help address this question.

example 2: The NS-BH mass gap: Early studies on the mass distribution of

BHs based on X-ray binary observations suggested an absence of black holes in the

2-5 M⊙ range (e.g., Bailyn et al., 1998; Fryer & Kalogera, 2001; Özel et al., 2010;

Farr et al., 2011). However, this idea of a gap between the most massive neutron

stars and the least massive black holes, also known as the ’NS–BH mass gap,’ has

been a topic of active debate ever since it was first suggested due to expected obser-

vational and evolutionary selection biases (e.g., Kreidberg et al., 2012; Wyrzykowski

& Mandel, 2020; Jonker et al., 2021; Siegel et al., 2022). Nonetheless, multiple

theoretical models have been proposed to explain this gap as the result of a dis-

continuous remnant-mass distribution, driven by either the supernova engine (Fryer

et al., 2012, 2022) or the progenitors’ density profile which determines if a supernova
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fails (Kochanek, 2014, 2015). Recent GW observations show tentative evidence for

a relative dearth of merging BBHs with component masses between 3−5 M⊙ (Farah

et al., 2022; Ye & Fishbach, 2022; Biscoveanu et al., 2022). Some studies have linked

this observed dearth of low-mass BHs observed in GWs to the underlying supernova

engine (e.g., Zevin et al., 2020; Olejak et al., 2022). However, it is important to note

that the population of GW sources is also a biased population and should receive

equal, if not more scrutiny over its evolutionary selection effects as X-ray bright

sources. In Chapter 5 we show how binary evolution alone can produce a dearth of

low-mass BHs without invoking a discontinuous remnant-mass distribution, under-

lining the importance of understanding the effects of binary evolution.

To achieve our goal of using GW-sources to learn about their stellar ancestors,

we must simulate populations of double compact objects that can be compared to

observations. However, modeling their progenitor stars is challenging given the significant

uncertainties associated with the evolution of massive stars. Assumptions about physical

processes like stellar winds, SN physics, and mass transfer stability can vary greatly, and

the large range of temporal and spatial scales involved makes it impossible to model

many binary-star systems from first principles without incurring computational costs

that are currently out of reach (see Section 1.3). To efficiently explore the uncertainties

of massive binary star physics, we require a tool for rapidly simulating a range of

assumptions. This is precisely the objective of rapid population synthesis simulations.

Rapid binary population synthesis simulations

The essence of rapid population synthesis simulations is to model large populations of

binary stars by combining prescriptions for the evolution of single stars with prescriptions

18



CHAPTER 1. INTRODUCTION

for binary interactions. These simulations aim to produce predictions that can be

compared to observations, ranging from expectations for stellar populations (such as the

number of wide binaries) to transient event rates (like types of SNe or GW sources).

Observationally motivated distributions are used to sample the initial conditions of

binary stars such as masses, period, and metallicity (althrough adaptive importance

sampling can be used to improve computational efficiency, see e.g., Broekgaarden et al.,

2019). Some of the earliest works that follow this approach are; the Scenario Machine

Lipunov et al. (1996a,b, 2009), IBiS (Tutukov & Yungelson, 1996), SeBa (Portegies

Zwart & Verbunt, 1996; Portegies Zwart & Yungelson, 1998; Nelemans et al., 2001b;

Toonen et al., 2012), and the Brussels population number synthesis code (Vanbeveren

et al., 1998; De Donder & Vanbeveren, 2004).

Today, the most commonly used analytical formulae for single-star evolution are

those from Hurley et al. (2000), which are based on evolutionary models by Pols et al.

(1998). Combined with the binary evolution models from Hurley et al. (2002), this forms

the basis for the majority of contemporary binary population synthesis codes, including

BSE itself (Hurley et al., 2000, 2002), StarTrack (Belczynski et al., 2002, 2008, 2020),

binary c (Izzard et al., 2004, 2006, 2009), MOBSE(Giacobbo & Mapelli, 2018; Giacobbo

et al., 2018), COSMIC (Breivik et al., 2020), and COMPAS (Riley et al., 2022a). Codes

such as BPASS (Eldridge et al., 2017; Stanway & Eldridge, 2018) take a similar approach

as the aforementioned codes, but base their single-star evolution on a grid of detailed

stellar evolution tracks, that is computed using the STARS code (Eggleton, 1971; Pols

et al., 1995; Eldridge & Tout, 2004). Other approaches similarly include generating large

libraries of evolutionary tracks to that can be interpolated, such as is done in ComBinE

(Kruckow et al., 2018), SEVN (Spera et al., 2015; Mapelli, 2020; Iorio et al., 2022), and
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METISSE (Agrawal et al., 2020, 2023). Lastly, POSYDON (Fragos et al., 2022) incorporates

full single-stellar and binary evolution modeling, using MESA evolutionary models, but

this requires a lot more input, and is currently only available at one metallicity.

The main code applied in this thesis is COMPAS (Riley et al., 2022a). In addition

to its binary evolution models, COMPAS also includes post-processing tools to study

the evolution of populations over cosmic time (i.e., ‘cosmic integration’, see Chapter 4

and Neijssel et al., 2019). These tools can place binaries in a cosmological framework

by linking birth metallicities to a metallicity-dependent cosmic star formation history,

enabling us to make predictions for the double compact object merger rate distributions

at different redshifts.

When is population synthesis an appropriate tool?

“All models are wrong but some are useful.” - George E. P. Box

It is important to keep in mind that all rapid population synthesis models heavily

rely on crude assumptions for the underlying stellar physics. These uncertainties lead to

many degeneracies in the results, and as a consequence, rate predictions can vary widely

between studies (see Mandel & Broekgaarden, 2022). This implies that population

synthesis can lead to ‘the right answer for the wrong reasons’, much like how some

puzzle pieces can fit into several places, even if they do not make sense in the overall

picture.. Therefore, population synthesis models are poorly equipped to measure an

isolated parameter, and they will not answer questions like “what is the value of αCE”?

(a parameter that is commonly used to estimate the outcome of a CE event). While

population synthesis simulations may not provide ‘the one true solution’, they can be

valuable for exploring the effect of certain physics assumptions on observable predictions.
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In particular, it can be an extremely useful tool to I) isolate the effects of the certain

assumptions in a way that is similar to a controlled laboratory setting, and II) tease out

universal truths that are valid regardless of all the model uncertainties. In this thesis

we aim to use both of these methods to gain insight into massive binary star evolution

through GW observations.

1.5 Thesis outline
This thesis aims to assemble the first pieces of the progenitor population puzzle,

as laid out by the the first three catalogs of GW sources. We apply a combination of

numerical population synthesis models (using COMPAS as our main tool), and analytical

models to build intuition for the complex phenomena involved.

Chapter 2 Polluting the pair-instability mass gap for binary black holes

through super-Eddington accretion in isolated binaries - in this chapter we examine

whether BHs in isolated binaries can pollute the PISN mass gap by accreting a significant

fraction of their stellar companion’s envelope. We explore extreme assumptions about

the accretion physics and allow for significantly super-Eddington accretion. We show

how the classical isolated binary formation scenario does not contribute significantly to

the pollution of the pair-instability mass gap, despite these extreme assumptions.

Chapter 3 The redshift evolution of the binary black hole merger rate: a weighty

matter - aims to link delay times of merging BBHs to observables, such as the mass

distribution. We distinguish between the CE channel and the stable RLOF channel,

and find that each channel forms distinct mass and delay time distributions. Namely,

the CE channel primarily forms lower mass BBHs (with primary masses ≲ 30 M⊙), and
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shorter delay times (tdelay ≲ 1 Gyr), while the stable RLOF channel can also form more

massive systems, and skews towards longer delay times. We use these findings to make

predictions for the redshift evolution of the mass distribution for each formation channel.

Chapter 4 The locations of features in the mass distribution of merging binary

black holes are robust against uncertainties in the metallicity-dependent cosmic star

formation history. - In this chapter we introduce a simple analytical function for the

metallicity-dependent cosmic star formation history (S(Z, z)). The advantage of this

function is that the parameters link to its shape in an intuitive way, which makes is easy

to interpret variations. We use this function to systematically explore the effect of the

S(Z, z) parameters on the mass distribution of merging BBH, and find that it does not

affect the location of peaks in the mass distribution. This is promising as it implies that

the locations of features can help constrain physics of their stellar progenitors.

Chapter 5 No peaks without valleys: The stable mass transfer channel for gravitational-

wave sources in light of the neutron star–black hole mass gap. - In this chapter we

explore the origin of the global peak of the merging BBH mass distribution at ∼ 9 M⊙.

The location of this peak is tied to a dearth of BHs with masses just below 9 M⊙,

reminiscent of the NS–BH mass gap. We show how binary-evolution effects alone are

sufficient to explain the location of this peak. In particular we show that the stable mass

transfer channel is inefficient at forming BBH mergers with more massive components

below about 6 M⊙. This results in a dearth of low-mass BHs without the need for a

discontinuous remnant-mass distribution.
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CHAPTER 2. PISN MASS GAP EVENTS FROM ISOLATED BINARIES

Abstract
The theory for single stellar evolution predicts a gap in the mass distribution of

black holes (BHs) between approximately 45–130 M⊙, the so-called “pair-instability

mass gap”. We examine whether BHs can pollute the gap after accreting from a stellar

companion. To this end, we simulate the evolution of isolated binaries using a population

synthesis code, where we allow for super-Eddington accretion. Under our most extreme

assumptions, we find that at most about 2% of all merging binary BH systems contains

a BH with a mass in the pair-instability mass gap, and we find that less than 0.5% of

the merging systems has a total mass larger than 90 M⊙. We find no merging binary

BH systems with a total mass exceeding 100 M⊙. We compare our results to predictions

from several dynamical pathways to pair-instability mass gap events and discuss the

distinguishable features. We conclude that the classical isolated binary formation

scenario will not significantly contribute to the pollution of the pair-instability mass gap.

The robustness of the predicted mass gap for the isolated binary channel is promising

for the prospective of placing constraints on (i) the relative contribution of different

formation channels, (ii) the physics of the progenitors including nuclear reaction rates,

and (iii), tentatively, the Hubble parameter.

2.1 Introduction
Gravitational-wave detections are starting to reveal the properties of the population

of merging binary black holes (BBHs). From the first gravitational-wave detections we

learned that heavy black holes with masses ≳ 30 M⊙ exist (Abbott et al., 2016b; Abbott

et al., 2019a,b), which is well above the typical mass for BHs found in X-ray binaries in

our galaxy (e.g. Özel et al., 2010; Farr et al., 2011).
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These gravitational-wave detections yield unique information about the physics

that governed the lives and deaths of their massive stellar progenitors. The first ten

gravitational-wave detections already support a dearth of BBH mergers with component

masses greater than 45 M⊙ (Fishbach & Holz, 2017; Abbott et al., 2019b). It has been

suggested that this dearth can be attributed to so-called Pair-instability supernova (or

PISN, Belczynski et al., 2016e; Woosley, 2017; Stevenson et al., 2019).

The theory of stellar evolution predicts that massive stars can end their lives as BHs

with masses up to about MBH,max ≈ 45 M⊙ (e.g. Heger & Woosley, 2002; Woosley et al.,

2002a; Woosley, 2017; Farmer et al., 2019; Renzo et al., 2020). Progenitor stars with

initial masses between 100 M⊙ and 140 M⊙ which potentially produce BHs with masses

above MBH,max ≈ 45 M⊙, become unstable due to the production of electron-positron

pairs in their cores. This leads to the explosive ignition of oxygen, resulting in complete

disintegration of the star in a pair-instability supernova (PISN, Fowler & Hoyle, 1964;

Rakavy & Shaviv, 1967; Barkat et al., 1967; Fraley, 1968). Photodisintegration prevents

the explosion of the most massive progenitors, with final helium cores of MHe ≳ 130 M⊙,

thus allowing for BH formation with masses in excess of 130 M⊙ (e.g. Bond et al.,

1982; Heger & Woosley, 2002). Stellar theory thus predicts a gap in the black hole

mass function between approximately 45 and 130 M⊙, referred to as the pair-instability

supernova mass gap (or PISN mass gap).

Farmer et al. (2019) and Renzo et al. (2020) show that the predictions for the

existence and the location of the pair-instability mass gap are remarkably robust.

However, uncertainties in the nuclear reaction rates have a significant effect on MBH,max,

though they merely shift the location of the gap, and do not affect its existence. The fact

that a robust and quantitative prediction exists for the final remnant masses of very mas-
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sive stars is remarkable given how little is known about the lives of the most massive stars.

This prediction of a gap leads to many applications of MBH,max. For example,

Farr et al. (2019b) (following Schutz, 1986; Holz & Hughes, 2005) argue that if the

BH mass distribution is truly shaped by PISN, MBH,max could be used as a standard

siren for cosmology. Farmer et al. (2020, in prep.) show that the location of MBH,max

can be used to constrain stellar physics, in particular the uncertain nuclear reaction

rate of 12C(α, γ)16O. It has also been suggested that the existence of a mass gap can

help to determine the relative contribution of different formation channels to the overall

population of BBHs (Arca Sedda et al., 2020a; Baibhav et al., 2020).

2.1.1 The scope of this work

In this work, we consider the possibility of forming BBH mergers where at least

one of the components has a mass within the PISN mass gap, which we will refer to as

“PISN mass gap events” hereafter, via the classic isolated binary channel. The classical

isolated binary evolution channel for BBH mergers considers the evolution of stars that

are born as members of an isolated binary system and experience a common-envelope

(CE) phase (Postnov & Yungelson, 2014a; Belczynski et al., 2016a; Eldridge & Maund,

2016; Lipunov et al., 2017).

We compare our results to predictions from dynamical pathways to PISN mass gap

events. For this purpose, we adapt an existing population synthesis code, and we allow

BHs to accrete mass from a stellar companion assuming the Eddington accretion rate

can be exceeded during either a stable mass-transfer phase or during a common envelope

event. We investigate the implications for the final masses of the merging BBH population.
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This paper is structured as follows: we give an overview of different pathways to

PISN mass gap events in Section 2.2. We describe our simulations in Section 2.3. The

resulting predictions for populations of BHs are presented in Section 2.4. We compare

our results to predictions from dynamical pathways to PISN mass gap events and discuss

the distinguishable features in Section 2.5. We then discuss the robustness of our results

in Section 2.6, and provide a summary of our conclusions in Section 2.7.

2.2 Forming PISN mass gap events
The formation of BBH mergers can be broadly divided into two channels, those

originating from isolated binary evolution, and those that require dynamical interaction.

We provide a brief overview of how each channel may contribute to the pollution of the

PISN mass gap.

2.2.1 Forming PISN mass gap events through the classic iso-

lated binary channel

In this paper we investigate whether the classical isolated binary evolution channel

can contribute to the rate of PISN mass gap events. The first born BH in the classical

isolated binary evolution channel may accrete mass from its companion star as this star

evolves and swells to fill its Roche lobe.

In most population synthesis simulations of compact object mergers, accretion onto

the compact object is assumed to be limited by the Eddington rate (e.g. Belczynski

et al., 2002; Vigna-Gómez et al., 2018a; Neijssel et al., 2019; Spera et al., 2019a). Though

exceptions exist, see for example Belczynski et al. (2008) and Mondal et al. (2019).
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The Eddington rate is defined as the threshold where radiation pressure from the

accretion luminosity halts the inflow of material in the case of spherical accretion.

Assuming pure hydrogen accretion;

ṀEdd = 4π G mp M
ϵ c σT

≈ 10−8
(

M

M⊙

) [
M⊙

yr

]
, (2.1)

with G the gravitational constant, mp the proton mass, M the mass of the accreting

object, c the speed of light, and σT the Thompson scattering cross section (Eddington,

1926). We have assumed an accretion efficiency of ϵ = 0.1 (Frank et al., 2002).

When considering BHs that can accrete from a companion star, the duration of the

mass transfer phase is typically short (at most of the order of the thermal timescale

of the donor star in the case of stable mass transfer and of the order of the dynamical

timescale during a common envelope inspiral) and never longer than about 10 Myr,

which is longer than the typical lifetime of massive stars. For these short durations the

Eddington limit poses a very severe restriction on the amount of mass that a BH can

accrete, as Eq. 2.1 shows. For example, a typical BH of MBH ≈ 10 M⊙ cannot accrete

more than a solar mass in 10 Myr if its accretion is limited at the Eddington rate.

Whether or not the Eddington rate poses an absolute limit to the rate at which BHs

can accrete is matter of debate. First of all, it is based on several idealized assumptions,

such as spherical accretion, that are typically not valid. If a BH accretes through a

‘slim’ accretion disk, the photons may escape without preventing accretion onto the BH

(e.g. Abramowicz et al., 1988; Jiang et al., 2014; Madau et al., 2014; Volonteri et al.,

2015). At high accretion rates, larger than approximately 10 × Ṁedd, photons may be

trapped, and advected into the black hole (e.g. Popham et al., 1999; Wyithe & Loeb,
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2012; Sadowski & Narayan, 2015; Inayoshi et al., 2016). It is uncertain how accretion

proceeds in such cases, but Inayoshi et al. (2016) argue that mass accretion in excess of

5000 times the Eddington accretion rate could occur, and can proceed stably.

Secondly, super-Eddington accretion has been suggested as the most natural

explanation for a wide range of astronomical phenomena. For example in the context of

the rapid growth of super-massive BHs in galactic nuclei (e.g. Volonteri & Rees, 2005;

Pezzulli et al., 2016; Johnson & Haardt, 2016, and references therein). But also in the

case of ultra luminous X-ray pulsars (Bachetti et al., 2014; Israel et al., 2017) and the

galactic source SS 433 (see Fabrika, 2004, for a review).

The uncertainties related to the applicability of the Eddington rate pose an

uncertainty on the predictions for binary black hole populations and therefore on the

robustness of the prediction of the existence of the PISN mass gap. In this work we

consider whether and how the possibility of super-Eddington accretion can lead to PISN

mass gap events.

2.2.2 Pathways to pollute the PISN mass gap requiring dynam-

ical interaction

Various other pathways have been proposed to create PISN mass gap events. Here,

we provide a brief overview of these potential alternative pathways.

Consecutive mergers of BHs

The pathway that has been most extensively studied so far with regards to

PISN mass gap events involves multiple consecutive mergers of BHs. These may

occur in very dense environments where the escape velocities are large, and BBH
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can form dynamically. High escape velocities are required to retain the BBH-merger

product within the formation environment, thereby enabling a consecutive BH merger

(Schnittman & Buonanno, 2007; Baker et al., 2007). Gerosa & Berti (2019) estimate

that an escape speed of about ≳ 50 km s−1 is required to produce PISN mass gap events

through consecutive BH mergers. Promising sites are nuclear star clusters (Antonini

et al., 2019a) and the disks of active galactic nuclei (McKernan et al., 2014b, 2018b;

Secunda et al., 2019; Secunda et al., 2020), where BHs may assemble in migration traps

(Bellovary et al., 2016; Yang et al., 2019b; McKernan et al., 2020b).

Globular clusters have also been proposed as sites to create PISN mass gap events

through consecutive mergers (Rodriguez et al., 2019a). However, their contribution

may be low due to their low escape velocities. Globular clusters can only contribute

significantly to the production of PISN mass gap events if the BHs are born with low

spin (Rodriguez et al., 2019a), which minimizes the BBH merger-recoil.

Fallback of a H-rich envelope

An alternative idea involves a star with a final He core mass just below the limit for

pulsational pair-instability, i.e. with MHe ≲ 35 M⊙, and an overmassive hydrogen-rich

envelope (Woosley et al., 2007; Spera et al., 2019a). If such a star would (i) retain a

hydrogen envelope that is substantially more massive than 10 M⊙ until its final stages,

and (ii) the envelope of this star would fall onto the BH, then the total mass of the

resulting BH could exceed the PISN limit.

Woosley et al. (2007) find BH masses of up to 65 M⊙ in their models for single stars,

when assuming strongly reduced stellar winds and complete fallback of the hydrogen

envelope. Di Carlo et al. (2020a) propose to produce hydrogen-rich progenitors with core
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masses near the PISN limit through the merger of two stars in a binary system (see also

Di Carlo et al., 2019; Vigna-Gómez et al., 2019; Mapelli et al., 2020). They argue that

such stellar mergers may be prevalent in globular clusters as the result of dynamical

encounters.

To be detectable as a PISN mass gap event, these BHs need to pair up with another

BH, which may be possible inside young stellar clusters (Di Carlo et al., 2019, 2020a).

The predictions for this channel are considered to be uncertain because these stellar

mergers are not well understood (Justham et al., 2014; Menon & Heger, 2017) and since

it is unclear whether the hydrogen envelope will fall back onto the BH (e.g. Nadezhin,

1980; Lovegrove & Woosley, 2013; Wu et al., 2018).

Accretion from the interstellar medium

Roupas & Kazanas (2019) explore the limits of BHs fed by the interstellar medium

(ISM), based on earlier work from Leigh et al. (2013). They assume that BHs in

young stellar clusters accrete all the gas from their formation environment. These

BHs subsequently form BBH pairs in the cluster through dynamical interactions.Their

simulations suggest that it is possible to populate the PISN mass gap through this

pathway, although their results depend heavily on the assumed cluster mass and gas

density, as well as the gas depletion time-scale.

Primordial BHs

So far we have implicitly assumed the BHs to be of stellar origin. BHs have been

hypothesized to be of primordial nature, in which case they are formed as a result of

fluctuations in the early Universe (Zel’dovich & Novikov, 1966; Hawking, 1971). In

principle, such BHs could populate the PISN mass gap, since there is no reason to expect
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a sudden absence or reduction of BHs in this mass range (Carr, 1975; Bird et al., 2016;

Sasaki et al., 2016; Raidal et al., 2017; Dvorkin et al., 2018). Primordial BHs also have

to dynamically find a companion BH to form a PISN mass gap event.

2.3 Method
For this study we use the rapid population synthesis code that is part of the

COMPAS suite. A full description of the code can be found in Stevenson et al. (2017);

Vigna-Gómez et al. (2018a); Broekgaarden et al. (2019). Here we give a brief summary

with an emphasis on the physics relevant for this study.

2.3.1 Initial parameters

We assume the masses of the initially more massive stellar components (the primary

M1) are distributed following a Kroupa (2001) initial mass function and draw masses in

the range 20 - 150 M⊙. The binary systems are assumed to follow a uniform distribution

of mass ratios (0.001 ≲ q = M2/M1 < 1.0) where the lower limit is set by the minimum

mass of the initially less massive component (the secondary component, M2 ≥ 0.1 M⊙).

The initial binary separations are furthermore assumed to follow a distribution of orbital

separations that is flat in the logarithm (Öpik, 1924) in the range 0.01 − 1000 AU.

Binary systems that fill their Roche lobe at zero age main sequence are discarded.

All simulations assume a metallicity of Z = 0.001, chosen to represent a typical low

metallicity environment in which heavy black holes can form (Belczynski et al., 2010b;

Stevenson et al., 2017) and to be consistent with Farmer et al. (2019). In Section 2.4.4,

we discuss why adopting a single metallicity is sufficient for the purposes of this study.

To optimize computing time, we use the adaptive sampling algorithm STROOPWAFEL
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(Broekgaarden et al., 2019) to draw the initial parameters of the binaries. This algorithm

consists of an exploration phase to draw massive binaries directly from their initial birth

distributions. After this, systems are drawn from reweighted distributions to optimize for

the number of systems that end as a BBH that will merge within a Hubble time. In total

we evolve 106 binaries for each considered model variation. This results in approximately

1.4 × 105 BBH systems in each model.

2.3.2 Evolution and mass loss

We model the evolution of individual binary systems with the algorithms by Hurley

et al. (2000, 2002) based on evolutionary models by Pols et al. (1995). We account for

stellar wind mass loss following Vink et al. (2000, 2001b), Hamann & Koesterke (1998)

and Vink & de Koter (2005), and we assume enhanced mass loss rates in the regime of

luminous blue variables following Belczynski et al. (2010a).

Compact objects and supernova kicks

The remnant mass is modeled as a function of the estimated carbon-oxygen (CO)

core mass at the moment of core collapse ( MCO). For MCO < 30 M⊙ we use the delayed

model from Fryer et al. (2012) to determine the remnant masses. For MCO > 30 M⊙ we

use the remnant mass prescription from Farmer et al. (2019) to account for the effects of

pair pulsations and pair-instability supernovae (see Appendix 2.11 for a comparison of

these two prescriptions). With this implementation the lower edge of the pair-instability

mass gap is located at MBH,max ≈ 43.5 M⊙, for a metallicity Z = 0.001.

To model supernova kicks, we draw kick velocities with random isotropic orientations

and kick magnitudes from a Maxwellian distribution (Hobbs et al., 2005). BH kicks

are subsequently reduced. For BHs resulting from progenitors with MCO < 30 M⊙ at
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the moment of core-collapse, BH kicks are reduced by the amount of mass falling back

onto them during the explosion mechanism, following Fryer et al. (2012). Since the

most massive BHs are thought to form without a supernova explosion, we assume no

supernova kick occurs for BHs resulting from progenitors with MCO > 30 M⊙.

Mass transfer

We account for mass transfer when a star overflows its Roche lobe, where the

Roche-lobe radius is approximated following Eggleton (1983). To determine whether

Roche-lobe overflow is stable we use an estimate for the response of the radius of the

donor star and its Roche lobe as a result of mass transfer (see e.g. Vigna-Gómez et al.,

2018a, and references therein).

During stable mass transfer onto a stellar companion we assume that the accretion

rate is limited to at most ten times the thermal rate of the accreting star (Neo et al.,

1977; Hurley et al., 2002). Material lost from the system is assumed to carry the specific

orbital angular momentum of the accreting star (e.g. Soberman et al., 1997; van den

Heuvel et al., 2017).

Unstable mass transfer is assumed to result in CE evolution (Paczyński, 1970;

Ivanova et al., 2013b). Successful CE ejection is allowed for donor stars that are in the

Hertzsprung gap (the optimistic approach to CE, following Belczynski et al., 2020). This

is consistent with Stevenson et al. (2019). We assume this shrinks the orbit following

the α, λ formalism as proposed by Webbink (1984) and de Kool (1990), using the fits

provided by Xu & Li (2010b,a) that account for the internal energy of the envelope.

If the donor star overflows its Roche lobe directly following a CE event, we assume

the binary was not able to eject its envelope and presume the system ends as a stellar
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merger.

2.3.3 Treatment of black hole accretion in this study

Here we consider different modes where we allow for the possibility of super-

Eddington accretion onto BHs, as we describe below. We adopt the assumption of

Eddington limited accretion in what we will refer to as our fiducial simulation (model 0).

Specifically, we limit the accretion onto compact objects to the Eddington rate as given

in Eq. 2.1.

In our first model variation (model 1) we allow for super-Eddington accretion during

phases of stable mass transfer when the accretor is a BH. We consider the extreme limit

where the black hole accretes all the mass provided by the donor star.

In our second model variation (model 2), we consider the accretion of mass onto

BHs during the inspiral phase of a CE event. Following the arguments first presented

in Chevalier (1993); Brown (1995); Bethe & Brown (1998) and later MacLeod &

Ramirez-Ruiz (2015), the mass accreted by the BH, ∆Macc, can be estimated as

Hoyle-Littleton accretion rate ṀHL times the duration of the inspiral time, ∆tinsp. This

gives

∆Macc ≈ ṀHL ∆tinsp ≈ MBH,birth · Mcomp

2 (MBH,birth + Mcomp) , (2.2)

where MBH,birth is the birth mass of the BH and Mcomp is the mass of the companion.

Equation 2.2 approximates the inspiral time as the ratio of the orbital energy to the drag

luminosity (i.e. Iben & Livio, 1993). Unlike MacLeod & Ramirez-Ruiz (2015), we do not

restrict the accreted mass due to microphysics or the envelope structure, implying that

our estimates for the final BH masses can be taken as extreme upper limits.
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Lastly, we also run a combined model (model 3) which allows for super-Eddington

accretion onto BHs during both stable mass-transfer phases and CE phases.

The assumptions adopted in our model variations are extreme by design. This

allows us to place an upper limit on the masses that stellar-mass BHs can reach. These

assumptions are intended to provide upper limits to the contribution of the isolated

binary evolutionary channel to PISN gap merger events.

We refer to our first model variation as model 1: ‘stable accretion model’, and to our

second model variation as model 2: ‘CE accretion model’. The combined model variation

is referred to as model 3: ‘combined model’.

Throughout this paper we will use ‘PISN mass gap systems’ as a shorthand for BBH

systems with at least one component with MBH > MBH,max. If a PISN gap system will

merge within a Hubble time due to gravitational waves, we refer to it as a ‘PISN mass

gap event’.

We adopt MBH,max = 45 M⊙ for the lower edge of the PISN mass gap. This value

is slightly higher than the MBH,max resulting from the simulations by Farmer et al.

(2019) at Z = 0.001, whose prescriptions we adopt to model the final remnant masses.

MBH,max = 45 M⊙ is thus chosen to represent a conservative limit for the lower edge of

the PISN mass gap. This value is also consistent with the limit used by Fishbach et al.

(2020).

2.4 Results
We describe our results for the individual component masses of BBH systems in

Section 2.4.1, and the effect on the mass ratios in Section 2.4.3. The distribution of total
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BBH masses is discussed in Section 2.4.2, and the estimated merger rates in Section 2.4.4.

2.4.1 Component masses

Figure 2.1 shows the distribution of individual BH masses for our fiducial (model

variation 0), stable accretion (model variation 1) and CE accretion model (model

variation 2). The top row of Figure 2.1 shows a cartoon depiction of the model variations

considered here. The primary BH mass, MBH,1, refers to the mass of the BH that

originates from the initially more massive star in the binary system. Similarly the

secondary BH mass, MBH,2, refers to the mass of the BH that originates from the initially

less massive star. The middle row displays all BBHs resulting from our simulations,

while the bottom row focuses on BBH systems that merge within a Hubble time due to

gravitational-wave emission.

Figure 2.1 (following page): Top: Cartoon depictions of the BH accretion phase of

binary evolution that is varied between the simulations. Middle: The final component

masses of the simulated BBH systems for the fiducial population (left column), the BH

population that accretes at super-Eddington rates during stable mass transfer (middle

column), and the BH population that accretes during CE events (right column). The

light blue shaded region bordered by dotted blue lines indicates the approximate location

of the PISN mass gap. Colors indicate the amount of mass accreted by one of the BH

components. Gray dots are systems where the BHs did not accrete any mass. The black

dotted line shows where MBH,1 = MBH,2. Bottom: same as middle, but only including

the BHs that merge within a Hubble time. Note that the BHs as shown are all those that

occur in our simulations; they are not weighted by their formation probability.
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Table 2.1.: Comparison of the full population of BBH (All) and the subset of those that
merge within a Hubble time (Merging). We provide the maximum BH ( MBH,max) for
individual BHs and the fractions of BBHs with at least one component more massive
than 30 and 45 M⊙ ( f30 and f45, respectively). The errors shown are an estimate of the
1–σ errors that result from the statistical sampling uncertainty , see Appendix 2.10 for
the derivation.

All Merging

f30 f45 MBH,max f30 f45 MBH,max

Model % % ( M⊙) % % ( M⊙)

0. Fiducial 35.5 ± 0.4 0.0 43 10.7 ± 0.1 0.0 42

1. Stable super-Eddington 44.0 ± 0.5 20.3 ± 0.2 103 7.89 ± 0.1 0.13 ± 0.03 90

2. Common envelope accretion 36.6 ± 0.4 0.63 ± 0.01 57 14.8 ± 0.1 1.33 ± 0.05 57

3. Combined 46.1 ± 0.4 20.7 ± 0.2 103 16.8 ± 0.1 2.35 ± 0.06 90

BBH systems are shown as gray points unless the first born BH accreted from

its companion. For the latter systems, the colors indicate the amount of mass that is

accreted by the first born BH through accretion from its stellar companion, ∆Macc.

We furthermore estimate the fraction of BBHs with at least one component more

massive than 30 and 45 M⊙, denoted as f30 and f45 respectively. We also quote the

maximum mass for individual BHs ( MBH,max) created in our simulations. The results for

all three model variations as discussed below are summarized in Table 2.1.

Fiducial model

The fiducial population does not produce any BBH systems with component

masses above MBH,max = 45 M⊙ (i.e. f45 = 0%), in agreement with earlier studies

(e.g. Belczynski et al., 2016e; Stevenson et al., 2019). This can be seen in the left-most

column of Figure 2.1 and in Table 2.1. In practice we find no BHs more massive than
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MBH ≈ 43 M⊙, which is the limit set by the remnant mass function as adopted in this

work (see Appendix 2.11).

We see that BBHs that have accreted mass (blue points in the left column of Figure

2.1) span the whole mass range, but have a slight preference for equal mass ratios. BHs

that are part of a merging BBH system prefer lower primary BH masses, MBH,1. The

BBH systems with the lowest mass MBH,1 primarily result from systems that interacted

early on in their stellar evolution. Further substructure in the MBH,1, MBH,2 distribution

is caused by their origin from different evolutionary channels (see e.g. Dominik et al.,

2012, for a discussion of different evolutionary channels).

The fraction systems containing a heavy BH, f30, is about a third for the full

population and one tenth for the population that merges. These values are relatively

large, this results from the fact that we have assumed a low value for the metallicity

Z = 0.001, which leads to reduced mass loss through stellar winds and the formation of

heavier black holes. This has been pointed out in earlier studies (e.g. Belczynski et al.,

2010a; Stevenson et al., 2017).

The Eddington limit severely restricts the amount of mass that is accreted, ∆Macc,

and BHs accrete less than about 0.01 M⊙ in this model. This confirms that accretion

cannot lead to PISN mass gap systems in the fiducial model.

The results obtained with our fiducial model are very similar to those presented in

Stevenson et al. (2019), who also used the COMPAS suite, with very similar assumptions

and initial conditions. Small differences arise from the different treatment of pulsational

mass loss and PISNe, which are discussed in Section 2.3 and Appendix 2.11).
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Model variation 1: Stable Accretion

Our first model variation, where we allow for super-Eddington accretion rates during

stable mass transfer, is shown in the central column of Figure 2.1. The population of

BHs experiencing stable mass accretion accretes between 0.1 and approximately 63 M⊙,

placing many BHs in the PISN mass gap. Note that the progenitors of accreting BHs

are commonly the initially more massive stars, since these typically evolve on a shorter

timescale. We find that approximately one fifth of all systems have at least one BH more

massive than 45 M⊙, i.e. f45 ≈ 20%.

The maximum amount of mass that BHs can accrete is limited by the available

matter rather than the accretion rate in this model. In practice the available matter

equals the mass of the donor’s envelope. The theoretical maximum for the most massive

BH in this model variation is therefore the maximum mass of a BH at birth, plus

the maximum envelope mass of the companion. The most massive BH formed in this

simulation is just over 100 M⊙ (i.e., MBH,max ≈ 103 M⊙), but we note that for the most

extreme masses, our simulations are affected by uncertainties resulting from sampling

effects.

The distribution shows a clear upward diagonal trend, similar to the fiducial

simulation but shifted to higher masses for MBH,1. This can be understood when

considering that higher-mass BHs generally come from higher-mass progenitors, which

typically have higher-mass companions. Higher-mass companions typically have more

massive envelopes and thus have more mass available to donate to the first born BH,

leading to a larger amount of accreted mass, ∆Macc, and a higher-mass primary BH,

MBH,1. At the same time, the higher-mass companions have larger cores and result in

higher-mass secondary BHs, MBH,2. Thus, the accreted mass (∆Macc) scales with the

42



CHAPTER 2. PISN MASS GAP EVENTS FROM ISOLATED BINARIES

final mass of the secondary BH, MBH,2.

Outliers to this main trend exist, as can be seen in the central column, middle

row of Figure 2.1 around MBH,1 ≈ MBH,2 ≈ 50 M⊙, and around MBH,1 ≈ 75 M⊙ with

MBH,2 ≤ 25 M⊙. In these cases, the massive stellar progenitor of the BH has already

lost most of its envelope due to winds. This occurs in systems where the mass transfer

happens at a later evolutionary stage of the donor star (i.e., case C mass transfer,

Lauterborn, 1970).

For conservative mass transfer, as we assume for accreting BHs in this model

variation, mass and angular momentum conservation dictate that the binary orbit

widens when the donor is less massive than the accretor, i.e. when the mass ratio is

reversed (e.g. Soberman et al., 1997). This is also true when we consider lower accretion

efficiencies and assume that the mass that is not accreted is lost with the specific orbital

angular momentum of the BH (see Appendix 2.9 and Section 2.6.1 for a discussion). We

find that the mass ratio is almost always reversed by the super-Eddington accretion in

this model variation, and thus also that the binary orbit widens in almost all cases.

Stable mass transfer thus widens BBH systems. Moreover, the more mass is

transferred, the wider the system becomes and therefore stable super-Eddington

accretion widens BBH systems significantly. Widening the orbit has a strong effect on

the gravitational-wave merger time, since it scales with the binary separation to the

fourth power (Peters, 1964). Sufficiently wide BBH systems cannot merge within a

Hubble time through gravitational waves alone.
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The most massive BH that is part of a BBH system that still merges within a

Hubble time has a mass of MBH ≈ 90 M⊙. The most massive systems ( MBH,1 ≥ 70 M⊙)

in the stable accretion model that still merge within a Hubble time experience a similar

evolution. Merging BBH systems after a long phase of stable super Eddington accretion

is only possible through a BH-kick from the secondary BH. A ‘lucky’ BH-kick can

increase the binary eccentricity to nearly 1, which radically reduces the gravitational

wave inspiral time (Peters, 1964). Significant BH-kicks are only implemented in our

simulations for relatively low mass CO cores (≤ 15 M⊙). Therefore this evolutionary

pathway is only possible for relatively extreme mass ratio BBHs. Whether such BBH

systems exist in nature furthermore depends on the physics of BH-kicks, which is a

matter of debate.

The vast majority of the affected systems do not merge within a Hubble time

(central column, bottom row of Figure 2.1). Only 0.1% of the merging BBH systems in

this model variation contain a BH with MBH ≥ 45 M⊙ ( f45 = 0.1 ± 0.03%). Moreover,

the bulk of PISN mass gap systems created in this model variation is not only too wide

to merge within a Hubble time, but is also too wide to be detectable through all planned

gravitational-wave detectors such as LISA (based on values from Ni, 2018).

Model variation 2: common envelope accretion

Our second model variation, which allows super-Eddington accretion onto BHs

during the inspiral phase of a CE event, is displayed in the right-most column of

Figure 2.1. This model does produce BHs with masses in the PISN gap, but the BHs are

not as massive as those resulting from our stable super-Eddington accretion model.

The amount that BHs can accrete in this model, ∆Macc, is regulated by Equation 2.2,
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which effectively limits the maximum mass that a BH can accrete to about 20 M⊙. We

illustrate this in Figure 2.2, where we plot MBH = MBH,birth + ∆Macc as a function

of the companion mass at the onset of the CE, for different values of MBH,birth. The

figure shows that only BHs with high birth masses can produce BHs with masses in the

PISN gap. The maximum potential BH mass is about 60 M⊙, but this mass can only

be achieved under optimal and idealized circumstances. In practice this limit is never

reached, both because of sampling effects, and because of stellar winds, which eject part

of the envelope before it can be transferred to the BH companion. In our numerical

simulations, the most massive BH formed is MBH,max ≈ 57 M⊙.

While this model does not favor the formation of extremely massive systems as

found in model variation 1, it does favor the formation of BBHs in tight orbits. A larger

number of affected systems can thus merge within a Hubble time through the emission

of gravitational waves with respect to the affected systems in model variation 1, as can

be seen in the bottom row of Figure 2.1.

Model variation 3: Combined

Our combined model variation leads to the combined effects of model variations 1

and 2, the stable accretion and CE accretion models respectively. More BBH systems

are affected by accretion in the combined model, and the fraction of PISN gap mergers

increases. However, it does not lead to a significantly larger MBH,max ≈ 103 nor a larger

BH mass among the merging BBH population, MBH,max ≈ 90 M⊙, than in our second

model variation. We find only about 2% PISN gap mergers where one of the BHs is more

massive than 45 M⊙, i.e. f45 ≈ 2.4%.
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Figure 2.2: The maximum mass for accreting BHs in model variation two, the CE
accretion model, following Equation 2.2 as a function of the companion mass at the
moment of Roche-lobe overflow. This illustrates that only BHs with a birth mass close to
the PISN gap can potentially accrete enough to end with a final mass in the gap.

2.4.2 Total mass distribution

Analysis of gravitational wave merger signals provides a more accurate determination

for the total mass of BBH mergers than for the individual BH masses. We therefore

show the distribution of the total BBH masses ( MBBH = MBH,1 + MBH,2) in Figure 2.3.

The distributions are normalized and the individual BHs are weighted according to

the distributions of their initial parameters. We have checked that the 1–σ statistical

sampling error is less than 0.001 for all bins. The blue-shaded region marks the location

of the PINS mass gap for equal mass systems.

We furthermore provide the maximum total BBH mass ( MBBH,max) and the fractions

of BBHs with a total mass MBBH higher than 60 M⊙ and 90 M⊙ ( fBBH,60 and fBBH,90

respectively, in Table 2.2.
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All BBHs

The top panel of Figure 2.3 shows the distribution for all BBHs formed in our

simulations, including those that are too wide to merge.

The assumptions we make in the second model variation (super-Eddington accretion

during CE) appear to have limited effect on the overall population of BBHs, and the

shape of the BBH mass distribution varies little between the fiducial and CE accretion

model (models 0 and 2).

Both the fiducial and CE accretion model avoid the PISN mass gap. For the fiducial

model MBBH,max ≈ 86 M⊙ and fBBH,90 = 0%. Although the maximum BBH system

mass MBBH,max ≈ 99 for the CE accretion model, fBBH,90 is only 0.1%.

As discussed in Section 2.4.1, the CE accretion model only produces BBH mergers

Figure 2.3 (following page): Top: Weighted distribution of the total BBH masses

( MBBH) from our fiducial simulation (filled gray), the stable super-Eddington accretion

(dashed pink line), the simulation allowing super-Eddington accretion during a CE phase

(dotted green line) and the combined model (solid orange line). All distributions are

normalized. The light blue region bordered by dotted lines indicates the approximate

location of the PISN gap assuming BHs of equal mass. Middle: The same as the top

panel, but restricted to BBH systems that are close enough to merge within a Hubble

time. Bottom: The same as the middle panel, but the population is re-weighted by the

detection bias from LIGO/Virgo (Fishbach & Holz, 2017). The 90% confidence intervals

of the observed MBBH values from Abbott et al. (2019a) are also shown as grey horizontal

lines, at arbitrary heights.
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Table 2.2.: The fractions of BBHs with a total mass MBBH higher than 60 and 90 M⊙ (
fBBH,60 and fBBH,90, respectively), and the maximum total BBH mass ( MBBH,max). The
errors shown are the 1–σ estimate of the statistical sampling uncertainty.

All Merging

fBBH,60 fBBH,90 MBBH,max fBBH,60 fBBH,90 MBBH,max

Model % % ( M⊙) % % ( M⊙)

0. Fiducial 23.1 ± 0.3 0.0 86 5.8 ± 0.1 0.0 84

1. Stable super-Eddington 32.2 ± 0.4 12.7 ± 0.2 144 2.6 ± 0.1 0.01 ± 0.00 95

2. Common envelope accretion 23.4 ± 0.3 0.11 ± 0.01 99 7.1 ± 0.1 0.36 ± 0.03 99

3. Combined 32.6 ± 0.3 12.2 ± 0.2 146 6.2 ± 0.1 0.45 ± 0.03 99

that are marginally in the PISN mass gap. Figure 2.3 shows that such marginal BBH

mergers do not stand out as PISN mass gap systems when MBBH is evaluated.

The stable accretion and combined model variations (models 1 and 3) both

display a clear tail of massive systems. The maximum total BBH mass extends to

MBBH,max ≈ 144 M⊙ in both models. We find that approximately 12.7% and 12.2% of

the BBH systems has a mass of MBBH ≥ 90 M⊙ for model variation 1 and 3, respectively.

All model variations peak in MBBH at approximately 30 to 40 M⊙.

Merging BBHs

The middle panel of Figure 2.3 only shows BBH systems that merge within a

Hubble time. The tail of massive systems from the stable accretion and combined model

variations is absent in the merging populations, since nearly all of these systems are too

wide to merge (as discussed in Section 2.4.1). We see that the subset of merging BBHs

from the first model variation (super-Eddington accretion during stable mass transfer) is

not significantly different from the fiducial population of merging BBHs. For both the
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fiducial and the first model variation fBBH,90 = 0% and MBBH,max ≈ 84 M⊙.

The second model variation (super-Eddington accretion during CE) affects the

subset of BBHs that merges more strongly than the first model variation. We see that

the peak of the merging distribution is shifted to higher masses with respect to the

fiducial population, which is reflected in the higher value of fBBH,60 ≈ 7.1%. In other

words, mass distribution of merging BBHs is shifted to higher masses in the CE accretion

model with respect to the fiducial distribution. This effect is also visible in the combined

model variation, which closely follows the merging BBH distribution of the CE accretion

model. Although the peak of the merging distribution is shifted to higher masses for

our second and third model variations, they do not produce a significant amount of

PISN mass gap events in terms of MBBH. Only about 0.36% and 0.45% of the merging

populations has a MBBH > 90 M⊙ for model variation 2 and 3.

Merging BBHs reweighted

In the bottom panel of Figure 2.3 we apply a simple re-weighting to the merging

distribution to account for the detection probability which scales approximately as

( MBH,1)2.2, following Fishbach & Holz (2017). In this panel, we show the 90% confidence

intervals of the observed MBBH values from Abbott et al. (2019a) at arbitrary heights

with horizontal grey lines. This shows that the total mass distribution as produced by

our fiducial model is able to form BBHs with total masses similar to the detections from

LIGO and Virgo’s first and second observing runs.

Re-weighting the distribution results in the largest deviations from the fiducial

simulation. In general the re-weighting has a flattening effect on the distribution of BBH

masses, since the massive end ( MBBH > 60 M⊙) of the distribution is boosted, while the
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intrinsic BBH distributions peak at low masses (approximately between 20 and 30 M⊙).

The small fraction of BBHs with masses in the PISN mass gap from the second and

third model variation becomes visible due to the re-weighting. However, we see that

BBH mergers with masses in the range 90 M⊙ ≤ MBBH < 100 M⊙ only constitute a few

percent of the re-weighted distribution. Moreover, none of the model variations produces

a merging BBH system with a mass of MBBH ≥ 100 M⊙.

We conclude that, despite our extreme assumptions regarding accretion onto BHs,

none of our model variations is able to significantly populate the PISN mass gap with

systems that merge in a Hubble time. Under our most extreme assumptions, we find

that in only about 0.45% of all cases, the BBH mass MBBH exceeds 90 M⊙.

2.4.3 Mass ratios

Figure 2.4 displays the cumulative distribution function of the mass ratio, q, defined

as the ratio of the less massive over the more massive BH. Figure 2.4 shows that the CE

accretion model leads to similar mass ratios as the fiducial model, but results in a slightly

larger fraction of mass ratios with q ≤ 0.35 when considering the merging population

(dash-dotted gray, and dotted green lines in Figure 2.4).

The stable accretion model and combined model (dashed pink, and solid orange

line in Figure 2.4) lead to a higher fraction of low mass ratio systems than the fiducial

model. For the combined model, we find that about 40% (50%) of all (merging) BBHs

have a mass ratio of q ≤ 0.5. For the fiducial model, we find that about 20% (40%)

of all (merging) BBHs have a mass ratio of q ≤ 0.5. Moreover, the stable accretion

model and combined model allow for more extreme mass ratios with respect to the

fiducial population, down to q ≈ 0.1. These low mass ratios are caused by accretion onto
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the first-born BH in the models where we allow for super-Eddington accretion. This

accretion increases the mass of the first-born BH, and thus leads to BBHs with lower

mass ratios.

The 90% confidence interval of observed mass ratios from LIGO/Virgo’s first and

second observing run are shown at the bottom right of Figure 2.4 (Abbott et al., 2016).

For most detections, the mass ratios are relatively poorly constrained. Of special interest

is the recently announced GW190412, which is the only system published so far with

significantly unequal masses, (q = 0.28+0.13
−0.07, Abbott et al., 2020, blue line in Figure 2.4).

The formation of systems with such mass ratios is more common in our models that

allow for super Eddington accretion. We find that about 30% of the merging fiducial

population has a mass ratio of q ≤ 0.41, which is the upper limit of the 90% confidence

interval for the mass ratio of GW190412. This fraction increases to 40% of the merging

BBH population for the combined model variation.

If we consider systems for which the individual masses coincide with the the

component masses inferred for GW190412 ( MBH,1 =29.7+5.0
−5.3 M⊙, MBH,2 =8.4+1.7

−1.0 M⊙,

Abbott et al., 2020), we find that 0.5% of the merging fiducial population coincides with

GW190412. This fraction increases to 3.6% for the merging population of the Combined

model. We further note that GW190412 shows evidence for spin, which may be expected

for the accreting BH. However, see Section 2.5.2 for a more in depth discussion of the

spins.

2.4.4 BBH merger rates

We briefly discuss simple estimates for the merger rates that can be obtained directly

from our simulations. For this we closely follow the procedure outlined by Dominik
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Figure 2.4: Cumulative distribution function of the mass ratio q, defined as the ratio of
the less massive over the more massive BH. The left panel shows all BBHs, while the right
panels displays only the BBH population that merges within a Hubble time. The 90%
confidence interval of observed mass ratios are shown as gray lines for observations from
LIGO/Virgo’s first and second observing run (Abbott et al., 2019a), and as a blue line
for GW190412. The CE accretion model has little effect on the mass ratio distribution
of BBHs. The stable accretion model variation and combined model variation shift the
mass ratios to lower values.

et al. (2012), detailed in Appendix 2.10. Table 2.3 provides an overview of the quantities

discussed here.

In this work, we consider simulations at a fixed metallicity of Z=0.001, representative

for the low metallicity environments in which heavy BBHs are believed to form (e.g.

Abbott et al., 2016b). By choosing a fixed low metallicity, we overestimate the BBH

formation rate and BBH merger rate. We furthermore assume the optimistic CE model

as discussed in Belczynski et al. (2020). The optimistic CE model tends to lead to an

overprediction of the BBH merger rate (e.g. Dominik et al., 2012). Stevenson et al.

(2017) find merger rates which are approximately 3 times lower for the pessimistic model

with respect to the optimistic model at Z = 0.001. Assuming the optimistic model, their
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Table 2.3.: Estimate of the BBH merger rates for our chosen fixed metallicity. We provide
the total number of BBHs formed per unit star-forming mass that merge within a Hubble
time, dNtH/dMSFR, and within 10 Gyr, N10/MSFR, respectively. The BBH merger rate for
a synthetic Milky Way-like galaxy (RMWG), the volumetric BBH merger rate Rvol, and
the volumetric merger rate for BBHs with a component MBH > 45 M⊙. The 1–σ estimate
of the statistical sampling uncertainty is shown whenever it exceeds 0.5% of the relevant
value.

NtH/MSFR N10/MSFR RMWG Rvol Rvol,45

Model ( M⊙· 10−5) ( M⊙· 10−5) (Myr−1) (Gpc−3yr−1) (Gpc−3yr−1)

0. Fiducial 2.3 2.2 77 ± 0.3 897 ± 4 0.0

1. Stable super-Eddington 2.4 2.3 81 ± 0.3 937 ± 4 1.2

2. Common envelope accretion 2.2 2.0 72 ± 0.3 832 ± 3 11

3. Combined 2.1 2.0 71 ± 0.3 825 ± 3 19

BBH merger rates at Z = 0.001 are comparable to the rate estimate we find for our

Fiducial model.

Our estimates of the BBH merger rates should be considered as rough upper limits

that enable comparison to other work. For a more careful treatment we refer to Neijssel

et al. (2019) and Stevenson et al. (2019), who consider different metallicities and account

for the abundance evolution through cosmic time. They also both use the COMPAS suite,

while assuming initial conditions that are very similar to those adopted in our fiducial

model. They indeed find merger rates that are consistent with the rates from Abbott

et al. (2019a).

We first estimate the number of BBHs formed per unit star forming mass that

merge within a Hubble time, dNtH/dMSFR and the number of BBHs formed per unit

star forming mass that merge within 10 Gyr dN10/dMSFR. We find that both quantities
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vary only slightly across our model variations, as can be seen in Table 2.3. The physical

assumptions we varied primarily affect the amount of mass that BHs accrete and

therefore their masses, but these assumptions do not significantly affect the rate of BBH

mergers.

We also estimate the total merger rates for a synthetic Milky Way-like galaxy,

RMWG and the consequential total volumetric merger rates Rvol. As stated above, these

rates are higher than the current estimates from Abbott et al. (2019a) due to the fixed

low metallicity, however they are consistent with estimates from Stevenson et al. (2017)

and de Mink & Belczynski (2015a). RMWG (and consequently Rvol) are comparable for

the fiducial and first model variation. However, they are slightly lower for the second

and third model variation, which implies that allowing for accretion during a CE leads to

slightly fewer BBH mergers. This can be understood as our CE accretion model leading

to more ‘failed’ common envelopes that end in a stellar merger instead of a BBH.

Applying the fractional rates, f45, to the volumetric merger rate for BBHs (Rvol),

results in our estimates of the PISN mass gap event rate, Rvol,45. For our first model

variation, the estimates of the PISN mass-gap-event rates Rvol,45, are consistent with

the rates inferred by Fishbach et al. (2020) for gravitational wave events in the first and

second observing run. They find Rvol,45 = 3.02+12.97
−2.28 Gpc−3 yr−1 under the assumption

of a flat-in-log prior for the mean merger rate per bin. Assuming a power-law prior,

Fishbach et al. (2020) constrain the PISN mass gap merger rates to Rvol,45 = 1.79+2.30
−1.23

Gpc−3 yr−1. The second and third model variation lead to estimates of the PISN

mass-gap-event rates that are higher than the current estimates from Fishbach et al.

(2020).

The uncertainties quoted in Table 2.3 result from the sampling procedure. We note
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that the model uncertainties are much larger, by orders of magnitude (e.g. Dominik

et al., 2012; de Mink & Belczynski, 2015a; Chruslinska et al., 2018a) and that the rates

are affected by the choice of a constant metallicity Z = 0.001.

2.5 Distinguishing between different pathways to PISN

mass gap events
In this paper we consider the possibility to form PISN mass gap events through the

isolated binary evolutionary channel. Various other pathways have been proposed to

produce PISN mass gap events, see Section 2.2.2 for a brief overview. In this Section, we

compare our results to the findings for other pathways that have been proposed in the

literature to create PISN mass gap events.

This comparison is not straightforward. Different studies have adopted different

input assumptions, for example concerning the location of the PISN mass gap. Moreover,

the few quantitative predictions that exist to date often rely on relatively crude

assumptions for complex physical processes. It is to be expected that these predictions

will change with time as the models become more sophisticated. The comparison we

present here reflects what is available in the literature to date.

We first briefly compare different pathways and their predictions for the shape of the

BBH mass distribution (Section 2.5.1 and Figure 2.5 ), followed by predictions for the

maximum masses (Sect. 2.5.2), mass ratios (Section 2.5.2) and BH spins (Section 2.5.2).

A schematic overview is provided in Figure 2.6.
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Figure 2.5: MBBH distribution for BBH systems from different pathways into the PISN
mass gap. We compare the distribution of total BBH masses, MBBH, of multiple gener-
ations of BH-mergers in globular clusters (green open squares, Rodriguez et al., 2019a),
multiple generations of BH-mergers in AGN disks (yellow open triangles, Sedda, 2020)
and stellar mergers in young stellar clusters assuming full H-fallback during BH formation
(closed dark blue circles, Di Carlo et al., 2019) to the effect of super-Eddington accretion
in isolated binaries as discussed in this work. The grey line displays the merging popu-
lation of BBH systems from our Fiducial model (model 0) The dashed and filled orange
distributions respectively show the total and merging population of BBH systems from
our most optimistic model variation (model 3 combined). The light blue region bordered
by dotted lines indicates the approximate location of the PISN gap assuming BHs of equal
mass. All distributions are normalized to their respective population of merging BBHs.
This is therefore not a prediction for the number of PISN mass gap events.

2.5.1 The shape of the BBH mass distribution

In Figure 2.5, we compare various predictions for the distribution of total BBH

masses, MBBH, for systems that merge within a Hubble time. This figure is similar to

the middle panel of Figure 2.3 except for the use of a logarithmic y-axis, to highlight the

differences in the tail of the distribution. We consider BBHs with total masses above
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90 M⊙ to be PISN mass gap events. All distributions are normalized to their respective

population of BBHs. This figure thus allows us to compare the shape of the distributions

but, at present, cannot be used to infer which pathway contributes most significantly to

PISN mass gap since the relative contribution from each pathway is unknown.

Arca Sedda et al. (2020a) argue that with enough detections, the fraction of mergers

with masses falling in the low or high mass end of the BBH mass distribution can be

used to place constraints on the relative contribution of different pathways to the overall

population.

Isolated binaries

Our most optimistic simulation for super-Eddington accretion in isolated binaries,

which allows for accretion onto BHs during both stable mass transfer, and CE events

is shown in filled red in Figure 2.3. We find that isolated binaries will contribute less

than 0.45% of mergers with MBBH ≥ 90 M⊙. As discussed in Section 2.4, although the

maximum value of MBBH, i.e. MBBH,max, increases with respect to our fiducial simulation

(model 0, shown in grey for reference), isolated binary evolutionary does not significantly

populate the PISN mass gap.

Our results show that super-Eddington accretion in interacting binaries can produce

BBHs with total masses larger than 90 M⊙, but due to their typically large orbital

periods (of approximately 100 days), we do not expect these systems to merge as a result

of isolated binary interaction alone. It is conceivable that a fraction of these binaries

experience a decay of their orbits due to external factors. For example, a significant

number of massive binary systems are born as part of a triple system or even higher

order multiple (e.g. Sana et al., 2014). Secular interactions with a third companion such
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as Lidov-Kozai cycles have been proposed to increase the merger rate (Toonen et al.,

2016; Kimpson et al., 2016; Antonini et al., 2017a).

Furthermore, a fraction of massive binaries is born in dense stellar environments,

such as a globular or nuclear star cluster. These binaries and their BH remnants can be

affected by a sequence of dynamical encounters and exchanges (Rodriguez et al., 2016).

The heavy BHs in our models are good candidates for dynamical interactions since they

will be among the most massive BHs formed in the cluster. As these sink to the center of

the cluster they will be prone to interact and take part in dynamically-assisted mergers.

Simulating the combined effects of super-Eddington accretion and external effects

is beyond the scope of this paper. However, we can explore the upper limits of the

contribution from super-Eddington accretion by considering the distribution of total

masses for our full BBH population including those that are too wide to merge due to

gravitational waves alone (model 3 “al”, dashed red line in Figure 2.5). About 12% of

the BBHs in this distribution have a total mass MBBH, that exceeds 2 × 45 = 90 M⊙.

This should be considered as an extreme upper limit that we do not believe to be

realistic. The distribution of all BBH systems in our combined model extends up to

145 M⊙, showing a rise around 130–145 M⊙. This pile up results from BBH systems

where the first born BH gained mass through stable accretion from its companion. This

distinguishes this distribution from other pathways, which all decline at high masses.

Globular clusters

We show results for globular clusters from Rodriguez et al. 2019a (green open

squares). In their simulations, close BBHs form and tighten as a result of dynamical

interactions in the dense core of a globular star cluster. Massive BHs that form as the
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result of an earlier BBH merger may stay bound to the cluster if the merger recoil is

sufficiently small. These so-called second generation BHs can have masses in the PISN

gap. They can give rise to PISN mass gap events if they pair and merge with a third

BH. We show the results from the most optimistic model for all redshifts by Rodriguez

et al. 2019a (as shown in the top left panel of their figure 3). This model assumes zero

birth spin for all black holes. Low birth spin minimizes the BBH merger recoil during

the first merger event, enabling the resulting BH to take part in a second merger.

Their distribution displays a significant drop around 90 M⊙, which corresponds to

two times the maximum value for first generation mergers. For total masses between 90

and 125 M⊙ the distribution is dominated by 1st + 2nd generation mergers. A second

drop exist, near 125 M⊙, which is close to three times MBH,max. Events with masses in

excess of 125 M⊙ are primarily the result of 2nd + 2nd generation BHs, which very rare.

Their distribution extends to MBBH ≈ 150 M⊙.

Rodriguez et al. (2019a) find that about 4% of the detected BBHs will have

MBBH ≥ 100 M⊙ for their most optimistic model assuming zero birth spin for all BHs.

This pathway is the most efficient at producing very massive events among all those

we consider, at least in relative terms. The fraction of events where the total mass

exceeds 90 M⊙ is about 5% in their simulations. However, when a less optimistic model

is assumed, i.e. when the birth spin for BHs is assumed to be non-zero, the rate of

PISN mass gap events drops significantly. For example, when assuming a birth spin of

χbirth = 0.5 for all BHs, they find that less than 0.1% of all BBH mergers will have a total

mass MBBH ≥ 100 M⊙ (as shown in the bottom left panel of figure 3 from Rodriguez

et al., 2019a).
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AGN disks

AGN disks have been proposed as promising sites that allow for a sequence of

multiple mergers and thus the creation of PISN gap mergers in a similar way as globular

clusters. The difference between these two pathways arises from the larger escape

speeds in AGN disks due to a deeper potential well. This opens the possibility for

higher generations of BHs in AGN disks, while the contribution from 2nd + 2nd and

> 3rd generation BHs is expected to be negligible in globular clusters (Gerosa & Berti,

2019). We compare our mass distribution to predictions from Sedda (2020), extracted

from the top panel of their figure 19, shown as yellow open triangles in Fig. 2.5. Their

distribution extends to about 140 M⊙. The fraction of events where the total mass

exceeds MBBH > 2 × 45 = 90 M⊙ is about 4% in their simulations, which is comparable

to the predictions by Rodriguez et al. (2019a) for globular clusters when BHs are born

with zero spin.

Fallback of a hydrogen-rich envelope

Finally, we compare to a pathway studied by Di Carlo et al. (2019). They consider

stellar mergers occuring in young star clusters, involving at least one evolved star. Such

mergers are poorly understood, but they may produce stars with overmassive hydrogen

envelopes and relatively small cores (Vigna-Gómez et al., 2019). If the core mass of such

a merger product is below the limit for pair pulsations, it is expected to collapse directly

to a BH. If it is assumed that the massive hydrogen envelope is entirely accreted onto

the forming BH, this can result in a BH with a mass in the PISN mass gap. Dynamical

interactions within the cluster could later pair such a BH with another BH, possibly

facilitating a BBH merger. We compare to the simulations from Di Carlo et al. (2019,

their Figure 5 ), shown as closed dark blue circles in Figure 2.5. They find BBH mergers
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with total masses up about 130 M⊙. This is higher than what we expect from isolated

binaries, but lower than what is claimed for globular clusters and AGN disks. The

fraction of events where the total mass exceeds MBBH > 2 × 45 = 90 M⊙ is about 3% in

their simulations, which is also slightly below the predictions for globular clusters and

AGN disks.

2.5.2 Predictions for masses, mass ratios and spins

The overview of predicted BBH mass distributions as displayed in Figure 2.5 show

that the BBH population cannot be explained by the isolated binary evolution channel

alone if more than 1% of all BBH mergers has a mass higher than 90 M⊙. We will now

discuss other observables that might help distinguish between the different pathways

considered in this work.

Maximum masses

In all our model variations, the amount of mass that a BH can accrete is ultimately

capped by the envelope mass of the donor star. The most massive BBH system that

merges within a Hubble time has a mass 99 M⊙, though this is for extreme assumptions.

We do find more massive systems, up to about 144 M⊙, but for those we would need to

invoke an external mechanism to merge the system.

Figure 2.6 (following page): Predicted characteristics of PISN mass gap events from

different pathways. We compare the maximum BBH mass, MBBH,max, the mass ratio

q of the system defined as the ratio less massive over the more massive BH mass, the

dimensionless spin parameters of the BHs χ1 and χ2, the effective spin parameter, χeff ,

the expected spin orientation and the fraction of BH systems with MBBH > 90 M⊙.
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This maximum mass distinguishes this channel from predictions by other proposed

pathways. Simulations of multiple BH mergers in massive globular clusters and AGN

disks are found to result in maximum BBH masses of about 160 M⊙ (Rodriguez et al.,

2019a) and about 145 M⊙ (Sedda, 2020) respectively. However, as long as the merger

product remains bound to the merger environment, there is no reason to believe that

these pathways have to adhere to any maximum value of MBBH.

Di Carlo et al. (2019) find a maximum of 130 M⊙ for a metallicity of Z = 0.02.

The maximum mass resulting from PISN mass gap events as discussed in Di Carlo

et al. (2019) and Di Carlo et al. (2020a) are in essence the sum of the maximum BH

mass and the envelope mass of the progenitor at the moment of BH formation (i.e.

MBH,max + Menv). When complete fallback of the overmassive envelope is assumed, the

maximum BBH system mass is thus capped by the maximum possible envelope mass

prior to BH formation.

Mass ratios

PISN mass gap events resulting from the classical binary evolutionary channel may

also be distinguished by their mass ratios. Here we define q to be the mass ratio of the

less massive over the more massive BH. As discussed in Section 2.4.3, accretion onto the

first born BH increases its mass, leading to events with more extreme mass ratios. Figure

2.4 displays the mass ratios for all BBH systems. When we focus on the mass ratios of

PISN mass gap systems, we find that our Combined model predicts BBH systems that

peak strongly at q ≈ 0.4.

The merging population of PISN mass gap systems from our Combined model
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predicts a wider range of mass ratios: 0.2 < q < 0.7. These mass ratios are comparable

but slightly lower than those for PISN gap events from stellar and globular clusters,

which are expected to peak around q ∼ 0.4 − 0.6 and q ∼ 0.5, respectively (Rodriguez

et al., 2019a; Di Carlo et al., 2019).

Mass ratios from BBH mergers in AGN disks are still highly uncertain, but

McKernan et al. (2020a) predict that the median mass ratios of BBH mergers in AGN

disks will range from 0.20 to 0.97. However, when a higher generation BH is involved (i.e.

a BH formed through multiple consecutive BBH mergers), mass ratios can be expected

to drop to very small values of q. This could possibly push q down to values lower than

q ∼ 0.1 when around 10 consecutive mergers or more are allowed.

Spins

Bardeen (1970) argues that spin-up is expected as a result of accretion in the case

of a thin disk (see also King & Kolb, 1999; O’Shaughnessy et al., 2008). However, the

(significantly) super-Eddington accretion rates considered in this work are expected

to result in thick accretion disks or even near-radial inflow (Volonteri & Rees, 2005;

Begelman et al., 2006; Pezzulli et al., 2016; Johnson & Haardt, 2016). It is not

clear whether this accretion geometry will lead to significant spin up. For example,

Tchekhovskoy et al. (2012) show that accumulation of magnetic flux around the central

regions of the accreting BHs might cause the BH to spin down instead of spinning up.

Therefore we cannot, at present, confidently predict the final spins of BHs.

Nevertheless, we attempt to provide an upper limit using the expression in Eq. 4

of Bardeen (1970) for thin accretion disks. Using this and the assumption of zero natal

spins, we find that the vast majority (> 75%) of the accreting BHs are spun up to the
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maximum possible spin value in our first model variation for stable mass transfer. This

results in effective spins of 0.65 < χeff < 0.8. In our second model variation for CE

accretion, we find effective spins of 0.2 < χeff < 0.6. Our combined model spans the

whole range of effective spins and results in 0.2 < χeff < 0.85, with two distinct peaks,

one around χeff ≈ 0.45 and one around χeff ≈ 0.75. The merging population of the

combined model is dominated by the effective spins of the CE accretion model and spans

the range χeff ≈ 0.2–0.6, with a peak around χeff ≈ 0.47.

We expect PISN mass gap events created through super-Eddington accretion in

isolated binaries to result in relative alignment of the BH-spin with the orbit. The spin

of the first-born BH will likely align with the orbit during the mass transfer phase.

However, a natal kick of the second born BH could possibly tilt the orbit. Given the

uncertainties in the spin itself we have chosen not to model this , but we expect no, or

very low velocity, natal kicks for the most massive BHs.

For globular clusters, the optimal conditions for PISN mass gap events as discussed

in Rodriguez et al. (2019a) require two non-spinning BH for the first generation of BHs,

which are expected to produce BHs with spins strongly peaked at χ ≈ 0.69. This implies

that one of the BHs involved in the PISN mass gap event is expected to have a spin of

χ1 ≈ 0.69, while its companion is expected to have its natal spin of χ2 ≈ 0.

Yang et al. (2019b) predict that the effective spin distribution of BBHs is dominated

by 1st + 2nd generation BHs. This suggests that the spin of the incoming second

generation BH will be strongly peaked around χ1 ≈ 0.69, as explained above. Assuming

all first generation BHs have the same mass, they find that due to the random alignment

of spins, this results in an effective spin distribution that is peaked strongly around

χeff ≈ 0.4.
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Furthermore, it is highly uncertain what BH spin is expected for BBHs in stellar

clusters when the BH-progenitor is the end product of a stellar merger (as suggested in

Di Carlo et al., 2019). One might intuitively argue that such a stellar merger would lead

to a spinning BH progenitor, however Schneider et al. (2019) show that stellar mergers

can result in a slowly spinning merger product. In any case, the connection between BH

spin and its progenitor is highly uncertain, even more so when an overmassive envelope

is speculated to fall back during BH formation (see e.g. Heger et al., 2005; Lovegrove &

Woosley, 2013; Belczynski et al., 2020).

The BBH systems leading to PISN mass gap events formed in globular clusters, AGN

disks, and stellar clusters are all dynamically assembled. For such dynamically-assembled

BBHs, the angle between the orbital angular momentum and the BH spins is expected

to be distributed isotropically (Rodriguez et al., 2016). This results in misaligned spin

orientation in the majority of cases and suggests that the distribution of χeff is also

symmetric and centered on zero (Rodriguez et al., 2019a).

Lastly, the spin of primordial BHs is conventionally believed to be small (Mirbabayi

et al., 2020; Luca et al., 2019). BBHs consisting of primordial BHs are expected to be dy-

namically assembled and thus have isotropically distributed spins (Rodriguez et al., 2016).

In conclusion, it is extremely difficult to distinguish between the different pathways

to PISN mass gap events. At the time of writing, predictions from different pathways

for the maximum masses, mass ratios, and BH spins are not sufficiently constrained to

decisively differentiate between pathways.

In light of the above discussions, we find that the combination of extreme mass
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ratios and an aligned spin orientation in a BBH system with MBBH ≤ 100 M⊙ could

be indicative of BHs that underwent super-Eddington accretion from a companion

star (Figure 2.6). We expect that our ability to distinguish between the different

pathways will be improved with upcoming gravitational-wave surveys which will enhance

constraints on both the rates and properties of (PISN mass gap) mergers.

2.6 Discussion
This work examines whether the classical isolated binary evolutionary channel can

produce BBH mergers with a component in the pair instability mass gap (a PISN mass

gap event). Under our most extreme assumptions (i.e., those that favor the mass growth

of black holes most strongly) we find about 2% of all BBH mergers at Z = 0.001 to be

PISN mass gap events and we find a maximum mass for a BH involved in a PISN mass

gap event of MBH,max = 90 M⊙. Moreover, under these assumptions, we find only about

0.45% of the merging BBH systems have a total mass MBBH ≥ 90 M⊙, and we find no

merging BBH systems with masses of MBBH ≥ 100 M⊙.

We discuss how robust these main findings are against variations in the assumptions

about mass transfer in Sections 2.6.1 and 2.6.1, and consider further caveats in

Section 2.6.3. We conclude by speculating on the effects of super-Eddington accretion in

binaries to the lower mass gap in Section 2.6.2.

2.6.1 Variations in mass transfer

Most of the heavy BBHs in our simulations are too wide to merge within a

Hubble time (see Section 2.4). The BBHs that do merge as PISN mass gap events are

only marginally in the PISN mass gap since they have accreted less mass than their
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non-merging counterparts. We first discuss additional mechanisms that could shrink

the BBH orbits and whether this could increase the rate of PISN mass gap events in

Section 2.6.1. This is followed by a discussion on whether there are any possibilities left

to accrete more mass onto the BHs in Section 2.6.1.

Shrinking the binary orbit

In our first model variation, we have assumed that BHs can accept all the mass

that is available from their donor star. We thus assume that the total mass and angular

momentum is conserved. If instead a fraction of the mass is lost, this lost mass will carry

away angular momentum, which leads to a different orbital evolution.

Observations of X-ray binary systems show evidence for outflows resulting from

the accretion disk around a black hole (e.g. Blundell & Bowler, 2005; Remillard &

McClintock, 2006). The effect of such an outflow on the binary orbit can be modeled

assuming that a fraction of the transferred mass (β) is accreted and the remainder is lost

from the system carrying away the specific angular momentum of the accretor (Soberman

et al., 1997). It can be shown that under these assumptions the orbit widens irrespective

of the chosen mass transfer efficiency (value of β), as long as the mass of the accreting

black hole becomes large relative to the donor mass (Md). For low β this implies the

orbit widens as soon as MBH ≳ 0.76 times the mass of the donor (see Appendix 2.9 for

the derivation). This condition is typically met for the progenitors of systems that can

form PISN mass gap systems. This is a robust result that is also valid for other binaries

that do not evolve into BHs (Renzo et al., 2019).

We thus conclude that lowering the mass transfer efficiency under these assumptions

does not increase the number of PISN mass gap mergers.
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We can furthermore consider what happens when mass is lost with a higher specific

angular momentum. For example, mass lost from the outer Lagrangian point may be

ejected to form a circumbinary disk. This mode of mass loss leads to rapid shrinking

of the orbit for almost all variations of mass transfer efficiency (see Appendix 2.9 for

details). Test simulations show that most BHs plunge into the companion’s envelope,

unless the mass transfer efficiency is highly fine-tuned. It is unclear what is the fate of

such systems.

In conclusion, we do not expect that variations in the mass transfer efficiency can

significantly increase the number of PISN gap mergers.

Can we accrete even more?

The most massive black hole involved in a BBH merger in our simulations has a

mass of MBH,max ≈ 90 M⊙. Can MBH,max be taken as a robust upper limit or are there

uncertainties that allow us to increase MBH,max further?

During stable mass transfer we already assume a mass transfer efficiency of 100%.

However, in our CE accretion model, the BHs typically accrete less than 20% of the

companions mass (see also Figure 2.2). While the assumptions in our second model

variation are already extreme, it is worthwhile to consider what happens if BHs are

allowed to accrete even more during the CE inspiral phase.

To investigate this, we ran a grid of 17 additional simulations with the same setup

as for our second model variation (as described in Section 2.3), but now assuming that

a fixed fraction facc of the envelope is accreted onto the BH. We vary facc between 0.0

and 0.99. We still estimate the final separations by considering the binding energy of the

envelope, after subtracting the mass accreted by the BH. These additional simulations
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Figure 2.7: The fraction of BBH mergers with a component mass MBH > 45 M⊙ (i.e.
f45), as a function of the fraction of the companion’s envelope that is accreted during
each CE mass transfer episode. Each point represents one simulation from the additional
exploratory grid of 17 simulations discussed in Section 2.6.1.

are run at a lower resolution of 105 systems per simulation.

Figure 2.7 shows the fractional rate of PISN gap mergers, fgal,45 as a function of facc.

We see that the rate of PISN gap mergers increases with facc and peaks when BHs are

assumed to accrete about 85% of their companions envelope. This simulation predicts as

many as 42% of BBH mergers from PISN mass gap systems. For even higher values of

facc, we see that there is not enough of the envelope left to sufficiently shrink the orbit.

We note that such high rates for PISN gap mergers are already contradicted by first and

second LIGO and Virgo observing run (Abbott et al., 2019b).

These simulations further show that we can only obtain a significant fraction of

PISN gap mergers (> 2%) when BHs accrete at least 35% of their companion’s envelope

mass during the envelope inspiral. This would suggest accretion rates that significantly

surpass the Hoyle-Lyttleton accretion rate (MacLeod & Ramirez-Ruiz, 2015) during

every CE event. We consider it unlikely that such high rates are physical.
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We thus consider it very unlikely that MBH,max can be significantly increased beyond

the values as quoted in Tables 2.1 and 2.2 for systems originating from isolated binary

evolution.

2.6.2 Effects of super-Eddington accretion on the lower mass

gap
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Figure 2.8: The maximum mass for an accreting NS according to Equation 2.2 as a
function of the companion mass at the moment of Roche-lobe overflow. This illustrates
that only neutron stars that are born close to the lower mass gap will be able to accrete
enough to end with a final mass in the lower mass gap.

If all BHs that enter a CE-phase are allowed to accrete at a super-Eddington rate,

we could hypothesize that the same accretion model would apply to neutron stars, as was

originally suggested by Houck & Chevalier (1991) Fryer et al. (1996) and Popham et al.

(1999). Allowing for accretion onto neutron stars during every CE event following Eq.

2.2 could create an overabundance of BHs and possibly leads to BH neutron star and

binary neutron star rates that are inconsistent with the current estimates from Abbott
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et al. (2019b).

We consider the consequences of super-Eddington accretion onto NS stars and

whether this can populate the lower mass gap between neutron stars and BHs (between

3 and 5 M⊙) by evaluating the effect of applying Equation 2.2 to mass ranges that are

relevant for neutron stars.

In Figure 2.8 we show the maximum mass for accreting NS according to Equation

2.2 as a function of the companion mass at the moment of Roche-lobe overflow. This

illustrates that only neutron stars that are born close to the lower mass gap will be able

to accrete enough to end with a final mass in the gap. We thus expect that extending

our model variation 2 to mass ranges relevant for neutron stars, would not significantly

pollute the lower mass gap, which is in accordance with the findings in MacLeod &

Ramirez-Ruiz (2015).

2.6.3 Caveats

We emphasize that the simulations presented in this paper are extreme by design.

We do not consider them realistic, but they are chosen to constrain the maximum

amount by which the isolated binary evolutionary channel can pollute the PISN mass

gap.

Our results are subject to all caveats that apply to population synthesis simulations

that make use of approximate evolutionary algorithms (see e.g., Langer et al., 2020).

Of primary concern is the treatment of the common-envelope phase, which is one of

the least understood phases of binary interaction. A specific example is the stability

of mass transfer in cases where the donor star evolves to become a convective red

giant (e.g., Pavlovskii & Ivanova, 2015; Pavlovskii et al., 2016, and references therein).
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The treatment we adopt in our second model variation is inspired by the results of

hydro-dynamical simulations by MacLeod & Ramirez-Ruiz (2015) and uses very simple

scaling arguments as a recipe for accretion onto the compact object. The predictions

for the final separation after the common envelope phase are based on simple energy

arguments (Webbink, 1984). The treatment of this process is simplistic, and we

hope this will be reconsidered carefully in future work as the understanding of the

common-envelope phase increases.

We are further affected by uncertainties in massive star evolution. The main open

questions concern the role of stellar wind mass loss (e.g., Smith, 2014; Renzo et al., 2017),

and interior mixing (e.g., Maeder & Meynet, 2000), which affect the final core masses

and radial evolution. The algorithms used in our simulations are based on detailed

evolutionary simulations for single stars with masses up to 50 M⊙. Above 50 M⊙ we rely

on extrapolations of fits.

2.7 Conclusions and summary
In this work we investigate the BBH population in the pair-instability mass gap due

to isolated binaries, by allowing for accretion onto BHs at a super-Eddington rate from

their stellar companions. We accomplish this by means of the population synthesis code

COMPAS.

We place an upper limit on the contribution of isolated binaries to creating PISN

mass gap events, defined as BBH mergers that contain a component with MBH > 45 M⊙.

We find that a substantial population of BBH systems with a component in the PISN

mass gap can be formed via stable super-Eddington accretion onto BHs (see Figure 2.1).

However, these systems will not contribute to the BBH merger rate since their binary
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orbits are typically too wide to merge within a Hubble time (Table 2.3).

In our most optimistic model, which allows for accretion onto BHs during both

stable mass transfer and during a CE phase (model 3, combined), we find that less

than about 2% of all BBH mergers are expected to contain one component in the PISN

mass gap (see Table 2.1). Moreover, only about 0.5% of the merging BBH systems in

this model variation have a total mass MBBH ≥ 90 M⊙ (see Figure 2.3 and Table 2.2).

By design this model includes extreme assumptions about the accretion physics. More

conventional assumptions significantly lower these fractions.

Our results show that the classical isolated binary formation scenario of BBHs is not

expected to significantly pollute the pair-instability mass gap when compared to other

pathways proposed in the literature (see Figure 2.5). None of our simulations produce a

merging BBH system with a total mass MBBH ≥ 100 M⊙ (Table 2.2).

We argue that BBH systems with MBBH ≤ 100 M⊙ and extreme mass ratios,

combined with an aligned spin orientation could be indicative of BHs that underwent

super-Eddington accretion from a companion star (Figure 2.6). However, at the time of

writing, predictions from different pathways for the maximum masses, mass ratios and

BH spins are not sufficiently constrained to decisively differentiate between pathways.

We predict that the BBH population cannot be explained by the isolated binary

evolution channel alone if more than 1% of all BBH mergers has a mass higher than

90 M⊙. Future detections of PISN mass gap events will enable us to determine the

relative contribution of different channels to the overall population of BBHs.
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Our finding that the isolated binary evolutionary scenario does not introduce

significant uncertainties for the existence and location of the PISN mass gap are

promising. This strengthens the predictive power that can be drawn from MBH,max for

constraining the relative contribution of different formation scenarios (Arca Sedda et al.,

2020a), the physics of the progenitors including nuclear reaction rates (Farmer et al.,

2019), and possibly even the Hubble constant (e.g. Farr et al., 2019b).
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2.9 Appendix: Angular momentum loss during (non)

conservative mass transfer
To evaluate the evolution of the binary separation during mass transfer, we need

to quantify the angular momentum that is lost from the system. For this purpose we

follow classical arguments describing the details of mass transfer in binaries, (e.g. those

presented in van den Heuvel 1994 and similarly Section 4 from Renzo et al. 2019, and

references therein).
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The orbital evolution of binaries is well constrained by the change in total orbital

angular momentum, J:

J2 = G M2
dM2

a
Md + Ma

a(1 − e2) (2.3)

with G the gravitational constant, a the orbital separation, e the eccentricity and Md the

mass of the donor star, annd MBH the mass of the accreting BH.

We parametrise the amount of mass lost from the system with a conservativeness

parameter β, defining ṀBH = −β Ṁd where ṀBH and −Ṁd are the mass accretion and

donation rates respectively. We furthermore approximate the specific orbital angular

momentum of the ejected matter as γ times the specific angular momentum of the binary.

The specific angular momentum of the ejected matter, hloss, can then be rewritten in

terms of γ and β:

hloss = γ
J

M1 + M2
= J̇

Ṁ1 + Ṁ2
,

→ J̇
J = γ(1 − β)Ṁd

Md + Ma
.

(2.4)

Using Eq. 2.3 we can derive a very general formula for the change in angular

momentum:

2J̇
J = 2Ṁd

Md
+ 2Ṁa

Ma
− Ṁd + Ṁa

Md + Ma
+ ȧ

a + (−2eė)
(1 − e2) (2.5)

In the case of Roche-lobe overflow we assume the orbit is fully circularised, and

thus the last term is zero (see e.g. Soberman et al., 1997, for an expression of the orbital

evolution incuding eccentricity). Substituting the result from Eq. 2.4 and the definition
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of β, we can write this for the orbital evolution;

ȧ
a = −2Ṁd

Md

{
1 − β

Md

MBH
− (γ + 1

2)(1 − β) Md

Md + MBH

}
(2.6)

or, rewriting to explicitly show the dependence on our different parametrisation

parameters:

ȧ
a = −2Ṁd

Md
{1 − f(β, MBH, Md, γ)} (2.7)

Since Ṁd < 0, we see that the orbit shrinks (ȧ < 0) as soon as f(β, q, γ) is larger

than one.

It is now a matter of specifying γ and β.

2.9.1 Varying the mass conservation

In this work we assume isotropic reemission of the ejected matter. This assumes

that the mass is ejected from the vicinity of the accretor, e.g. when mass is lost via

bipolar outflows from a compact object. In this case we can approximate γ1 = Md/MBH

(e.g. Soberman et al., 1997). We can rewrite Equation 2.7 as

f(β, q, γ1) = β

q
+
(

1
q

+ 1
2

)
(1 − β) 1

q + 1


> 1 orbit shrinks, (ȧ < 0)

< 1 orbit widens, (ȧ > 0)
, (2.8)

where we have used q ≡ MBH/Md to describe the mass ratio.

Figure 2.9 displays the condition for widening or shrinking the orbit (Eq. 2.8) as a

function of the mass ratio and the conservativeness parameter. In the case of stable mass
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Figure 2.9: Parametrisation of the specific orbital angular momentum evolution that
determines whether mass transfer will shrink (above the dashed black line) or widen (below
the dashed black line) the binary orbit. The conservativeness parameter β varies from
completely non-conservative (β = 0) to completely conservative (β = 1). This assumes
isotropic reemission of the ejected matter, i.e., assuming the ejected matter carries the
specific angular momentum of the accretor.

transfer from a star onto a BH, the binary typically starts with q ≤ 1 and then moves

to higher q. For fully non-conservative mass transfer (β = 0.0) the system will widen as

soon as the mass ratio q > qwiden = 0.76. For fully conservative mass transfer (β = 1.0)

the system will widen as soon as the mass ratio q > qwiden = 1.0. Systems where the

accreting BH is more massive than the donor at the start of the stable mass transfer will

always widen.
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Figure 2.9 shows that mass transfer will always widen the orbit when the mass ratio

q is larger than some mass ratio qwiden, as long as the lost mass is presumed to carry the

specific angular momentum of the accretor. We therefore expect high amounts of mass

transfer to always lead to significant widening of the binary system, regardless of the

conservativeness of the mass transfer, and thus prevent the BBH from merging within a

Hubble time.

In model 1, allowing for stable super Eddington accretion onto BHs, we assume the

mass transfer is completely conservative (β = 1). Based on Figure 2.9 we conclude that

varying the mass conservation in model 1 would still lead to significant widening of the

BBHs and thus would not change our main conclusions.

2.9.2 Varying the specific angular momentum lost

If the mass that is lost from the system carries sufficiently high specific angular

momentum, the orbit will shrink. If the lost mass ends up in a Keplerian orbit around

the binary, it is called a circumbinary ring. This may occur when mass escapes through

the outer Lagrangian point, L2. The angular momentum of such a ring would correspond

to (Artymowicz & Lubow, 1994b):

γ2 = (Md + MBH)2

MdMBH

√
α, (2.9)

where α = aring/a is the ratio of the orbital separation of the binary over the distance

between the circumbinary ring and the center of mass. For typical parameter of viscous

disks, the location of the inner edge of a circumbinary disk varies between 1.8a and 2.6a

(Artymowicz & Lubow, 1994a).
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Equation 2.7 can then be rewritten as:

f(β, q, γ2) = β

q
+ (1 + q)(1 − β)

q

√
α + 1 − β

2(q + 1)
√

α


> 1 orbit shrinks, (ȧ < 0)

< 1 orbit widens, (ȧ > 0)
.

(2.10)

We have calculated the effect of this mode of non-conservative mass transfer for

α = 2. Larger α lead to higher ȧ, though varying between 1.8a and 2.6a has little

effect. We find that non-conservative mass transfer (β ≤ 0.3) in combination with

high mass-transfer rates leads to shrinking of the binary orbit in a runaway fashion,

which leads to a stellar merger. The orbit will shrink with increasing speeds (increasing

f(β, q, γ2)) as the mass ratio q increases.

For mass transfer with slightly to highly conservative mass transfer (β ≥ 0.3) it is

unclear what the fate of the systems will be. Test simulations using α = 2, indicate that

most BHs in this situation will plunge into their companion’s envelope, unless the mass

transfer efficiency is highly fine-tuned. More detailed simulations of this specific scenario

are needed to determine its plausibility.

2.10 Appendix: BH Formation yields and merger

rates
Our calculation of the BH formation yields follow Dominik et al. (2012) and Neijssel

et al. (2019) but includes the weights from the adaptive sampling (as described in

Broekgaarden et al., 2019).

We start by calculating the total stellar mass contained in a synthetic galaxy

(M⋆,gal), assuming a Kroupa (2001) initial mass function with initial masses in the range
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0.08 − 200 M⊙. We compute the subset of this synthetic galaxy that is spanned by our

set of initial parameters (M⋆,sub−gal) by integrating over the volume of initial parameter

space. In our simulations, we adopt a binary fraction fbin = 0.5 (e.g. Sana et al., 2013)

and draw initial masses in the range 20 − 150 M⊙. The fraction of the synthetic Universe

that is spanned by our initial parameter space is now computed as follows:

fsim = M⋆,sub−gal

M⋆,gal
. (2.11)

The total star forming mass that our simulation represents is given by:

MSF = Msim · f−1
sim, (2.12)

where Msim is the total initial mass that is evolved in COMPAS. This is used to calculate

the number of merging BBHs formed per unit of star forming mass:

NBBH,tH

MSFR
=
∑N

i δtH,iwi

MSF
, with δtH,i =


1, if type(i)= BBH, and tdelay,i < tH

0, otherwise
. (2.13)

Here NBBH,tH is the total number of BBHs formed with a coalescence time that is less

than the Hubble time, δtH,i is the Dirac delta function that equals 1 for a BBH system

with a coalescence time that is less than the Hubble time, i.e. if it merges within the

age of the Universe, and N is the total number of samples in the simulation N= 1 × 106.

Finally, wi is the formation weight of the binary based on the adaptive importance

sampling algorithm as described in Broekgaarden et al. (2019). We estimate the absolute

1–σ statistical sampling uncertainty on the number of BBHs that merge in a Hubble
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time NBBH,tH by computing the variance about the mean, that is

σ2 ≈
N∑
i

(δ2
tH,iw2

i ) −

[∑N
i (δtH,iwi)

]2
N , (2.14)

We calculate merger rates for a synthetic galaxy following the same procedure as

Belczynski et al. (2016a) and de Mink & Belczynski (2015a). For this purpose, we

calculate the number of coalescing BBHs occurring in a synthetic galaxy, observed per

Myr today;

NBBH,gal = NBBH,10

MSFR
· SFRgal · tgal, (2.15)

with a constant star formation rate, SFRgal = 3.5 M⊙ yr−1 , and a galaxy lifetime

tgal = 10 Gyr. These properties are chosen to resemble the Milky Way (following

estimates from Flynn et al., 2006; McMillan, 2011). The number of merging BBH

systems per unit star forming mass, NBBH,10/MSFR, is defined in a similar way as in

Equation 2.13, but we now require the BBHs to merge in less than the age of the galaxy,

tgal = 10 Gyr. The statistical sampling uncertainty on NBBH,10 is estimated analogous to

equation 2.14.

The merger rate per synthetic galaxy is then calculated as

RMWG = NBBH,gal

tgal
[Myr−1], (2.16)

note that the age of the synthetic galaxy tgal, cancels out in this equation. tgal only

appears in the equivalent of Equation 2.13, when calculating the number of merging

BBH systems per unit star forming mass.

The merger rate per synthetic galaxy can be converted into an approximate

volumetric rate following:

Rvol = 103
[

ρgal

Mpc−3

] [
RMWG

Myr−1

]
yr−1Gpc−3 (2.17)
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where ρgal = 0.0116 Mpc−3 is the local density of Milky Way-like galaxies (e.g. Kopparapu

et al., 2008).

All uncertainty ranges on the formation yields and merger rates as quoted in this

work are estimates of the 1–σ statistical sampling uncertainty following from Equation

2.14.

2.11 Appendix: Remnant mass prescription
To calculate the remnant masses we adopt the delayed model from Fryer et al.

(2012) for estimated CO core masses at the moment of core collapse MCO < 30 M⊙,

while we follow Farmer et al. (2019) for MCO > 30 M⊙.

Previous works studying the PISN gap (Stevenson et al., 2017; Belczynski et al.,

2016a) use Fryer et al. (2012) for MCO > 30 M⊙. Fryer et al. (2012) compute the

remnant mass based on the estimated helium core masses at the moment of core collapse

while Farmer et al. (2019) account for a PISN and compute the remnant mass based on

the estimated CO core masses at the moment of core collapse. Mapping between the

helium core masses and PISN depends on uncertain physics such as the efficiency and

extent of mixing (overshooting) which varies between models and with wind mass loss.

The CO core mass at the moment of supernova is therefore a more robust parameter

than the helium core mass at the moment of supernova to map the pre-supernova stellar

properties to the final remnant mass (Farmer et al., 2019).

For MCO > 30 M⊙ the prescription from Farmer et al. (2019) results in lower

remnant masses with respect to the prescriptions from Fryer et al. (2012). This is

because Fryer et al. (2012) does not account for pulsational pair-instability supernovae.
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The maximum BH mass formed in our simulation at Z = 0.001 for Farmer et al. (2019)

is MBH,max = 43.4 M⊙, while MBH,max = 54 M⊙ for Fryer et al. (2012).

2.12 Appendix: Additional material
For each model variation, we provide a python file describing the initial

conditions as used in each of our 4 model variations described in Section 2.3,

and a HDF file containing i.a. a list of compact object properties as resulting

from our COMPAS simulations at https://doi.org/10.5281/zenodo.3746936 and

https://liekevanson.github.io/IsolatedBinaries_PISNgap.html.
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CHAPTER 3. REDSHIFT EVOLUTION OF THE BBH MASS DISTRIBUTION

Abstract
Gravitational wave detectors are starting to reveal the redshift evolution of the

binary black hole (BBH) merger rate, RBBH(z). We make predictions for RBBH(z) as a

function of black hole mass for systems originating from isolated binaries. To this end,

we investigate correlations between the delay time and black hole mass by means of the

suite of binary population synthesis simulations, COMPAS. We distinguish two channels:

the common envelope (CE), and the stable Roche-lobe overflow (RLOF) channel,

characterised by whether the system has experienced a common envelope or not. We

find that the CE channel preferentially produces BHs with masses below about 30 M⊙

and short delay times (tdelay ≲ 1 Gyr), while the stable RLOF channel primarily forms

systems with BH masses above 30 M⊙ and long delay times (tdelay ≳ 1 Gyr). We provide

a new fit for the metallicity specific star-formation rate density based on the Illustris

TNG simulations, and use this to convert the delay time distributions into a prediction

of RBBH(z). This leads to a distinct redshift evolution of RBBH(z) for high and low

primary BH masses. We furthermore find that, at high redshift, RBBH(z) is dominated

by the CE channel, while at low redshift it contains a large contribution (∼ 40%) from

the stable RLOF channel. Our results predict that, for increasing redshifts, BBHs with

component masses above 30 M⊙ will become increasingly scarce relative to less massive

BBH systems. Evidence of this distinct evolution of RBBH(z) for different BH masses

can be tested with future detectors.

3.1 Introduction
The Advanced LIGO (LIGO Scientific Collaboration et al., 2015), Advanced Virgo

(Acernese et al., 2015) and KAGRA (Akutsu et al., 2021) gravitational wave detectors
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are revealing gravitational wave events that probe a progressively larger fraction of

the Universe (Abbott et al., 2018a, 2021b,g,c). As the number of gravitational wave

detections increases, they unveil the evolution of the binary black hole (BBH) merger

rate with redshift. Current gravitational wave detectors already probe black holes (BHs)

with component masses of about 30 M⊙ out to redshifts z ∼ 1 (Fishbach et al., 2018;

Callister et al., 2020; Abbott et al., 2021c,f,a). Third-generation detectors, scheduled

to start observations in the 2030s, promise to observe stellar mass BBH mergers with

component masses in the range ∼ 5 − 350 M⊙ out to z > 10 (e.g. Sathyaprakash et al.,

2019a,b; Maggiore et al., 2020). This means that we are rapidly moving towards a

complete picture of both the redshift evolution of the stellar-mass BBHs merger rate,

and the redshift evolution of source property distributions.

The redshift evolution of the BBH merger rate contains information on the origin of

these BBHs, however, a direct interpretation is complicated. To infer the birth-time and

environment of the observed merging BBHs we first need to understand the difference

between the time at which the progenitor stars formed and the time of merger of the

BBH. This is what we define as the delay time tdelay. It is the sum of two independent

timescales: I) the lifetime of the binary stars up to the moment that both have become

compact objects, and II) the inspiral time of the two BHs up to the BBH merger event.

The former timescale, i.e. the lifetime of massive stars, is typically a few Myr. The latter

timescale depends primarily on the separation between the two BHs at BBH formation

(Peters, 1964). To interpret the BBH merger rate, we first need to understand the impact

of the delay time distribution on the observed rate at each redshift.

The delay time of BBHs from isolated binaries of interest can range from Myr to

more than a Hubble time (see e.g. Neijssel et al., 2019; Giacobbo & Mapelli, 2018). This
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implies that BBH mergers observed to merge at a given redshift, zmerge, formed Myr to

Gyr earlier. Hence, these mergers are comprised of a mixture of systems that originate

from different formation redshifts, and likely probe a range of different formation

environments.

The delay time is thus a very important quantity, which, unfortunately, cannot be

observed directly for an individual system. It is possible to make statistical inferences

about the delay time distribution using the detections available so far (see e.g. Fishbach

& Kalogera, 2021). However, inference of the time delay distribution is difficult because

it is degenerate with the progenitor formation rate. Moreover, we are currently still

limited by the low number of sources that are detected out to higher redshifts.

Although the delay time is not directly observable, we will observe the redshift

evolution of the source properties, i.e. the BH-mass, spin and mass ratio distributions

at different redshifts. Several earlier studies have investigated the evolution of the BBH

merger rate with redshift for the total population of merging BBHs, (e.g. Rodriguez &

Loeb, 2018; Mapelli & Giacobbo, 2018; Choksi et al., 2019; Santoliquido et al., 2021a).

The redshift evolution of source property distributions remains relatively obscured,

though it is actively being studied (see e.g. Neijssel et al., 2019; Mapelli et al., 2022).

Recent work hints towards relations between source properties and redshift evolution.

Mapelli et al. (2019) for example, find that massive BBHs tend to have longer delay

times in their models. An important step to move forward, is thus to associate possible

trends in delay time distribution to observable characteristics, while understanding their

physical origin.

Here, we inspect the delay time-mass relation for BHs coming from isolated binaries,

as predicted by the rapid population synthesis code COMPAS. We consider two main
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MZAMS,A MZAMS,B

MBH,A

MBH,A MBH,B

M" B

Menv, A

Mcore, A

1st mass transfer

2nd mass transfer

MBH,A MBH,B

Stable RLOF channelCE channel

median(aBBH) = 7.3 R⨀ median( aBBH) = 18.6 R⨀

Figure 3.1: Cartoon depiction of the typical evolution of a BBH progenitor system
through the stable RLOF and CE channel. Annotations refer to masses at zero age main
sequence (MZAMS), the envelope mass (Menv), the core mass (Mcore), mass post mass
transfer (M̃B) and BH mass (MBH). The subscript A (B) denotes the initially more (less)
massive star. The red cross gives an impression of the location of the centre of mass at the
onset of the evolutionary phase depicted (not to scale). The median separation at BBH
formation is annotated for each channel, considering BBH mergers that can be observed
by a ‘perfect detector’ (see text).
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channels: 1) the common envelope channel (or CE channel, e.g. Belczynski et al.,

2007a; Postnov & Yungelson, 2014a; Belczynski et al., 2016a; Vigna-Gómez et al.,

2018a), including BBH systems where the progenitor system has experienced at least

one common envelope, and 2) the stable Roche-lobe overflow channel (or stable RLOF

channel, e.g. van den Heuvel et al., 2017; Inayoshi et al., 2017). The stable RLOF

channel contains all BBH systems that experience only stable mass transfer (i.e. all

systems that do not experience CE events, and so it is the complement set of the CE

channel). See also Figure 3.1 for a cartoon depiction of the most common evolution

of these two channels. Note that this does not display all possible variations of the

CE and stable RLOF channel. However, other sub-channels are rare. For example,

the sub-channel where both the first and second mass transfer are unstable (which is

one of the mos common sub-channels), contributes only 0.6% to the total rate of BBH

mergers as observed by a perfect detector (equation 3.6). The respective contribution

of the CE and the stable RLOF channel to the observed population of merging double

compact objects is an active area of research (see e.g. Neijssel et al., 2019; Bavera et al.,

2021a; Marchant et al., 2021; Gallegos-Garcia et al., 2021). In this work we aim to use

characteristic delay time-mass distributions from each channel to make predictions for

observables in the gravitational wave distributions.

This paper is structured as follows: in Section 3.2 we describe the population

synthesis code COMPAS used in this work. We find that massive BHs ( MBH,1 > 30 M⊙,

where we define MBH,1 as the more massive BH at BBH merger) predominantly form

in BBHs with long delay times (tdelay > 1 Gyr). We show that this can be explained

by differences between the CE channel and the stable RLOF channel in Section 3.3. In

Section 3.4 we describe how we calculate cosmic BBH merger rates. We then discuss how
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the distinct delay times and mass distributions arising from CE and stable RLOF affect

the observed merger rate evolution of BBHs in Section 3.5. In Section 3.6 we discuss

the prospect of observing trends in the BBH merger rate with current and near-future

gravitational wave detectors. Specifically, our models predict that the slope of the

intrinsic BBH merger rate density with redshift is more shallow and starts decreasing

at lower redshift for higher MBH,1. We discuss the robustness of our main findings and

caveats that apply to a population synthesis approach in Section 3.7, and summarise our

main results in Section 3.8.

3.2 Method (I) : Simulating merging BBH popula-

tions
To simulate the evolution of isolated massive binary star progenitors that lead to

merging BBH, we use the rapid population synthesis code that is part of the COMPAS

suite1 (version v02.19.04, Riley et al., 2022b; Stevenson et al., 2017; Vigna-Gómez et al.,

2018a). We simulate a total of 107 binaries. To check that our results are converged,

we have repeated all analyses for an independent set of 106 binaries, and we found

no significant differences. In this section we discuss the treatment of stellar evolution

and binary interaction processes (Sec. 3.2.1) and sampling of the initial parameters

(Sec 3.2.2).

3.2.1 Binary evolution

We model the evolution of massive stars in binary systems using fast algorithms

following Hurley et al. (2000, 2002), based on detailed evolutionary models by Pols

1see also https://compas.science/
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et al. (1998). Here we summarise the treatment of the physical processes that are most

relevant for this study. For a full description of the code we refer to the references

mentioned above.

Winds For hot O and B type stars (with effective temperatures Teff ≥ 12500K),

we follow Vink et al. (2000, 2001b) to account for metallicity-dependent stellar wind

mass loss. For cooler, more evolved stars (Teff ≤ 12500K) the mass-loss prescription

from Kudritzki & Reimers (1978) and the prescription from Nieuwenhuijzen & de

Jager (1990), modified by a metallicity dependent factor from Kudritzki et al. (1989),

are compared and the maximum is adopted. The latter mass-loss prescription is only

assumed to be non-zero for stars with luminosity L > 4000 L⊙. For low mass stars that

evolve towards the asymptotic giant branch, the prescription from Vassiliadis & Wood

(1993) is added to this comparison. For hot Wolf-Rayet-like stars, we use the empirical

mass loss prescription from Belczynski et al. (2010a), that is adapted from Hamann &

Koesterke (1998) but scaled by metallicity following Vink & de Koter (2005). For very

luminous stars, that lie above the Humphreys-Davidson limit, i.e. if the luminosities L

and stellar radii R fulfil the condition L > 6 × 105 L⊙ and (R/ R⊙)(L/ L⊙)1/2 > 105

(Humphreys & Davidson, 1979), we assume enhanced mass loss rates following Hurley

et al. (2000), motivated by the scarcity of observed stars in this regime and the observed

Luminous Blue Variables (LBV) phenomenon. This additional mass loss is metallicity

independent (in line with recent results from, e.g. Davies & Beasor, 2020), and is meant

to mimic eruptive mass loss.

Stable mass transfer and common envelope phases We account for mass

transfer when a star overflows its Roche lobe (Eggleton, 1983). To determine whether
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Roche-lobe overflow is stable we use an estimate for the response of the radius of the

donor star, R and its Roche lobe, RRL as a result of mass transfer. COMPAS determines

stability by comparing estimates of the adiabatic response of the donors radius and

the response of the donors Roche-lobe radius (see e.g. Vigna-Gómez et al., 2018a,

2020, and references therein). This procedure depends crucially on the assumed value

of ζ∗ ≡ (∂ log R/∂ log M)ad, with R and M the radius and mass of the donor star, for

different types of donor stars (e.g. Soberman et al., 1997). We assume ζad = 2 for main

sequence donors, ζad = 6.5 for Hertzsprung gap donor stars (Ge et al., 2015) and follow

Soberman et al. (1997) for donor stars post helium ignition.

During stable mass transfer onto a stellar companion we assume that the accretion

rate is limited to ten times the thermal rate of the accreting star (Neo et al., 1977;

Hurley et al., 2002). If the accreting component is a BH, the accretion is assumed to

be Eddington limited. Material lost from the system during non conservative mass

transfer, is assumed to carry away the specific orbital angular momentum of the accreting

component (e.g. Soberman et al., 1997; van den Heuvel et al., 2017). This reduces the

orbital angular momentum and can lead to either shrinking or widening of the orbit,

depending on the fraction of mass that is accreted and the binary’s mass ratio (e.g. van

Son et al., 2020, Appendix A).

Unstable mass transfer is assumed to result in CE evolution (Paczynski, 1976;

Ivanova et al., 2013b; Ivanova et al., 2020). We assume that ejecting the envelope shrinks

the binary orbit following the energy considerations proposed by Webbink (1984) and de

Kool (1990). Here, the pre-CE binding energy of the donor’s envelope is equated to the

orbital energy that becomes available by shrinking the orbit. How efficiently this orbital

energy can be used to eject the envelope is parameterized by the αCE parameter, which
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is set to one in this work. For the binding (and internal) energy of the envelope, we use

the “Nanjing” prescription (Dominik et al., 2012), based on fits provided by Xu & Li

(2010b,a). We adopt the pessimistic CE scenario from Dominik et al. (2012), that is, we

assume that Hertzsprung Gap donor stars do not survive a CE event.

Supernovae, kicks and compact remnants To model natal supernova kicks, we

draw kick velocities with random isotropic orientations and draw the kick magnitudes

from a Maxwellian distribution (Hobbs et al., 2005). BH kicks are reduced by the

amount of mass falling back onto the newly-formed BH during the explosion mechanism,

following the ‘delayed’ prescription from (Fryer et al., 2012). This prescription assumes

full fallback for BHs resulting from progenitors with a carbon oxygen core mass

MCO > 11 M⊙, and hence these BHs receive no supernova kick.

The remnant mass is modelled as a function of the estimated MCO at the moment

of core collapse following Fryer et al. (2012). Stars with helium cores above 35 M⊙ at the

moment of core collapse are assumed to experience pulsational-pair instability following

Farmer et al. (2019). Stars with helium core masses between 60 − 135 M⊙ at the moment

of core collapse are expected to be completely disrupted by pair instability, and therefore

leave no remnant BH. With this implementation the lower edge of the pair-instability

mass gap is located at about 45 M⊙ (Stevenson et al. 2017; Marchant et al. 2019; Farmer

et al. 2019; Farmer et al. 2020; Woosley & Heger 2021, but see e.g. Mehta et al. 2021).

Due to the metallicity dependence of stellar winds and the adopted pulsational-pair

instability prescription, the maximum BH mass is also metallicity dependent. The upper

limit of about 45 M⊙ is only reached for the lowest metallicity systems (with Z ≲ 0.001).

For reference, systems with metallicities of about Z ∼ 0.01 and Z ∼ 0.0032 can

maximally achieve a BH mass of about 18 M⊙ and 32 M⊙ respectively in our simulations
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(see Figure 3.7 for a decomposition of the BH mass distribution by metallicity).

3.2.2 Sampling

The evolution of a binary system is mainly a function of its initial metallicity Z,

initial primary and secondary mass M1 and M2, and the initial separation a.

We sample birth metallicities with a probability distribution that is flat-in-log in the

range 10−4 ≤ Z ≤ 0.03. Sampling metallicities from a smooth probability distribution is

an improvement over discrete sets of metallicity, which is the most common technique

in binary population synthesis studies (but see, for example, Riley et al. 2021 for an

exception). Smoothly sampling birth metallicity avoids artificial peaks in the BH mass

distribution (e.g. Dominik et al., 2015a; Kummer, 2020). The flat-in-log distribution

ensures that we sample ample binaries at the low metallicities that are favoured for BBH

formation. Later in this paper, when we calculate cosmic merger rates, we re-weight

systems to account for the metallicity-dependent star formation (see Section 3.4). We

adjust the normalisation of this re-weighting over the metallicity range of our simulations

to preserve the correct total star-formation rate, i.e., star formation at more extreme

metallicities is not discarded.

We assume the masses of the initially more massive stellar components (the primary,

M1) are universally distributed following a Kroupa (2001) initial mass function and

draw masses in the range 10 - 150 M⊙, in order to focus on stars that evolve into

BHs. The binary systems are assumed to follow a uniform distribution of mass ratios

(0.01 ≲ q ≡ M2/M1 < 1.0, with M2, the mass of the secondary star). We require

M2 ≥ 0.1 M⊙. The initial binary separations are assumed to follow a distribution of

orbital separations that is flat in the logarithm (Öpik, 1924) in the range 0.01 − 1000 AU.
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Binary systems that fill their Roche lobe at zero age main sequence are discarded. All

binary orbits are assumed to be circular at birth.

If a zero age main sequence (ZAMS) star is rotating faster than the metallicity-

dependent rotational frequency threshold described in Riley et al. (2021), the binary is

assumed to evolve chemically homogeneously. In this work, we focus on the ‘classical’

pathway of isolated binaries towards merging BBHs and thus we exclude chemically

homogeneously evolving stars from our sample.

Because BBH mergers are intrinsically very rare events, direct sampling of the

birth distributions is very inefficient and time consuming. We therefore make use of the

adaptive importance sampling code STROOPWAFEL. This algorithm consists of an

initial exploration phase to find regions of interest in the binary parameter space. In a

subsequent adaptive refinement phase we optimise the simulations by sampling near the

regions of interest (see Broekgaarden et al., 2019, for details).

Figure 3.2 (following page): Two-dimensional histograms of the distribution of delay

times and primary masses for BBHs in our simulation. The top two and bottom two

rows show results for low (≤ Z⊙/10) and high (> Z⊙/5) metallicity, respectively. The

first and third rows show all BBHs, while the second and last rows are split by formation

channel. All histograms are normalized relative to the total simulation including all

simulated metallicities. The colour-bar and contours thus indicate the relative frequency

of occurrence in our simulations. We use bin sizes of ∆ log10(tdelay) = 0.2 and ∆ MBH,1 =

2.5 M⊙. All panels reveal a lack of BBH systems with high mass ( MBH,1 ≳ 30 M⊙) and

short delay time (tdelay ≲ 0.1 Gyr).
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3.3 BH mass-delay time relations
In this section, we first explore the type of BBHs that can be produced by the

isolated channel according to our simulations. We aim to find links between the delay

time tdelay and observable properties, such as BH masses and spins. Of these, the BH

mass is observationally the best constrained source property. Hence our main focus is on

the BH mass. While we do not discuss BH spins here, previous studies have argued that

tidal spin-up is most likely in close binaries with short delay times (e.g. Kushnir et al.,

2016; Zaldarriaga et al., 2018; Bavera et al., 2020). In appendix 3.9, we additionally

investigate the correlations between BBH mass ratios and tdelay.

In Figure 3.2 we show two-dimensional histograms of tdelay, and the mass of the

heavier BH, MBH,1, for BBHs in our simulations. In the first and second row, we show

results for low metallicity, which is representative for the majority of BBH formation

(defined as Z ≤ Z⊙/10, with solar metallicity Z⊙ = 0.014, Asplund et al., 2009).

To elucidate the impact of metallicity, we show results for the highest metallicities

(Z > Z⊙/5) in the bottom two rows. The first and third row show the result for all

BBHs in the selected metallicity range. The second and bottom row show the separate

contributions of the CE and stable RLOF channel in green and pink respectively. All

histograms shown are normalized relative to the number of merging BBHs in our full

simulation, combining all metallicities. The color shading and contours thus indicate the

relative frequency with which these combinations of primary mass and delay time occur

in our full set of simulations. We refer to Sect 3.2 for how the progenitors are sampled

and weighed in our simulation. We note that the underlying distribution in metallicity

that is implicitly assumed here, is not representative for star formation in the Universe.

Nevertheless, these diagrams are useful to understand trends in the delay times and
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primary BH masses at low and high metallicity.

When inspecting the results for all BBH in our simulations for low-metallicity (top

panel of Figure 3.2), we observe two main components. Firstly, we see that the histogram

peaks at delay times of ∼ 0.1–1 Gyr and primary BH masses of ∼ 18 M⊙. This peak

comes predominantly from systems formed through the CE channel (as can be seen in

green). Secondly, we see a noticeable tail of more massive systems MBH ≳ 20 M⊙ with

longer delay times around ∼ 10 Gyr, which predominantly come from the stable RLOF

channel (as can be seen in pink). Finally, we see a dearth of BBH systems with high

masses ( MBH,1 ≥ 30 M⊙) and short delay times (tdelay ≤ 0.1 Gyr), which are not

formed by either of the channels considered here.

Comparing low and high metallicity, we see that the same two components are

present, but the systems with highest mass are absent at high metallicity. This result is

understood as the effect of the metallicity dependent stellar winds, which are stronger

for higher metallicity (e.g. Vink & de Koter, 2005). The high metallicity systems thus

also display a lack of BH systems with high masses ( MBH,1 ≥ 30 M⊙) and short delay

times (tdelay ≤ 0.1 Gyr).

In the following subsections we discuss the origin for these features.

3.3.1 Why the CE channel does not produce high-mass black

holes

We find that the massive progenitor stars that lead to BHs with masses

MBH,1 > 30 M⊙ are disfavoured from engaging in, and surviving, CE events in our

simulations because of a variety of effects. To form such BHs, we need stars that form
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helium cores of at least MHe ≳ 30 M⊙. Such cores can only be formed in the most massive

stars in our simulations, typically with zero-age main sequence masses of 60 M⊙ and

higher, although we note that the exact value is considerably uncertain. Such massive

stars are unlikely to engage in, and survive a CE for several reasons.

First of all, the massive progenitors of heavy black holes are thought to experience

heavy mass loss, which can remove a large part of the hydrogen envelope before the stars

initiates interaction with its companion. Although mass loss by radiatively driven winds

is thought to be reduced at low metallicity, mass loss by LBV eruptions is likely to still

be very significant also at low metallicity (e.g. Smith, 2014; Sanyal et al., 2017; Kalari

et al., 2018; Davies et al., 2018; Higgins & Vink, 2020; Sabhahit et al., 2021; Gilkis et al.,

2021). In fact, such heavy mass loss can prevent massive stars in wider binaries from

ever filling their Roche lobe (Mennekens & Vanbeveren, 2014a; Belczynski et al., 2016c).

In our simulations this is the dominant reason for the suppression of the CE channel at

higher masses.

Secondly, even if a massive progenitor would fill its Roche lobe, it is unlikely to do so

while it has a convective envelope. It is generally thought that donor stars with extended

convective envelopes are favoured for successful ejection of a common envelope. This is

mainly because convective stars have large dimensions, and a relatively large fraction of

the mass is located at large radii. The binding energy of the envelopes of such stars is

thus low with respect to radiative counterparts, and it is thought that the envelope can

therefore more easily be removed by an inspiraling companion, as recently emphasised by

Klencki et al. (2021) and Marchant et al. (2021). Very massive stars typically do not grow

to the dimensions needed to cool their envelope sufficiently to become unstable against

convection. Even though some massive stars may manage develop a deep convective
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envelope, they do not significantly expand further in radius (in contrast to less massive

stars that will ascend the giant branch). Hence very massive stars generally fill their

Roche lobe at an earlier point in their evolution, when the envelope was still radiative.

Overall, the occurrence of successful CE is therefore very rare for such massive stars.

Thirdly, closely related to the second effect, mass transfer from high-mass donor

stars is preferentially stable and hence it does not initiate a CE phase. This is especially

true for radiative donors, as the early adiabatic response of radiative envelopes to mass

loss is contraction (see, e.g. Hjellming & Webbink, 1987b). Recent studies, based on

simulations with a more sophisticated treatment of the physics, tend to emphasize this

finding, also for convective donors (e.g. Pavlovskii & Ivanova, 2015; Pavlovskii et al.,

2017; Marchant et al., 2021). In addition, albeit more speculatively, this effect may be

enhanced by the role of envelope inflation. This occurs in massive stars that are close

to the Eddington limit. They can develop extended halos (e.g. Sanyal et al., 2015;

Jiang et al., 2015, 2018). This can likely cause stable mass exchange before the star has

really filled its Roche lobe. Although our simulations treat the stability criteria in a very

simplified way, the recent studies mentioned above tend to strengthen our findings that

mergers involving more massive BHs are unlikely from the CE channel.

We remind the reader that, in the CE channel, it is normally the second phase of

mass transfer where the common envelope phase occurs, see Fig. 3.1. The considerations

above thus primarily concern the initially less massive star in the binary system. In

principle, it is possible to form BBH mergers with at least one heavy BH from binary

systems with a very massive primary (≳ 60 M⊙) and significantly less massive secondary

(≲ 40 M⊙). The heavy BH then originates from the primary star, while the secondary

star is of low enough mass to initiate a CE phase in which the envelope is ejected
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successfully. However, we find that such systems are extremely rare. The secondary

typically accretes during the first mass transfer phase and becomes massive enough to

be subject to the first two effects mentioned above. This scenario thus only works for

systems with extreme initial mass ratios. Such systems tend to merge upon the first

mass transfer phase and will thus not be able to form BBHs that merge within a Hubble

time.

Overall we find that the formation of BBHs with at least one heavy BH is not

impossible through the CE channel, but very unlikely in our simulations. More detailed

recent studies on partial aspects of the problem strengthen this finding.

3.3.2 Why the stable RLOF channel does not produce short

delay times

We find that the stable RLOF channel leads to longer delay times than the CE

channel, due to longer inspiral times. These longer inspiral times are caused by wider

separations (larger semi-major axis) at BBH formation. We find that the median

separation at BBH formation is about 7 R⊙ for systems that came from the CE channel,

and about 20 R⊙ for systems that come from the stable RLOF channel, when considering

all systems that can be observed by a ‘perfect detector’ (see Eq. 3.6). Wider separations

lead to longer inspiral times because the orbital decay time from gravitational-wave

emission scales with the fourth power of the separation (Peters, 1964). We find that

the effect of the component masses and eccentricity of BBH systems are typically

subdominant to the effect of the separation.

To understand why the CE channel produces shorter separations we consider the

difference in orbital evolution for both channels. For stable mass transfer, whether the
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orbit widens or shrinks depends on the mass ratio, the amount of mass lost from the

system, and the assumed angular momentum that is carried away by the mass that is

lost (e.g. Soberman et al., 1997). To produce merging BBH systems through stable

RLOF we typically need to considerably shrink the orbit during reverse mass transfer

(van den Heuvel et al., 2017). The accretor is already a BH at this time and its accretion

is assumed to be limited to the Eddington accretion rate. This means that most of

the mass that is transferred is lost from the system. For highly non-conservative mass

transfer, the orbit shrinks (when Macc/Mdonor ≤ 0.79, for which see e.g. Appendix A

from van Son et al. 2020) under the assumption that mass is lost from the vicinity of

the accreting companion and has the specific angular momentum of the accretor’s orbit.

This criterion may be fulfilled when the secondary star fills its Roche lobe at first and

lead to shrinking of the orbit, but as more mass is lost, the orbital evolution can reverse

from shrinking to widening. In contrast, CE evolution exclusively shrinks the orbit in

our simulations, in agreement with general expectation (e.g. Paczynski 1976, Ivanova

et al. 2013b).

Even though many of the details regarding orbital shrinking are uncertain in both

scenarios, these mechanisms are so different that we can robustly expect substantial

differences in the resulting final separations. Since the separation is the dominant term

in the expression for the inspiral time, we are confident that our finding that the two

channels lead to a difference in their delay times is robust, at least qualitatively. For

completeness, we show the delay times distributions, similar to Figure 3.2, but for all

metallicities and integrated over MBH,1 in Appendix 3.10.
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3.4 Method (II) : Calculating Intrinsic merger rates
To place our results into cosmological context we need to integrate over the

metallicity-dependent star formation rate density, S(Z, z) (see also Dominik et al.,

2013a, 2015a; Belczynski et al., 2016c; Mandel & de Mink, 2016; Chruslinska et al.,

2018a). This results in an intrinsic BBH merger rate density, RBBH(z), that we

will discuss in Sections 3.5.1 and 3.6. Throughout this work we adopt cosmological

parameters consistent with the WMAP9–cosmology (Hinshaw et al., 2013) including

h = H0 /(100 km s−1 Mpc−1) = 0.693, where H0 is the Hubble constant.

3.4.1 Estimating the intrinsic BBH merger rate

We follow the method described in Neijssel et al. (2019) and Broekgaarden et al.

(2021a) to calculate the BBH merger rate2.

The number of detections that occur during the active observing time (Tobs,

measured in the detector frame at z = 0) of an infinitely sensitive gravitational-wave

detector is given by
d2Ndet

dζdz
= RBBH(z, ζ)

dζ

[
dVc

dz
(z)
]

Tobs

1 + z
, (3.1)

where Ndet is the number of detectable BBH mergers, ζ is the set of parameters that

describe a BBH, and dVc

dz
(z) is the differential co-moving volume per redshift (see e.g.

Abbott et al., 2019c).

Our goal is to estimate the intrinsic merger rate density of all BBHs in the source

2The scripts to compute the rates are available as part of the COMPAS suite https://github.com/

TeamCOMPAS/COMPAS.
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frame, RBBH(z):

RBBH(z) =
∫

dζ RBBH(z, ζ) = d2NBBH

dVcdt
(z) [cGpc−3yr−1], (3.2)

which is the number of mergers NBBH per co-moving volume Vc in co-moving gigaparsec,

cGpc−3 per year, with t the time in the source frame.

Often, we would like to evaluate the intrinsic rate density over larger redshift bins.

For that purpose, we define the volume averaged intrinsic merger rate density:

RBBH(z) =
∫ zmax

zmin
RBBH(z)dVc

dz
dz∫ zmax

zmin
dVc

dz
dz

[cGpc−3yr−1], (3.3)

To approximate the intrinsic merger rate density at redshift z, we convolve the

number of BBH mergers per unit star-forming mass with the star-formation rate density

over the merger time tm(z), and integrate this over all metallicities:

RBBH(z, ζ) =
∫

dZ ′
tm(z)∫
0

dt′
delay

d2Nform

dMSF dtdelay
(Z ′, t′

delay, ζ)︸ ︷︷ ︸
BBH formation rate

∗ S(Z ′, z(tform))︸ ︷︷ ︸
Z−dependent SFRD

,
(3.4)

where the time of merger, tm(z), delay time, tdelay, and formation time, tform, are related

by tform = tm − tdelay. We adopt the redshift of first star-formation zfirst SF = 10 in our

work. Equation 3.4 is evaluated at redshift steps of dz = 0.001.

Our choice for the metallicity-dependent star formation rate at the formation redshift,

S(Z, zform(tform)) is detailed and discussed in Appendix 3.11. d2Nform/(dMSF dtdelay)

is the number of BBH systems that form with delay times in the interval dtdelay per

unit of star forming mass dMSF. Because we model only a small fraction of the total
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star forming mass, we need to re-normalise our results, given the initial distributions of

primary masses and mass ratios (see §3.2.2). In our simulations we neglect single stars,

only draw primary masses in the range 10 − 150 M⊙ and apply adaptive importance

sampling. When re-normalising, we assume that the Universe has a constant binary

fraction of fbin = 0.7 (Sana et al., 2012), and stars are formed with initial masses in the

range 0.1 − 200 M⊙.

3.5 The merger rates and mass function at different

redshifts

3.5.1 The role of the two formation channels

In Figure 3.3 we show the averaged intrinsic merger rate density RBBH(z), as a

function of redshift, z, and per primary BH mass, MBH,1. We split the rate by channel,

showing the CE and stable RLOF channel in the bottom row.

In the top panel, we see that the overall BBH merger rate density peaks around

redshift 2 − 3, and at a mass of about 15 M⊙ for the most massive BH. The merger rate

decreases towards higher mass and higher redshift. Comparing the bottom two panels,

we see that the CE channel and RLOF channel contribute to the rate in distinct ways.

We would like to quantify the relative contribution of each channel to the production

of MBH,1. For this purpose we define the total rate of BBH mergers in the detector frame

as:

Rdet(z, ζ) = RBBH(z, ζ)
1 + z

dVc

dz
. (3.5)

Integrating this from redshift zero to the redshift of first star formation, we obtain the
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Figure 3.3: The averaged intrinsic merger rate density RBBH(z), for redshift bins of
dz = 0.2, and primary BH mass bins of d MBH,1 = 2.5 M⊙. The top axis shows the time
passed since z = 10, which we have chosen as the redshift of first star formation. The top
panel shows the full distribution. The bottom left panel shows mergers of systems that
have experienced at least one CE during their evolution, while the bottom right shows
mergers of systems that formed through the stable RLOF channel. All panels show a
dearth of high mass BHs ( MBH,1 ≳ 30 M⊙) merging at higher redshifts (z > 6).
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Figure 3.4: Fractional contribution of the CE channel (green hatched) and the stable
RLOF channel (pink cross hatched) to Rdet(z, ζ). Top panel shows the relative contribu-
tions to Rdet(z, ζ) per mass bin after integrating over all redshifts. Bottom panel shows
the fractional contribution to Rdet(z, ζ) integrated over all MBH,1, as a function of red-
shift.
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total rate of BBH mergers throughout the Universe:

Rdet
Univ(ζ) =

∫ zfirst SF

0
dz Rdet(z, ζ) (3.6)

This is the same as the BBH merger rate as observed by an infinitely sensitive detector

at redshift zero. In the top panel of Figure 3.4 we show what fraction of Rdet
Univ(ζ) derives

from which channel for different values of MBH,1. This emphasizes how the stable

RLOF channel dominates Rdet
Univ(ζ) at higher masses, while the CE channel dominates for

primary BH masses below 25 M⊙.

The formation channels differ in how they contribute to the intrinsic merger rate

density as a function of redshift. Specifically, the contribution of the stable RLOF

channel decreases faster towards higher redshifts than the CE channel. As a result, the

CE channel becomes increasingly dominant towards higher redshifts. To show this more

clearly, we again integrate Rdet(z, ζ), but now over all MBH,1 to obtain Rdet(z). We show

what fraction of Rdet(z) derives from which channel for different redshift bins in the

bottom panel of Figure 3.4. Overall the CE channel is dominant, but the stable RLOF

channel becomes more important at low redshift, and is responsible for about 40% of

BBHs merging in the local Universe.

The reduced contribution of the stable RLOF channel at higher redshifts is a result

of the scarcity of short delay times in this channel, as shown in Fig 3.2. Systems coming

from the stable RLOF channel generally have delay times ≳ 1 Gyr. At redshift 6, only

0.5 Gyr has passed since our adopted redshift of first star formation (z = 10). This means

that systems coming from the stable RLOF channel have typically not had enough time

to merge at these high redshifts. For completeness, we show the distributions similar to

Figure 3.3, but for chirp mass Mchirp in Appendix 3.12.
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In Figure 3.5 we display the distribution of MBH,1 split by formation channel, for

merger redshifts between 0 and 0.5 (see equation 3.3).

The results in Figure 3.5 imply that the high-mass merger events that have been

detected so far at relatively low redshift, primarily come from the stable RLOF channel

(assuming that the observed BBH merger rate is dominated by these two channels).

This is in contrast to the results in, e.g., Belczynski et al. (2016a) and Stevenson et al.

(2017), but agrees with findings in more recent work from e.g. Neijssel et al. (2019) and

Gallegos-Garcia et al. (2021).
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Figure 3.5: Distribution of primary BH masses MBH,1 split by formation channel, for
merger redshifts between 0 ≤ z < 0.5.

3.5.2 The shape of the mass function at different redshifts.

In the top panel of Figure 3.6 we show the MBH,1 distribution for different redshift

bins (again adopting the averaged intrinsic merger rate density RBBH(z) for every

redshiftbin). We see that there are features of the mass distribution that persist in all

redshift bins. Firstly, the peak of the distribution occurs at ∼ 18 M⊙. From Figures 3.2

and 3.3 we find that this peak originates from the CE channel.
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In every redshift bin, RBBH(z) decays for BH masses above ∼ 18 M⊙. In part, the

slope on the right side of ∼ 18 M⊙ is steepened due to the decay of the initial mass

function towards higher mass stars. However, the primary driver behind the decay

towards higher masses is the effect of metallicity: higher metallicities lead to more

mass loss through stellar winds, and therefore shift the maximum possible MBH,1 to

lower values. In Figure 3.7 we show this shift in the maximum BH mass by dissecting

the MBH,1 distribution for 0 < z < 0.5 into bins of different formation metallicities.

This shows that the maximum BH mass is about 18 M⊙ in our simulations for the

high metallicities (Z ≳ 0.01) that dominate the metallicity dependent star formation

rate density, S(Z, z). For completeness, we show the MBH,1 distribution split by both

formation channel and formation metallicity in appendix Figure 3.13. This shows that

the stable RLOF channel dominates the higher mass end of the distribution at every

metallicity.

The decay of the distribution for BH masses below ∼ 18 M⊙ in Figure 3.6, can be

understood as a combination of our adopted SN kick and CE physics. Firstly, above

carbon oxygen core masses of MCO = 11 M⊙, BHs are assumed to experience full

fallback, and hence receive no kick. BHs from lower-mass progenitors are expected to

receive higher SN kicks (given the adopted BH-kick prescription from Fryer et al., 2012).

These higher SN kicks can unbind the binary system and thus prevent the formation of

a merging BBH system (see also panels M, N and O in Figure 3.15).. Secondly, for the

same change in orbital separation, lower-mass BHs can provide less orbital energy to

help unbind the common envelope. This means that progressively lower-mass BHs will

fail to eject their companion‘s envelope at a given CE efficiency αCE. Increasing αCE

will allow successful CE ejection for lower-mass BHs, thus pushing the peak of the mass
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distribution to lower-mass BHs (see also panels F-I Figure 3.15).

Apart from the peak in Figure 3.6, two other distinct features persist in all

redshift bins. The first is the rise in RBBH(z) just before the edge of the distribution

at MBH,1 ≈ 45 M⊙. This feature is caused by the prescription for pair pulsations.

Specifically, we adopted the prescriptions from Farmer et al. (2019) (see Section 3.2).

This is also called the ‘pulsational pair-instability supernova’ (or PPISN) pile-up

(e.g. Talbot & Thrane, 2018; Marchant et al., 2019). Secondly there is a bump at

MBH,1 ∼ 35 M⊙. This bump is an artefact of the transition between prescriptions for

remnant masses from core collapse supernovae (CCSN, following Fryer et al., 2012), to

remnant masses from pair pulsational instability supernovae (from Farmer et al., 2019).

Though the bump in our results is an artificial feature, it is not clear that the transition

between core-collapse supernovae and pair pulsational supernovae should be smooth. For

example, Renzo et al. (2020b) argue that such a discontinuity can occur if convection is

not efficient at carrying away energy for the lowest mass systems that experience pair

pulsations. Furthermore, Abbott et al. (2021f) find evidence for an overdensity in the

merger rate (> 99% credibility) at MBH,1 = 35+1.5
−3.1 M⊙ . It is difficult to attribute this

observed peak to the PPISN pile-up at the lower-edge of the PISN mass gap, since stellar

models predict this pile-up to occur at masses of about 40 − 60 M⊙ (see e.g. Marchant

et al., 2019; Farmer et al., 2019; Renzo et al., 2020a,b; Marchant & Moriya, 2020b;

Woosley & Heger, 2021; Costa et al., 2021, and references therein).

To investigate redshift evolution of the primary BH mass distribution, in the bottom

panel of Figure 3.6 we show the intrinsic distribution normalized by the peak rate

for each redshift bin. We focus on redshifts in the range 0 < z ≤ 2, because a large

absolute change in RBBH(z) is contained in this redshift range (see Figure 3.8), while the
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contribution from different metallicities to S(Z, z) does not vary greatly up to z ∼ 1.5.

The bottom panel of Figure 3.6 shows that the high mass end ( MBH,1 > 18 M⊙) decays

faster at higher redshifts than the low mass end ( MBH,1 ≤ 18 M⊙) of the distribution.

We find that the ratio of MBH,1 > 18 M⊙/ MBH,1 ≤ 18 M⊙ is about 0.7 in the redshift bin

0 − 0.5, while it is about 0.45 in the redshift bin 1 − 1.5. The steeper decay of the high

mass end of the mass distribution for higher redshifts can be explained by the scarcer

contribution of the stable RLOF channel (which is responsible for the high mass end of

the mass distribution) towards higher redshifts, as discussed above in Section 3.5.1.

3.6 Prospects for observing trends with redshift in

the intrinsic merger rate density
Third-generation detectors promise to probe BBH mergers across all redshifts of

interest, but these instruments are still at least a decade away (e.g. Sathyaprakash et al.,

2019a). Present-day detectors are, however, already beginning to probe the evolution at

low redshift.

In the previous section we found evolution of the high-mass slope of the predicted

MBH,1 distribution for redshifts in the range 0 − 2. Since current ground based detectors

already detect many systems with MBH,1 > 20 M⊙, it is possible to start probing this

mass-specific redshift evolution of the merger rate RBBH(z) (Abbott et al., 2021e,f).

In this section we explore the possibility of probing trends of the rates separated

by mass bin as a function of redshift. In Section 3.6.1 we show our predictions

and in Section 3.6.2 we discuss whether these effects are observable in the second

gravitational-wave transient catalogue (GWTC-2).
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Figure 3.6: Distribution of primary BH masses MBH,1 for several redshift bins. The top
panel shows the general trend for different redshift bins. The bottom panel shows the
same distribution normalized by the peak rate value for the given redshift bin, with a
focus on redshifts up to z = 2. Both distributions are shown down to MBH,1 = 2.5 M⊙,
which is our minimum allowed BH mass. This shows that the distribution of primary BH
masses evolves with redshift.

3.6.1 The slope of the intrinsic rates per mass bin at low redshift

In Fig. 3.8 we show how the intrinsic BBH merger rate density, RBBH(z), evolves

as a function of redshift for four different MBH,1 mass bins. In each mass bin we have
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Figure 3.7: Breakdown of the MBH,1 mass distribution by birth metallicity for all BBH
mergers between redshifts 0 ≤ z < 0.5. The maximum BH mass that contributes to
each metallicity bin is annotated.

normalized the merger rate to the rate at redshift zero, to emphasize different trends at

low redshifts. We see clear differences in the evolution of the rate at low redshift and

the overall redshift evolution. These differences are highlighted by the orange lines, that

show linear fits in the range 0 ≤ z ≤ 1, with the slopes ai provided in the legend.

For the lowest-mass BHs ( MBH,1 ≤ 10 M⊙ and 10 M⊙ ≤ MBH,1 ≤ 20 M⊙), our

models predict a steep increase of the BBH merger rate density with increasing redshift,

with a slope that is very similar to the slope of SFRD(z)/SFRD(z = 0). The peak of the

merger rate of the lowest MBH,1 bin coincides with the peak of SFRD(z)/SFRD(z = 0),

as adopted in our models (at z = 2.7). The merger rate for slightly higher masses

(10 M⊙ ≤ MBH,1 ≤ 20 M⊙), peaks at slightly higher redshifts, around z = 2.8. The

redshift evolution of RBBH(z)/R0 follows the shape of SFRD(z)/SFRD(z = 0) for these

mass bins, because the lowest-mass events are formed predominantly through the CE

channel, which produces short delay time systems. On top of this, these lower-mass

117



CHAPTER 3. REDSHIFT EVOLUTION OF THE BBH MASS DISTRIBUTION

zpeak = 2.8

0 1 2 3 4 5 6 7 8 9
redshift

0

2

4

6

8

R
B

B
H

(z
)/
R

0

SFRD(z)

zpeak = 2.7zpeak = 2.4zpeak = 1.9

a1

a2

a3
a4

SFRD(z)/SFRD(z = 0) aSF = 1.77± 0.02

MBH,1 ≤ 10M� a1 = 1.72± 0.02

10M� > MBH,1 ≤ 20M� a2 = 1.93± 0.04

20M� > MBH,1 ≤ 30M� a3 = 1.1± 0.01

MBH,1 > 30M� a4 = 0.56± 0.01

a1
a2

a3
a4

13.3 2.8 1.1 0.5 0.2

time since z = 10 [Gyr]

Figure 3.8: Intrinsic BBH merger rate density as a function of redshift, z (RBBH(z),
Eq. 3.2), normalized by the rate at redshift zero (R0), for several bins in primary BH
mass. The top axis shows the time since z = 10, which we have chosen as the redshift
of first star formation. The dashed grey line shows the star formation rate density as a
function of redshift, SFRD(z), normalized by the star formation rate density at redshift
0, SFRD(z = 0). The redshift at which the merger rate peaks is annotated with a dotted
line for each mass bin. A linear fit to the merger rate density between 0 ≤ z ≤ 1 is
shown with an orange line for each mass bin (these are also highlighted in the inset).
The respective slopes of these fits are annotated in the legend. This shows that, at low
redshift, the slope of RBBH(z) is more shallow for higher MBH,1.
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events can form from almost all metallicities, as opposed to the high-mass systems that

only form from the lowest metallicities (see Figure 3.7).

In contrast, for BHs with masses in the range 20 M⊙ < MBH,1 ≤ 30 M⊙ we find

that the evolution of the merger rate with redshift is much less steep in the low-redshift

regime than the merger rate for lower-mass BHs. Moreover, the merger rate of these

events starts to decline at redshift z = 2.4, lower than the redshift of peak SFRD(z).

The rate density for the most massive BHs ( MBH,1 > 30 M⊙) exhibits the flattest slope

and peaks at the lowest redshift ( at z = 1.9). In other words, in order to capture the

peak of the BBH merger rate density for BHs with MBH,1 ≳ 30 M⊙ we need gravitational

wave detectors that can observe out to redshift z ∼ 2 (depending on the exact location

of the peak of star formation). This peak at lower redshift can be understood from

the characteristics of the stable RLOF channel, which is the primary producer of such

massive events. As discussed in Sections 3.3 and 3.5, these events primarily form with

long delay times. Hence, at progressively higher redshifts, the fraction of systems formed

through the stable RLOF channel BBHs that can contribute to the merger rate decreases.

The systems that don’t contribute at higher redshift have not had sufficient time since

the adopted moment of first star formation to merge as a BBH.

This implies that mergers of massive BHs are relatively less common at higher

redshifts. This may at first sight seem counter intuitive, considering that at higher

redshifts, the low metallicities that allow for the formation of massive BHs are more

common (see Figure 3.7 and, e.g. Vink & de Koter, 2005; Belczynski et al., 2010; Spera

et al., 2019b).
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3.6.2 Observing the different slopes in GWTC-2

To test our prediction of a distinct redshift evolution for different MBH,1 as discussed

in Section 3.6.1, we look for observational evidence of a different slope in RBBH(z) in the

open data from the first, second, and half of the third observing runs of Advanced LIGO

and Advanced Virgo (Abbott et al., 2021d), also presented in the gravitational-wave

transient catalogues GWTC-2 (Abbott et al., 2021b) and GWTC-2.1 (Abbott et al.,

2021g). To this end, we use the observed BBH mergers to hierarchically infer their

underlying mass and spin distributions (e.g. Mandel et al., 2019).

Contrary to our predictions here, analyses of the BBH population typically

assume that BBHs have independently distributed masses and redshifts, with

p( MBH,1, z) = p( MBH,1)p(z). Here, we will explore several alternative models for

the joint distribution p( MBH,1, z) of BBH masses and redshifts. Our method closely

follows that of Callister et al. (2021). We assume that the distribution of mass ratios

p(q| MBH,1, γ) follows a power-law with index γ and that the distribution of effective

spins, p(χeff |µχ, σχ), follows a Gaussian with mean µχ and variance σχ (Roulet &

Zaldarriaga, 2019; Miller et al., 2020).

For primary masses and redshifts, we take as a baseline the Powerlaw + Peak

model from Abbott et al. (2021e), with an overall merger rate that is allowed to evolve

as a function of z:

dNBBH

dt d MBH,1 dz
= R0

dVc

dz
(1 + z)κ

[
fpP ( MBH,1|λ, mmax)

+ (1 − fp)N( MBH,1|µm, σm, mmax)
]
.

(3.7)

Here, the assumed primary mass distribution is a mixture between a power law

P ( MBH,1|λ, mmax) ∝ Mλ
BH,1 (for MBH,1 between 5 M⊙ and mmax) and a Gaussian peak
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N( MBH,1|µm, σm, mmax), with mean µm and variance σm, which is needed to fit an

observed excess of BBHs with primary masses near MBH,1 ≈ 35 M⊙. R0 is the local rate

of BBH mergers per co-moving volume at z = 0.

We inspect several variations of this model in an attempt to identify any relationship

between BBH masses and their redshift distribution.

First, we expanded Eq. 3.7 such that the parameter κ, governing the BBH rate

evolution, is a function of MBH,1. We considered several possibilities, including a

piecewise function cut at 30 M⊙,

κ( MBH,1) =


κlow ( MBH,1 < 30 M⊙)

κhigh ( MBH,1 ≥ 30 M⊙),
(3.8)

a piecewise function in which the cut location mcut itself varies as a free parameter,

κ( MBH,1|mcut) =


κlow ( MBH,1 < mcut)

κhigh ( MBH,1 ≥ mcut),
(3.9)

and a case in which κ is a linear function of MBH,1:

κ
(

MBH,1|κ0, κ′
)

= κ0 + κ′
(

MBH,1

30 M⊙
− 1

)
. (3.10)

In Fig. 3.8, we also saw that dRBBH/dz is not a strictly monotonic function of mass.

Instead, this slope reaches a maximum in the range 10 M⊙ < MBH,1 ≤ 20 M⊙, below

which it again decreases. To capture this possibility, we additionally considered a

three-bin piecewise model,

κ( MBH,1) =



κlow ( MBH,1 < 10 M⊙)

κmid (10 M⊙ ≥ MBH,1 < 30 M⊙)

κhigh ( MBH,1 ≥ 30 M⊙),

(3.11)
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We do not consider more complex models, given the relative scarcity of the data available

at the time of writing. In all four cases above, we find no evidence for a varying redshift

distribution as a function of mass.

As mentioned above, the BBH primary mass distribution in GWTC-2 is well-

modelled as a mixture between a broad power law and an additional peak between 30 to

35 M⊙. As an alternative test, we allow the rates of BBHs comprising the broad power

law and those situated in the peak to each evolve independently as a function of redshift:

dNBBH

dt d MBH,1 dz
= dVc

dz

[
Rpl

0 (1 + z)κplP ( MBH,1|λ, mmax)

+ Rpeak
0 (1 + z)κpeakN( MBH,1|µm, σm, mmax).

]
,

(3.12)

in which Rpl
0 and Rpeak

0 are the local merger rate densities of BBHs in the power law and

peak, respectively, with κpl and κpeak governing the redshift evolution of each rate. We

find very marginal evidence that the BBH mergers comprising these two components

obey different redshift distributions; we measure κpl = 2.7+3.2
−3.5 and κpeak = 0.7+4.0

−5.8, with

κpeak < κpl for about 70% of the posterior samples. However, our large uncertainties

mean we cannot draw any conclusions about differing rate evolution (or lack thereof).

We conclude that we find insufficient evidence in GWTC-2 (Abbott et al., 2021b)

for a distinct redshift evolution of RBBH(z) for different MBH,1. This is consistent with

Fishbach et al. (2021), who find no strong evidence in GWTC-2 that the BBH mass

distribution evolves with redshift. Specifically, they find that the detections in GWTC-2

are consistent with a mass distribution that consists of a power law with a break that

does not evolve with redshift, as well as with a mass distribution that includes a sharp

maximum mass cutoff, if this cutoff does evolve with redshift. Furthermore, Fishbach

& Kalogera (2021) found no strong evidence for the time delay distribution to evolve

122



CHAPTER 3. REDSHIFT EVOLUTION OF THE BBH MASS DISTRIBUTION

with mass. They did find a mild preference for high mass ( MBH,1 ∼ 50 M⊙) BBH to

prefer shorter delay times than the low mass ( MBH,1 ∼ 15 M⊙) BBH systems. However,

they also argue that this preference could be an effect of higher mass BHs forming more

strictly at the lowest metallicities (which is consistent with our findings in Figure 3.7).

Alternatively, these high mass mergers with masses of about 50 M⊙ could be probing

hierarchical mergers.

At the time of writing, finding evidence for a distinct redshift evolution in GWTC-2

is difficult, considering that observed BBHs with lower mass primary BH masses

( MBH,1 ∼ 10 M⊙) only probe the very local Universe (z ≲ 0.4). As can be seen from

Figure 3.8, this redshift range encompasses only a small fraction of the BBH merger

rate evolution. Given the prospects of observing BBH mergers out to increasingly high

redshifts with Advanced LIGO, Advanced Virgo and KAGRA (Abbott et al., 2018b),

second- (Voyager Adhikari et al., 2020), and third-generation detectors like the Einstein

telescope (Punturo et al., 2010; Hild et al., 2011; Sathyaprakash et al., 2019b; Maggiore

et al., 2020) and the Cosmic Explorer (Abbott et al., 2017a; Reitze et al., 2019) we

expect our predicted different evolution of the BBH merger rate to be either confirmed

or disproven within the coming decades.

3.7 Discussion
In the previous sections we showed our prediction that the mass distribution

of merging BBH systems varies with redshift. Specifically, we showed that the

evolution of the merger rate with redshift, RBBH(z), is more shallow and peaks at lower

redshifts for systems with higher primary BH masses compared to systems with lower

primary BH masses. This difference is the result of the contribution of two different
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formation channels. The CE channel predominantly forms lower mass BBH systems

( MBH,1 ≲ 30 M⊙) and allows for very short delay times (tdelay < 1 Gyr). In contrast,

the stable RLOF channel is the main source of massive systems ( MBH,1 ≳ 30 M⊙) and

primarily forms systems with longer delay times (tdelay ≳ 1 Gyr).

The quantitative predictions presented in this work are subject to several major

uncertainties and we discuss the key ones in the remainder of this section. Throughout

this section we also argue why we expect our qualitative findings to be robust.

3.7.1 The relative contribution of the CE and stable RLOF

channel

The prediction that merging BBHs can be formed through both the CE and stable

RLOF channels has been reported by various groups (e.g. van den Heuvel et al., 2017;

Bavera et al., 2021a; Marchant et al., 2021; Broekgaarden et al., 2021a; Gallegos-Garcia

et al., 2021; Shao & Li, 2021; Olejak et al., 2021a). However, the relative contribution

of both channels is uncertain. This is mainly due to uncertainties in the treatment of

stability of mass transfer, and whether or not the ejection of a common envelope is

successful (Ivanova et al. 2013b, Ivanova et al. 2020, and references therein).

Recent work by e.g. Pavlovskii et al. (2017), Klencki et al. (2021), Marchant et al.

(2021) and Gallegos-Garcia et al. (2021) have questioned whether the CE channel plays

a prominent role, based on results obtained with the 1D detailed binary evolutionary

code MESA (Paxton et al., 2015). They argue that systems that are typically assumed

to lead to successful CE ejection in rapid population synthesis simulations (such as ours),

will instead fail to initiate and survive a common envelope phase. If true, this would

potentially drastically reduce the relative contribution of the CE channel. This would
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have major implications for the field and implies that the contribution of the CE channel

is over estimated in our work.

Despite all off the above, it seems unlikely that the CE channel does not operate

at all. Various compact binary systems containing double white dwarfs and double

neutron stars exist, which are hard to all explain through other formation channels

(Rebassa-Mansergas et al., 2007, 2012; Nebot Gómez-Morán et al., 2011; Ivanova et al.,

2013b). As long as the CE channel plays a non-negligible role, we believe that at least

our qualitative conclusions will hold.

3.7.2 Are the delay time and mass distributions of the two chan-

nels distinguishable?

Although the detailed shape of the delay time and mass distributions are uncertain,

we believe that our finding that these two channels lead to distinct delay time

distributions is robust for the following reasons.

The first reason is that the CE channel and stable RLOF channel lose angular

momentum through intrinsically different mechanisms as explained in Section 3.3.2.

Because of this, it is reasonable to expect a difference in the distributions of final

separations and thus inspiral times. In fact, fine tuning would be required to avoid

significant differences. Similar arguments can be made for the mass distribution (see e.g.

Dominik et al., 2012; Eldridge & Stanway, 2016; Bavera et al., 2021a; Gallegos-Garcia

et al., 2021).

To better understand the impact of our (uncertain) model assumptions on the

resulting delay time and mass distributions we have analysed the suite of models
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presented in Broekgaarden et al. (2021b) (see Appendix 3.14). A relative lack of high

mass BHs with short delay times was found in all model variations. Furthermore, we

find significant differences in the delay-time and mass distributions for the two channels

for almost all variations.

Exceptions concern the models where we assume high values for the CE ejection

efficiency αCE (panels H and I in Figure 3.14). In these simulations the number of short

delay-time systems resulting from the CE channel is reduced (for αCE = 2) or disappear

entirely (for αCE = 10). The latter assumption results in delay-time distributions for the

CE and RLOF channel that are practically indistinguishable, but we consider such high

efficiencies unrealistic.

The distinction in the MBH,1 distribution diminishes in the models where a fixed

accretion efficiency during stable Roche-lobe overflow involving two stellar companions

is considered, β = 0.25 and β = 0.5, where β denotes the fraction of the mass lost

by the donor that is accreted by the companion (see panels B and C in Figure 3.14).

In these models, we find that the RLOF channel is less efficient in producing BBH

mergers, especially in the case of systems with high-mass MBH,1. We still find significant

differences in the delay times between the two channels, but the RLOF and CE channel

can no longer be clearly distinguished in the MBH,1 distribution. While the mass

accretion efficiency is an important uncertainty in our simulations, we do not believe

that assuming a fixed accretion efficiency is realistic.

3.7.3 Alternative observables to distinguish the two channels

We are not able to directly observe whether a BBH was formed through the CE

channel or the stable RLOF channel. Hence we need characteristic observable source
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properties to expose the distinct rate evolution. In this work we have focused on BH

mass as this can be inferred relatively well from observations. Possible other observables

that could be used are the distribution of the BH spins, the secondary masses, and the

mass ratio.

Mass ratios In the top panel of Figure 3.9 we show our predictions for the distribution

of mass ratios as seen by a hypothetical perfect detector (equation 3.6), which are

very different for both channels. The CE channel preferentially produces systems with

unequal masses (qfinal ≈ 0.3) but the distribution is broad and spans from 0.2 ≲ qfinal ≲ 1.

In contrast, we find that the stable RLOF channel predominantly forms merging binaries

with 0.6 ≲ qfinal ≲ 0.8 in our simulation. The distinct shape of this distribution is the

result of the requirement of the stability of mass transfer, the total-mass to core-mass

relation, the mass transfer efficiency (see Appendix 3.9 for an analytical derivation of

the low qfinal end). The clear difference in the two distributions is promising, but we note

that at the time of writing the mass ratios inferred for the detected systems are typically

not well constrained (e.g. Abbott et al., 2021c).

Secondary masses The distribution of secondary masses, MBH,2, is shown in

the bottom panel of Figure 3.9. The CE channel dominates the formation of low

secondary BH masses MBH,2 < 15 M⊙, while the stable RLOF channel dominates in

the range 15 M⊙ < MBH,2 < 40 M⊙. The reason for this is the same as discussed in

Section 3.3.1. The CE channel dominates again for the highest secondary mass BHs

(36 M⊙ < MBH,2 < 46 M⊙). The contribution of the stable RLOF drops quickly here due

to a lack of equal mass systems and the PISN mass limit of about 46 M⊙. We caution

not to over interpret the features of the highest mass BHs as the uncertainties in the
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Figure 3.9: Distributions of mass ratios, qfinal, and secondary masses, MBH,2, for BBHs
seen by a hypothetical perfect detector (Rdet

Univ(ζ), equation 3.6). Each panel shows the
distribution for all systems in grey, the stable RLOF channel in cross hatched pink, and
the CE channel in line hatched green. The dark and light shaded areas shows the 1- and
2-σ sampling uncertainties respectively, obtained through bootstrapping.
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evolution of the progenitor systems are the largest here.

Spins Gravitational wave observations provide constraints on the mass weighted

effective spin, χeff and for some events on the individual spin magnitudes and their

orientation. The constraints on the spin have been suggested as a promising diagnostic

to distinguish formation scenarios (e.g. Kushnir et al., 2016; Hotokezaka & Piran, 2017;

Zaldarriaga et al., 2018)

Our simulations do not provide predictions for the spin, but Bavera et al. (2020)

showed that, in case of the CE channel, the post-CE separation may well be small

enough to allow for tidal spin up of the He core that is the progenitor of the second born

BH (e.g. Bavera et al., 2020; Mandel & Fragos, 2020). In the case of the stable RLOF

channel, final separations are expected to be too wide for tidal spin-up (e.g. Bavera et al.,

2021a), but one might expect spin-up of the first born BH through mass transfer (e.g.

Bardeen, 1970), although this is matter of debate. In case of Eddington limited accretion,

spin up may not be significant (Bavera et al., 2021a). In the case of super-Eddington

accretion it remains unclear whether one can significantly spin up the accreting BH (e.g.

Tchekhovskoy et al., 2012) and in this case the orbit widens preventing the formation

of a GW source (van Son et al., 2020). Furthermore, large uncertainties remain in the

angular momentum transport of massive stars, which makes it difficult to accurately

translate stellar spins to BH spins (see e.g. Fuller et al. 2015, Olejak & Belczynski 2021

and Steinle & Kesden 2021 for a discussion of possible pathways to spinning BHs from

the isolated binary channel).
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3.7.4 The uncertain metallicity dependent cosmic star forma-

tion history

In general, variations in the assumed S(Z, z) have a large impact on RBBH(z), and

the shape of the BH mass distribution (e.g. Chruslinska et al., 2018a; Neijssel et al.,

2019; Broekgaarden et al., 2021b; Briel et al., 2021). Because the highest mass BHs can

only form from the lowest metallicities (see Figure 3.7), the stable RLOF channel will

only play a significant role in the BBH merger rate if there is sufficient star formation at

low metallicity, and the stable RLOF systems have had enough time to coalesce since

this low metallicity star formation.

To test the effect of the S(Z, z) on our main results, we repeated our complete

analysis while adopting the phenomenological model from Neijssel et al. (2019). This

S(Z, z) forms fewer stars at low metallicity (Z < 0.01) for the majority of our simulated

star-forming universe, but forms a significantly larger amount of low-metallicity stars

at the highest redshifts. Because this model is very sharply peaked around the mean

metallicity at each redshift there is almost no star formation at low metallicities for

all redshifts lower than z ≈ 1. In contrast, in our fiducial model we adopt a skewed

distribution to capture the tail of low metallicity star formation at low redshifts.

With this S(Z, z), we still retrieve the distinct redshift evolution for different BH

mass bins, similar to the trends discussed in Sections 3.5 and 3.6 . Specifically we find

a steep positive slope for RBBH(z) between 0 < z < 1 for BBHs with MBH,1 < 20 M⊙,

and a more shallow slope for BBHs with MBH,1 ≥ 20 M⊙. This causes the high mass

end ( MBH,1 ≳ 20 M⊙) of the MBH,1 mass distribution to decay faster at higher redshifts

than the low-mass end ( MBH,1 ≲ 18 M⊙) of the distribution. This is in line with Neijssel
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et al. (2019), who also found evidence for evolution of the BBH mass distribution with

redshift.

Our estimate of the total intrinsic BBH merger rate is R0 = 73 Gpc−3yr−1 at

redshift zero, and R0.2 = 94 Gpc−3yr−1 at z = 0.2. Although this rate prediction is

not an outlier in the recent review of local BBH merger rate predictions for isolated

binaries from Mandel & Broekgaarden (2022), it is a factor 2-5 higher than the most

recent estimates from the LIGO/Virgo/Kagra collaboration (R0.2 = 17.3 − 45 Gpc−3yr−1,

Abbott et al., 2021f). Our setup and binary physics assumptions are similar to those in

Neijssel et al. (2019), who predict a local rate of R0 ≈ 22 Gpc−3yr−1. The difference in

our rate prediction stems from our updated prescription for the metallicity-dependent

star-formation rate density as described above, S(Z, z) (see also Appendix 3.11).

Although we acknowledge the large uncertainties in S(Z, z), we note that if we

are sufficiently confident in the delay time distributions of observed BBH mergers, the

redshift evolution of the BBH merger rate can be used to measure the star formation

rate with gravitational waves (Vitale et al., 2019a). Therefore, detecting evolution in the

BH mass distribution as described in Section 3.6 could help us constrain S(Z, z) through

gravitational waves.

3.7.5 Further caveats of rapid population synthesis

All uncertainties that apply to rapid population synthesis simulations also apply to

this work (see e.g. Ablimit & Maeda, 2018; Belczynski et al., 2022a; Broekgaarden et al.,

2021b). Above, we already discussed the main uncertainties related to mass transfer

stability and the treatment of common envelope phases. Below, we highlight further

known shortcomings and uncertainties that are expected to impact our quantitative
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predictions

A major uncertainty for the evolution of massive stars concerns internal mixing and,

specifically, mixing beyond the boundaries of the convectively unstable regions. This

directly impacts the core masses. In our simulations we use prescriptions from Hurley

et al. (2000) that are fitted against models by Pols et al. (1997). For stars with initial

masses higher than 50 M⊙ these fits are extrapolated. The core masses in our simulations

turn out to be substantially smaller than those predicted in more recent grids of detailed

evolutionary models that were calibrated against observations (e.g. Brott et al., 2011).

Overall, we expect that our core masses for high mass stars to be underestimated (as

is true for all simulations that apply the original Hurley formulae). This will affect the

quantitative predictions for the BH mass, and mass ratio distributions. This includes our

predictions for the maximum BH mass that is efficiently formed through the CE channel

(∼ 30 M⊙ in this work).

The post-supernova remnant mass, including the amount of fallback, is uncertain.

In particular, stars that retain a significant fraction of their envelope up to the moment

of core collapse have been hypothesised to produce massive BHs if the envelope is

assumed to entirely fall back onto the newly formed BH (e.g. Fernández et al., 2018; Di

Carlo et al., 2019, 2020a). This way, relatively low mass stars (MZAMS ≲ 40 M⊙) that are

expected to more easily lead to successful CE events (following our arguments as stated

in Section 3.3.1), can still form high BH masses ( MBH,1 ≳ 30 M⊙, Di Carlo et al., 2019,

2020a,b; Kremer et al., 2020). However, for red supergiant stars, the envelope is expected

to be sufficiently loosely bound that the change in gravitational mass due to neutrino

losses when a core collapses likely unbinds the envelope (Nadezhin, 1980; Lovegrove &

Woosley, 2013; Adams et al., 2017). Complete fallback is expected only for blue and
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yellow supergiants (Fernández et al., 2018; Ivanov & Fernández, 2021). Moreover, in this

work we only study isolated binaries, which are not able to form BBH progenitors that

merge within the age of the Universe without the system transferring or losing angular

momentum as a consequence of mass transfer. Mass transfer, whether stable or unstable

(CE) leads to significant mass loss in our simulations. Therefore, we find that forming

merging BBHs with a massive primary BH through the fallback of a hydrogen envelope

only works if there is an external mechanism that brings the BH progenitors closer

together.

Lastly, in this work we have assumed a universal initial mass function (IMF).

However, recent studies suggest that the IMF might be more top-heavy at low metallicity

(e.g. Geha et al., 2013; Mart́ın-Navarro et al., 2015; Schneider et al., 2018; Gennaro

et al., 2018). Although uncertainties in the IMF can have a large impact on rate

predictions (de Mink & Belczynski, 2015a; Chruślińska et al., 2021), to first order, we

expect to still retrieve a distinct redshift evolution, RBBH(z) for low and high mass BHs

because the existence of the CE channel and stable RLOF channel is not affected by

IMF changes. A full study of the effect of a non-universal IMF is outside the scope of

this paper.

3.7.6 Contribution from other formation channels

In this work, we focus on predictions from the isolated binary channel. However, the

observed population of merging BBHs is most likely a mixture of several channels (Zevin

et al., 2021; Wong et al., 2021a). The variety of physics involved is vast, and hence the

span of predictions for merging BBH properties is equally large. See also Mapelli (2021)

and Mandel & Farmer (2022a) for reviews of proposed formation channels, and Mandel &
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Broekgaarden (2022) for a review of predictions for the merger rates from said formation

channels. Below we summarise findings for other formation channels, with an emphasis

on delay-time predictions, the slope of RBBH(z), and the predicted mass distribution (see

also, Fishbach & Kalogera 2021 for an overview of delay time predictions from several

different formation channels).

Two formation channels which exhibit a preference for the formation of more massive

BBHs are chemically-homogeneous evolution (CHE; e.g. de Mink et al., 2009; Song

et al., 2013, 2016b; Mandel & de Mink, 2016; Marchant et al., 2016; Riley et al., 2021)

and Population III binaries (e.g. Marigo et al., 2001; Belczynski et al., 2004; Kinugawa

et al., 2014; Inayoshi et al., 2017). Riley et al. (2021) find that CHE binaries have quite

short delay times (between 0.1 − 1 Gyr), causing the redshift evolution of RBBH(z) to

be fairly similar between CHE binaries and the full population of isolated binaries. du

Buisson et al. (2020) furthermore find that the intrinsic BBH merger rate from CHE

binaries evolves less steeply at low redshift than their adopted SFRD. Ng et al. (2021)

compare the intrinsic BBH merger rate density from formation in isolated binaries and

dynamical formation in globular clusters, to predictions for BBH mergers formed from

Population III stars. They find that Population III remnants should result in a secondary

peak of RBBH(z) around z ≈ 12 (beyond what we have adopted as the redshift of first

star formation).

Several formation channels have been proposed where the BBH merger is assisted

by dynamical encounters. These include BBH formation in nuclear star clusters (e.g.

Antonini et al., 2016; Petrovich & Antonini, 2017; Antonini et al., 2019b; Arca Sedda

et al., 2020b; Arca Sedda, 2020; Fragione & Silk, 2020), globular clusters (e.g. Downing

et al., 2010; Bae et al., 2014; Askar et al., 2017; Fragione & Kocsis, 2018; Rodriguez et al.,
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2019b) and young stellar clusters (e.g. Portegies Zwart & McMillan, 2000b; Mapelli

et al., 2013; Ziosi et al., 2014; Mapelli et al., 2017; Bouffanais et al., 2019; Fragione &

Banerjee, 2021). For globular clusters, Choksi et al. (2019) find a merger rate that is

weakly increasing out to z = 1.5 and drops at higher redshift. This behaviour is driven

by dynamical processes within the cluster, which introduce a significant delay between

cluster formation and BBH mergers.

Recent studies aim to compare the redshift evolution of the intrinsic BBH merger

rate between different formation channels. Zevin et al. (2021) investigate the local source

properties for the CE channel, stable RLOF channel, globular clusters and nuclear

clusters. Their Figure 1 shows evidence that the stable RLOF channel preferentially

forms higher chirp masses than the CE channel. Mapelli et al. (2022) compare the

rate evolution of the intrinsic BBH merger rate from isolated binaries to the rate from

nuclear star clusters, globular star clusters and young stellar clusters. They find that

the primary BH mass function is more top heavy at high redshift for both globular and

nuclear star clusters. In contrast to our work, they find that the mass distribution from

isolated binaries does not vary greatly with redshift, because the majority of systems in

their isolated binary channel is formed through CE, which results in short delay times.

However, the mass distribution of isolated binaries in their Figure 5 appears to contain

fewer primary BH masses of ≳ 20 M⊙ at redshift 4 relative to redshift 0 (although

this effect is smaller than the variation with redshift that they retrieve for nuclear and

globular clusters).

Lastly, AGN disks (e.g. Baruteau et al., 2011; Bellovary et al., 2016; Leigh et al.,

2018; Yang et al., 2019a; Secunda et al., 2019; McKernan et al., 2020), and mergers

in hierarchical systems assisted by dynamical interactions (e.g. Kimpson et al., 2016;
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Antonini et al., 2017b; Rodriguez & Antonini, 2018; Hoang et al., 2018) have also been

proposed as promising formation channels for BBH mergers.

At the time of writing, the estimates for the relative contribution of formation

channels are highly uncertain. However, linking source properties to predictions for the

rate evolution with redshift, such as in this work, could help distinguish between the

many possible origins of merging BBH systems.

3.8 Conclusions and summary
We discuss the implications of relations between the delay time and BH mass for

BBH systems that originate from isolated binaries. We explore the origin of these

relations by dividing our simulations into two main formation channels: BBH systems

that have experienced at least one common envelope (the ‘CE channel’) and systems

that did not experience a CE, i.e. that only experienced stable Roche-lobe overflow (the

‘stable RLOF channel’). We discuss how our findings affect the redshift evolution of the

BBH mass distribution. Specifically, we find a distinct redshift evolution of the BBH

merger rate, RBBH(z), for different primary BH masses, MBH,1. Below we summarise our

main findings.

The CE channel predominantly forms BBH systems with masses

MBH,1 ≲ 30 M⊙ and typically short delay times (tdelay < 1 Gyr) The CE

channel typically leads to shorter separations at BBH formation than the stable RLOF

channel. This causes on average shorter inspiral times and thus shorter delay times

(Figure 3.2). The CE channel does not form more massive BHs, because the massive

progenitor stars required for these BH masses experience less radial expansion and

stronger winds with respect to their lower mass counter parts. This results in conditions
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that are ill-favoured for successful common-envelope initiation and ejection.

The stable RLOF channel generally forms BBH systems with longer

delay times (tdelay ≳ 1 Gyr) and it is the main source of BBH systems with

MBH,1 ≳ 30 M⊙. The stable RLOF channel primarily produces larger separations at

BBH formation than the CE channel, which result in longer delay times. Because high

mass stars are ill-favoured for successful common-envelope initiation and ejection, the

highest mass BHs are almost exclusively formed through the stable RLOF channel.

The redshift evolution of the intrinsic BBH merger rate density is different

for low and high MBH,1 Due to the relations between the delay time and BH mass,

we find distinctly different slopes in the BBH merger rate density RBBH(z) for different

mass ranges of MBH,1 (see Figure 3.8). The merger rate density of the lowest mass BHs

( MBH,1 ≤ 20 M⊙) is dominated by the CE channel. For these BH masses, the merger

rate density has a slope at low redshift that is similar to the slope of the star formation

rate. The merger rate density of the highest mass BHs ( MBH,1 ≥ 30 M⊙) is dominated

by the stable RLOF channel. These higher mass systems have relatively longer delay

times (tdelay > 1 Gyr), causing the rate density to peak at lower redshift than the peak of

the star formation rate. We find that in the low-redshift regime that current detectors

probe, the evolution of the merger rate density is less steep for higher-mass MBH,1 than

for lower-mass BHs.

Although we cannot find significant evidence for this relation in the observed data

at the time of writing, if isolated binaries contribute significantly to the BBH merger rate

density, we expect that the distinct redshift evolution of the intrinsic merger rate density

for different BH masses will be verifiable with near-future detectors (see Section 3.6.2).
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The contribution of different formation channels to RBBH(z) varies with

redshift. While the CE channel dominates the production of merging BBHs in the

Universe, we predict that almost half of the systems we see merging at redshift 0 come

from the stable RLOF channel (Figure 3.4). Conversely, in the high redshift Universe,

the contribution to RBBH(z) from the stable RLOF channel will be negligible.
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Further software used in this work: Python (Van Rossum & Drake, 2009), Astropy

(Astropy Collaboration et al., 2013a, 2018a) Matplotlib (Hunter, 2007), NumPy (Harris

et al., 2020), SciPy (Virtanen et al., 2020), ipython/jupyter (Perez & Granger, 2007;

Kluyver et al., 2016), Seaborn (Waskom, 2021) and hdf5 (Collette et al., 2019).

3.9 Appendix: Inspecting mass ratios
Below we derive the typical minimum mass ratio of a BBH that forms through

the stable RLOF channel, as a function of the uncertain assumptions that go into our

population synthesis. We will refer to the the star that is more (less) massive at zero-age

main sequence (ZAMS) as the primary (secondary) and with the subscript A (B). See

Figure 3.1 for a cartoon example of a stable RLOF system, including a short definition

of the symbols as used in this section.

3.9.1 First mass transfer: from the primary to the secondary

Since the primary star is more massive, it will evolve on a shorter timescale than the

secondary and thus it will be the first to overflow its Roche Lobe. The donor (primary

star) typically starts RLOF either at the end of its main sequence, or during H-shell

burning, also known as Case A or early Case B mass transfer. We will focus on Case B

mass transfer (post core H burning) because, due to the large radial expansion, this is

most common case of mass transfer (e.g. Sana et al., 2012). During this phase of stable

mass transfer, the primary star will donate at most its envelope to the secondary star.

We neglect all mass loss due to winds in this simple approximation. We capture the

mass transfer efficiency in the parameter β, where β = 0 implies no mass is accreted,

while β = 1 implies the complete envelope of the primary is accreted by the secondary.
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The mass of the secondary after completion of the first mass transfer phase becomes:

M̃B = MZAMS,B + βMenv,A = MZAMS,A · qZAMS + MZAMS,A · β(1 − fcore)

= MZAMS,A · (qZAMS + β(1 − fcore)) ,

(3.13)

where qZAMS ≡ MZAMS,B/MZAMS,A, and we assume a fraction fcore of the stellar mass is

used to form the He core. We implicitly assume the core mass fraction of star A and star

B are similar, i.e. fcore,A/fcore,B ≈ 1.

The primary star will continue to evolve and ultimately form a BH. For the purpose

of this argument, we assume the complete core mass of the primary goes into forming

the BH mass, i.e.

MBH,a = MZAMS,A · fcore. (3.14)

3.9.2 Second mass transfer: from the secondary to the primary

When the secondary star ends core-H burning, it will swell up in size and, in our case,

start stable mass transfer. The second phase of mass transfer is highly non-conservative,

since accretion onto the BH is assumed to be Eddington limited. Therefore, MBH,a

remains approximately the same, and MBH,b will be approximately;

MBH,b = M̃Bfcore, (3.15)

where we again assume that the complete He core mass is used to form the BH mass.
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3.9.3 Final mass ratio

We find that for the stable channel, MBH,b typically forms the more massive BH,

because in most cases star B accretes a significant fraction of its companions envelope,

making it more massive than the primary at ZAMS. Hence, we define the typical final

mass ratio at BBH formation as:

qfinal ≡ MBH,a

MBH,b
≈ qBBH. (3.16)

Using Equations 3.14 and 3.15 we find

qBBH = MZAMS,A

M̃B
= 1

(qZAMS + β(1 − fcore))
. (3.17)

We find that in our simulations, core mass fractions range between about 0.33 and

0.43, To minimise equation 3.17 we further need to maximise qZAMS = 1 and β = 1.

Hence we find min(qfinal) ≈ 0.60 − 0.64. This agrees broadly with the location of the

drop in the distribution of mass ratios that we find in our simulations below around

qfinal ≈ 0.6, shown in Fig. 3.9. Understanding the right hand side of the mass ratio

distribution is more involved. It is set in part by the requirement that the systems

shrinks sufficiently during the second mass transfer, but also by mass transfer efficiency

itself.

For illustration, we also show a typical example system in Figure 3.10. This system

started with MZAMS,1 ≈ 90 M⊙ and MZAMS,2 ≈ 70 M⊙ and ends with MBH,a = 36 M⊙ and

MBH,b = 43 M⊙, hence qfinal ≈ 0.84.
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Figure 3.10: Masses (dashed lines, left y-axis) and binary orbital separation (solid yellow
line, right y-axis) over time, for a typical BBH progenitor system that evolved through
the stable RLOF channel. Transitions to different evolutionary stages are labelled with
the following acronyms: HG for Hertzsprung Gap star, HeMS for He Main Sequence star
and BH for Black Hole.

3.10 Appendix: Delay time distributions
We emphasize the bimodality in the delay time distribution by plotting the number

of merging BBHs per log tdelay in the top panel of 3.11. This is similar to Figure 3.2, but

integrated over all BH masses. For completeness, we also show the same distribution,

but per tdelay (i.e. not in log space).

3.11 Appendix: Metallicity-dependent star formation

rate S(Z, z)
Several recent studies have highlighted the importance of the choice of the

metallicity dependent cosmic starformation rate density S(Z, z) and the impact on the
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Figure 3.11: Similar to Figure 3.2, but integrated over MBH,1. The solid line shows
the centres of the histogram per d log10 tdelay (top panel) versus the histogram per dtdelay

(bottom panel), with bin sizes that are equal size in log-space (d log10 tdelay = 0.1), and
hence unequal size in tdelay. Both are normalized per 106 M⊙ of star forming mass. This
histogram contains a mixture of birth metallicities, that were sampled uniformly in log.
The dark and light shaded areas shows the 1- and 2-σ bootstrapping uncertainties respec-
tively. We indicate the stable RLOF channel with pink cross hatched lines, and the CE
channel with green line hatches.

final predictions (e.g. Chruślińska et al., 2019; Chruślińska & Nelemans, 2019a; Neijssel

et al., 2019; Broekgaarden et al., 2021b; Briel et al., 2021).

For the metallicity dependent starformation history assumed in this work we use the
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IllustrisTNG simulations. This is a suite of large magneto-hydrodynamical cosmological

simulations computed with the moving-mesh code Arepo (Springel, 2010; Pakmor et al.,

2016; Weinberger et al., 2020). The simulations follow the formation and evolution of

galaxies from high redshift to the current time and solve for the evolution of dark matter

and gas under the influence of feedback from star formation and supermassive blackholes

(for details see Springel et al., 2018; Marinacci et al., 2018; Nelson et al., 2018; Pillepich

et al., 2018a; Naiman et al., 2018).

The simulations were originally calibrated against the observed total cosmic star

formation rate density and the stellar mass function of galaxies (Pillepich et al., 2018b).

They reproduce the evolution of the sizes of galaxies with redshift (Genel et al., 2018)

and with observational constraints on the mass-metallicity relation of galaxies up to z = 2

(Torrey et al., 2019) as well as iron abundances (Naiman et al., 2018) and the metallicity

gradients within galaxies at low redshift (Hemler et al., 2021). These simulations have

also already been used to make predictions for gravitational wave sources through pairing

with predictions for the outcomes of binary evaluation obtained with the BPASS code

Briel et al. (2021).

We extract the amount of starformation ongoing at each redshift and metallicity

in the IllustrisTNG100 simulations and use this to derive the metallicity cosmic

starformation rate density, S(Z, z). For this we make use of an analytical fit inspired by

Neijssel et al. (2019), but adapted to better capture the asymmetry in the metallicity

distribution as detailed in Van Son et al. (in prep.). For the simulations presented in
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this work we use

S(Z, z) = a
(1 + z)b

1 + [(1 + z)/c]d︸ ︷︷ ︸
(1) SFRD(z)

2
Z

ϕ

(
ln Z − ξ(z)

ω(z)

)
Φ
(

α
ln Z − ξ(z)

ω(z)

)
︸ ︷︷ ︸

(2) dP/dZ(Z,z)

[
M⊙ yr−1 cMpc−3

]

(3.18)

where the first term (1) governs the overall starformation rate density SFRD(z), as a

function of redshift z (following the analytical form proposed by Madau & Dickinson,

2014). The second term (2) governs the metallicity distribution at each redshift,

we approximate this with a skewed log-normal distribution written as the product

of the standard log-normal distribution, ϕ, and the cumulative distribution function

of the standard log-normal distribution, Φ (O’Hagan & Leonard, 1976). For the

width of the distribution we assume ω(z) = ω0 · 10ωz ·z. We furthermore ensure that

mean of the metallicity distribution has the following simple dependence on redshift

⟨Z⟩ ≡ µ(z) = µ0 · 10µz ·z by setting

ξ(z) = −ω(z)2

2 ln
(

µ0 · 10µz ·z

2Φ(βω(z))

)
where β = α√

1 + α2
. (3.19)

This leaves us in total with nine free parameters which are fitted simultaneously.

In this work we have used a = 0.02, b = 1.48, c = 4.45, d = 5.9, α = −1.77,

µ0 = 0.025, µz = −0.048, ω0 = 1.125, and ωz = 0.048 (c.f. Van Son et al. in prep).

We note that our approach differs from the approach taken in some earlier studies

that use observed scaling relations to construct a prescription for the metallicity

dependent cosmic star formation history, for example as proposed by Langer & Norman

(2006a). Unfortunately, the observational constraints are scarce at high redshift,

where simple extrapolations may not be valid. This is problematic for gravitational

wave sources, which preferentially form from low metallicity star formation which is

most poorly constrained, especially at high redshift (cf. Chruślińska et al., 2021).
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We have therefore opted instead to make use of current state-of-the-art cosmological

simulations (see also Briel et al., 2021, for a discussion). These provide physically

motivated predictions at high redshift and have by now been extensively compared with

observational constraints at lower redshift. Despite the large remaining uncertainties in

these simulations, we believe this to be our best option at current times.

3.12 Appendix: The redshift dependence of the merger

rate as a function of chirp mass
In Figure 3.12 we show the same evolution of RBBH(z) per primary BH mass, in

the merger redshift – MBH,1 plane as displayed in Figure 3.3, but as a function of

chirp mass, Mchirp. We observe similar trends in the BBH merger distribution when we

investigate Mchirp instead of MBH,1. Specifically, BBH mergers with high chirp mass

( Mchirp > 20 M⊙) originate predominantly from the stable RLOF channel, while the CE

channel dominates the BBH merger rate for low chirp mass ( Mchirp ≤ 20 M⊙).

3.13 Appendix: Mass distribution split by formation

channel and metallicity
In Figure 3.13 we show the MBH,1 distribution split by both formation channel and

formation metallicity. We apply the same metallicity bins as those in Figure 3.7, but

exclude the highest metallicity bin to focus on metallicities low enough to form BHs with

masses above 20 M⊙. This shows that the stable RLOF channel dominates the high mass

end of the distribution at every metallicity.
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Figure 3.12: The averaged intrinsic merger rate density RBBH(z), for redshift bins of
dz = 0.2, and chrip mass bins of d Mchirp = 2.5 M⊙. The colours and symbols are the
same as in Figure 3.3.

3.14 Appendix: Physics variations
To test the robustness of our finding that the CE channel and stable RLOF channel

lead to distinct distributions in delay time and primary BH mass, we use the grid of

models presented in Broekgaarden et al. (2021a) and Broekgaarden et al. (2021b). These

simulations were performed with a version of COMPAS that predates the publicly available

code (most similar to version 02.13.01 of the publicly available code).

In Figures 3.14, 3.15, and 3.16, we show the distribution of primary BH mass
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Figure 3.13: Distribution of primary BH masses MBH,1 split by formation channel and
birth metallicity, for merger redshifts between 0 ≤ z < 0.5.

( MBH,1) and delay time (tdelay) similar to Figure 3.2. Each panel in these Figures

displays a separate simulation of 53 × 106 binaries. The fiducial model in this grid

(panel A in Figure 3.14) adopts physics assumptions that are very similar to our model

assumptions as described in Section 3.2. The exceptions are the PPISN prescription

(which follows Marchant et al., 2019), the metallicity sampling (which uses a discrete

grid of 53 metallicities between 10−4 − 0.03), and the LBV wind prescription (LBV-type

stars, that is, stars above the Humphreys-Davidson limit, are assumed to receive an

additional wind mass loss of 10−4 M⊙yr−1, inspired by Belczynski et al., 2010).

Each panel in Figures 3.14, 3.15 and 3.16 considers a physics variation with respect

to the fiducial model in panel A. The variations are summarised in the caption of each

Figure, and for a full description of the physics assumptions we direct the reader to

Broekgaarden et al. (2021a) and Broekgaarden et al. (2021b).

Figures 3.14, 3.15 and 3.16 show that the dearth of BBH systems with high mass
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( MBH,1 > 30 M⊙) and short delay time (tdelay ≲ 1 Gyr) is quite robust over numerous

physics variations. Moreover, as discussed in Section 3.7, we retrieve distinct BH-mass

and delay-time distributions for the two channels in almost all variations. The exceptions

are the models which assume a fixed value for the accretion efficiency β of 0.25 and 0.5 for

episodes of mass transfer with a non-compact accretor (panels B and C in Figure 3.14),

and the model which assumes a high value for the CE “efficiency parameter” (αCE = 2

and αCE = 10; panels H and I in Figure 3.14). Those variations in the accretion efficiency

β diminish the contribution of the stable RLOF channel, and specifically reduce the

production of high-mass MBH,1. This removes the distinction between the channels in

the MBH,1 distribution. Assuming αCE = 10 causes all the short delay-time systems

from the CE channel to disappear. This is because at higher αCE, a BH needs to inspiral

less deeply into its companion’s envelope to achieve envelope ejection. This results in

wider post-CE separations and hence more similar delay-time distributions for the two

channels.

Figure 3.14 (following page): Same as Figure 3.2 but for several variations in the assumed

model physics, based on models presented in Broekgaarden et al. (2021a) and Broekgaarden

et al. (2021b). The models in each panel are as follows. Panel A: the fiducial model (see text).

Panels B, C, and D: fixed mass-transfer efficiency of β = 0.25, 0.5, and 0.75 respectively. Panel

E: case BB mass transfer is assumed to be always unstable. Panels F, G, H, I: the CE efficiency

parameter, αCE, is set to 0.1, 0.5, 2.0, and 10.0 respectively.
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Figure 3.15 (following page): Same as Figure 3.14 but for the following model variations:

Panels J and K: maximum neutron star mass is fixed to 2.0 M⊙ and 3.0 M⊙ respectively. Panel

L: no PPISN or PISN implemented. Panels M and N: natal kicks are drawn from a Maxwellian

velocity distribution with a one-dimensional root-mean-square velocity dispersion of σCC =

100 km s−1 and 30 km s−1 respectively. Panel O: BHs are assumed to receive no natal kick.

Panels P and Q vary the strength of the Wolf-Rayet-like wind mass loss by a constant factor of

fWR = 0.1 and 5 respectively. Panel R combines the assumption that case BB mass transfer is

always unstable with allowing Hertzsprung-gap donor stars which initiate a CE to survive the

CE event (models E and S).
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S T

Figure 3.16: Same as Figure 3.14 but for the following model variations: Panel S:
Hertzsprung-gap donor stars initiating a CE are allowed to survive this CE event. Panel
T: adopts the Fryer et al. (2012) “rapid” supernova remnant-mass prescription.
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CHAPTER 4. ANALYTICAL FORM FOR THE Z-DEPENDENT SFRD

Abstract
New observational facilities are probing astrophysical transients such as stellar

explosions and gravitational-wave sources at ever-increasing redshifts, while also revealing

new features in source property distributions. To interpret these observations, we need

to compare them to predictions from stellar population models. Such models require

the metallicity-dependent cosmic star formation history (S(Z, z)) as an input. Large

uncertainties remain in the shape and evolution of this function. In this work, we

propose a simple analytical function for S(Z, z). Variations of this function can be easily

interpreted, because the parameters link to its shape in an intuitive way. We fit our

analytical function to the star-forming gas of the cosmological TNG100 simulation and

find that it is able to capture the main behaviour well. As an example application,

we investigate the effect of systematic variations in the S(Z, z) parameters on the

predicted mass distribution of locally merging binary black holes (BBH). Our main

findings are: I) the locations of features are remarkably robust against variations in the

metallicity-dependent cosmic star formation history, and II) the low mass end is least

affected by these variations. This is promising as it increases our chances to constrain

the physics that governs the formation of these objects.

4.1 Introduction
A myriad of astrophysical phenomena depend critically on the rate of star formation

throughout the cosmic history of the Universe. Exotic transient phenomena, including

(pulsational) pair-instability supernovae, long gamma-ray bursts and gravitational

wave (GW) events appear to be especially sensitive to the metallicity at which star

formation occurs at different epochs throughout the Universe (e.g., Langer et al., 2007;

157



CHAPTER 4. ANALYTICAL FORM FOR THE Z-DEPENDENT SFRD

Fruchter et al., 2006; Abbott et al., 2016c). Gravitational astronomy in particular

has seen explosive growth in the number of detections in the past decade (Abbott

et al., 2018a, 2021b,c), while theoretical predictions vary greatly due to uncertainties

in the aforementioned metallicity of star formation (e.g., Santoliquido et al., 2021b;

Broekgaarden et al., 2021b). In order to correctly model and interpret these observations,

it is thus fundamental to know the rate of star formation at different metallicities

throughout cosmic history; i.e. the metallicity-dependent cosmic star formation history

(S(Z, z), see also the recent review by Chruślińska, 2022). Throughout this work little z

refers to the redshift and Z to the metallicity of star formation.

It is difficult to observationally constrain the shape of S(Z, z) – (see e.g., Chruślińska

& Nelemans, 2019b; Boco et al., 2021, for discussion of relevant observational caveats).

Even at low redshifts, the low metallicity part of the distribution is poorly constrained

(Chruślińska et al., 2021). Nonetheless, several methods exist to estimate the

metallicity-dependent cosmic star formation history.

The first method is based on empirical scaling relations, linking galaxy properties

like stellar mass M⋆, metallicity Z, and overall star-formation rate density SFRD(z),

with the galaxy stellar mass function, GSMF (see e.g. Dominik et al., 2013b). However,

the applied methods to infer galaxy properties and subsequently scaling relations such

as the MZ-relation differ greatly, which makes it difficult to interpret these results in a

consistent way (e.g., Kewley & Ellison, 2008; Maiolino & Mannucci, 2019; Cresci et al.,

2019). Moreover, observations are generally incomplete at high redshifts and low galaxy

luminosity (e.g., Chruślińska et al., 2021).

One can also directly extract the metallicity-dependent cosmic star formation

history from cosmological simulations (e.g. Mapelli et al., 2017; Briel et al., 2022a).
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However, these simulations currently lack the resolution to resolve the lowest mass

galaxies, and their variations in S(Z, z) span a smaller range than those observed in

observationally-based models (Pakmor et al., 2022).

Alternatively, one can combine analytical models for the observed overall star-

formation rate density, SFRD(z), like those from Madau & Dickinson (2014) or Madau

& Fragos (2017), and convolve this with an assumed function for the shape of the cosmic

metallicity density distribution, such as was was done in e.g., Langer & Norman (2006b)

and the phenomenological model in Neijssel et al. (2019).

In this work we follow the latter approach and propose a flexible analytical

model for S(Z, z) that can be fit to the output of both cosmological simulations, and

observational data constraints where available. In contrast to earlier work, we adopt a

skewed-lognormal distribution of metallicities that can capture the asymmetry in the low

and high metallicity tails.

The purpose of this proposed form is twofold. First of all, the form we propose allows

for an intuitive interpretation of the free parameters. This allows us to get better insight

of the impact of changes in these parameters on the inferred ranges of astrophysical

transients (as we demonstrate in Section 4.4 using GW predictions as an example).

By adopting an analytical, parametrized form for S(Z, z), the large uncertainties can

be systematically explored. Secondly, both the large complications in observational

constraints, and the many uncertainties in cosmological simulations call for a generalised

form of S(Z, z) that can be easily updated when new information becomes available. In

particular, the advent of observations with the James Webb Space Telescope promises

a new era of high-redshift metallicity studies of previously unexplored regimes (e.g.,

Sanders et al., 2022). We hope that this form will facilitate the flexibility needed to keep
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up with observations. The model described in this work is incorporated in the publicly

available ‘Cosmic Integration’ suite of the COMPAS code.1

We describe our model for S(Z, z) in Section 4.2. We fit our model to the

star-forming gas in the Illustris TNG100 simulation in Section 4.3, and demonstrate

an example application of our model by systematically varying the parameters that

determine the shape of S(Z, z) and investigate their impact on the local distribution of

merging BBH masses in Section 4.4. We summarise our findings in Section 4.5.

Throughout this work, we adopt a universal Kroupa initial mass function (Kroupa,

2001) with the mass limits 0.01 − 200 M⊙ and a flat ΛCDM cosmology with ΩM = 0.31,

ΩΛ = 0.69 and H0 = 67.7km s−1 Mpc−1 (Planck Collaboration et al., 2020).

4.2 A convenient analytic expression for the metallicity-

dependent cosmic star formation history
We write the metallicity-dependent cosmic star formation history as

S(Z, z) = SFRD(z) × dP
dZ(Z, z) (4.1)

(similar to e.g., Langer & Norman 2006b). The first term is the star formation rate

density, SFRD(z), that is the amount of mass formed in stars per unit time and per unit

comoving volume at each redshift, z. The second term, dP/dZ(Z, z), is a probability

density distribution that expresses what fraction of star formation occurs at which

metallicity, Z, at each redshift.

1https://github.com/TeamCOMPAS/COMPAS/tree/dev/utils/CosmicIntegration
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4.2.1 The cosmic metallicity density distribution

For the probability distribution of metallicities we draw inspiration from the

approach by e.g., Neijssel et al. (2019) who used a log-normal distribution for their

phenomenological model. Unfortunately, a simple log-normal distribution cannot capture

the asymmetry that we see in the cosmological simulations, which show an extended

tail in log10 Z towards low metallicity, combined with a very limited tail towards higher

metallicity. To capture this behaviour we adopt a skewed-log-normal distribution instead.

This is an extension of the normal distribution that introduces an additional shape

parameter, α, that regulates the skewness (first introduced by O’Hagan & Leonard,

1976).

The skewed-log-normal distribution of metallicities is defined as:

dP
dZ(Z, z) = 1

Z
× dP(Z, z)

d ln Z

= 1
Z

× 2
ω

ϕ

(
ln Z − ξ

ω

)
︸ ︷︷ ︸

(a)

Φ
(

α
ln Z − ξ

ω

)
︸ ︷︷ ︸

(b)

,
(4.2)

where (a) is the standard log-normal distribution, ϕ,

ϕ

(
ln Z − ξ

ω

)
≡ 1√

2π
exp

−1
2

(
ln Z − ξ

ω

)2
 (4.3)

and (b) is the new term that allows for asymmetry, which is equal to the cumulative of

the log-normal distribution, Φ,

Φ
(
α ln Z−ξ

ω

)
≡ 1

2

[
1 + erf

{
α ln Z−ξ

ω
√

2

}]
. (4.4)

This introduces three parameters, α, ω and ξ, each of which may depend on redshift. The

first parameter, α, is known as the “shape”. It affects the skewness of the distribution

and thus allows for asymmetries between metallicities that are higher and lower than
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the mean. The symmetric log-normal distribution is recovered for α = 0. The second

parameter, ω is known as the “scale”. It provides a measure of the spread in metallicities

at each redshift. Finally, ξ, is known as the “location”, because this parameter plays a

role in setting the mean of the distribution at each redshift.

The location and the mean of the metallicity distribution To obtain a useful

expression for the redshift dependence of the “location” ξ(z) we first express the

expectation value or mean metallicity at a given redshift

⟨Z⟩ = 2 exp
(

ξ + ω2

2

)
Φ (β ω) (4.5)

where β is

β = α√
1 + α2

. (4.6)

(For a more extended derivation of the moments of the skewed-log-normal, see e.g.,

Wang et al. (2019).)

For the evolution of the mean metallicity with redshift we follow Langer & Norman

(2006b) and the phenomenological model from Neijssel et al. (2019) in assuming that the

mean of the probability density function of metallicities evolves with redshift as:

⟨Z⟩ ≡ µ(z) = µ0 · 10µz ·z, (4.7)

where µ0 is the mean metallicity at redshift 0, and µz determines redshift evolution of

the location. Equating this to Equation 4.5, we get an expression for ξ(z),

ξ(z) = ln
(

µ0 · 10µz ·z

2 Φ(β ω)

)
− ω2

2 . (4.8)
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The scale (and variance) of the metallicity distribution We will also allow the

“scale” ω to evolve with redshift in a similar manner,

ω(z) = ω0 · 10ωz ·z. (4.9)

where ω0 is the width of the metallicity distribution at z = 0, and ωz the redshift

evolution of the scale.

Note that the width, w(z) is not the same as the variance. The variance, σ2(z), can

be expressed as

σ2(z) = ω2(z)
(

1 − 2β2

π

)
(4.10)

Asymmetry of the metallicity distribution: α The skewness α could in principle

also be allowed to evolve with redshift (e.g., α(z) = α(z = 0)10αz ·z). However, we find no

significant improvement over the simpler assumption where alpha is kept constant. Note

that the redshift evolution of the ‘scale’ (eq. 4.9), already captures similar behaviour in

our current formalism. We therefore adopt α = α(z = 0) and αz = 0.

In summary, Equation 4.2 becomes:

dP
dZ(Z, z) = 2

ω(z)Z × ϕ

(
ln Z − ξ(z)

ω(z)

)
Φ
(

α
ln Z − ξ(z)

ω(z)

)
, (4.11)

where ξ(z) and ω(z) are defined in Equations 4.8 and 4.9 respectively and we have

assumed α to be constant.
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4.2.2 The overall cosmic star formation rate density

For the star formation rate density, we assume the analytical form proposed by

Madau & Dickinson (2014),

SFRD(z) = d2MSFR

dtdVc

(z) = a
(1 + z)b

1 + [(1 + z)/c]d
(4.12)

in units of [ M⊙ yr−1 cMpc−3]. This introduces four parameters: a which sets the overal

normalisation and which has the same units as SFRD(z) and b, c and d which are unitless

and which govern the shape of the overal cosmic star formation rate density with redshift.

Lastly, we combine equations 4.11 and 4.12 to form a full metallicity specific star

formation rate density as described in equation 4.1.

4.3 Fit against Cosmological simulation
We fit our new functional form of S(Z, z) as defined by equations 4.1, 4.11 and 4.12

to the IllustrisTNG cosmological simulations. We simultaneously fit for the following

nine free parameters α, µ0, µz, ω0, ωz, which govern the metallicity dependence and a, b, c

and d, which set the overall star-formation rate density. Below we briefly discuss the

IllustrisTNG simulations, and elaborate on our fitting procedure.

4.3.1 IllustrisTNG Cosmological simulations

Although here, we only fit our model to the TNG100 simulation, our prescription can

be easily be used to fit other simulated or observational data of the metallicity-dependent
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cosmic star formation history2 .

The IllustrisTNG-project (or TNG in short) considers galaxy formation and

evolution through large-scale cosmological hydrodynamical simulations (Springel et al.,

2018; Marinacci et al., 2018; Nelson et al., 2018; Pillepich et al., 2018a; Naiman et al.,

2018; Nelson et al., 2019a; Pillepich et al., 2019). Such simulations provide the tools to

study parts of the Universe that are not easily accessible by observations. In particular

of interest for this work, they simulate the high redshift enrichment of galaxies and the

tail of low metallicity star formation at low redshift.

The models implemented in the publicly available TNG simulations (Nelson et al.,

2019b)3 have lead to many successes. These models where calibrated at the resolution

of the TNG100 simulation, hence TNG100 is expected to provide the best overall

agreement to global properties (like the star formation rate density). This is why we

adopt the TNG100 simulation as our fiducial simulation. For a more extended discussion

focused on the processes that govern the creation, distribution and mixing of metals in

in the TNG simulations, we refer to Pakmor et al. (2022). In short, star formation in

the TNG simulations is calibrated against the Kennicutt–Schmidt relation (Schmidt,

1959; Kennicutt, 1989), using an effective equation of state (Springel & Hernquist,

2003). The stellar metallicity yields are an updated version of the original Illustris

simulations as described in Pillepich et al. (2018b). Star particles deposit metals into the

gas through type Ia and type II supernovae, as well as through asymptotic giant branch

stars. The TNG simulations have been shown to match observational constraints on the

2We provide a Jupyter notebook to facilitate this fit here: https://github.com/LiekeVanSon/SFRD_

fit/blob/main/src/scripts/Notebooks/Fit_model_to_sfrdzZ.ipynb

3https://www.tng-project.org/

165

https://github.com/LiekeVanSon/SFRD_fit/blob/main/src/scripts/Notebooks/Fit_model_to_sfrdzZ.ipynb
https://github.com/LiekeVanSon/SFRD_fit/blob/main/src/scripts/Notebooks/Fit_model_to_sfrdzZ.ipynb
https://www.tng-project.org/


CHAPTER 4. ANALYTICAL FORM FOR THE Z-DEPENDENT SFRD

mass-metallicity relation of galaxies up to z = 2 (Torrey et al., 2019), as well as iron

abundances (Naiman et al., 2018), metallicity gradients within galaxies at low redshift

(Hemler et al., 2021), and the reduction of star formation in the centers of star-forming

galaxies (Nelson et al., 2021). Several studies have used the TNG simulations to make

predictions for astronomical transient sources (e.g. Briel et al., 2022a; Bavera et al., 2022;

van Son et al., 2022c). Out of the four S(Z, z) variations explored, Briel et al. (2022a)

find that TNG provides one of the best agreements between observed and predicted

cosmic rates for electromagnetic and gravitational-wave transients, when combined with

their fiducial binary population synthesis model.

On the other hand, large uncertainties and crude approximations remain in all

contemporary cosmological simulations, thus also in the TNG simulations. Generally,

some of the chemical evolution of galaxies in cosmological simulations is unresolved, and

thus depends strongly on the implemented ‘sub-grid physics’. A known uncertainty is

that dust is not included in the TNG simulations, which could mean that metallicity

of the star-forming gas is overestimated. Feedback from active galactic nuclei is not

well understood theoretically and is described in an approximate manner (Springel

et al., 2005; Weinberger et al., 2017). Furthermore, all stellar winds mass loss from

massive stars, binary interactions and their ionising effects are ignored (e.g. Dray et al.,

2003; Smith, 2014; Götberg et al., 2020; Doughty & Finlator, 2021; Farmer et al., 2021;

Goswami et al., 2022). Moreover, the uniform ionising UV background is turned on

abruptly at z = 6. This crucially impacts the amount of low metallicity star formation

at high redshift as it allows small galaxies to produce more stars than what would be

expected for a gradually increasing UV background that reaches full strength at z = 6.

All these uncertainties underline the need for a flexible approximation of the S(Z, z),
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that can be easily updated when cosmological models and sub-grid physics are updated.

4.3.2 Choices and binning of the data

We fit equation 4.1 to the metallicity-dependent star formation rate of the

star-forming gas in the TNG100 simulation. For this we use a binned version of the

TNG data S(Z, z)sim. We consider metallicities between log10 Z = −5 to log10 Z = 0 in

30 bins, where we use Zi to refer to the logarithmic centres of the bins. We ignore star

formation in metallicities log10 Z ≤ −5 as this accounts for less than 1% of the total

cosmic star formation rate in these simulations. We consider bins in redshifts between

z = 0 and z = 10, with a step size of dz = 0.05, where zj refers to the centres of the bins.

4.3.3 Optimisation function

To find a solution we use a method based on the sum of the quadratic differences

between the simulations and our fit function. Using a vanilla χ-squared approach does

not serve our purposes very well as it does a poor job in fitting regions where the star

formation is very low. Using a χ-squared approach on the logarithm of the function

instead places far too much weight on trying to fit the star formation rate in regions

where the rate is very low or not even significant. After experimenting, we find that the

following approach gives us satisfactory results.

We first consider a given redshift zj. For this redshift we compute the sum of the

squared residuals between the cosmological simulation and our fit. This is effectively the

square of the l2-norm:

χ2(zj) ≡
∑
Zi

(S(Zi, zj)sim − S(Zi, zj)fit)2 . (4.13)

Here, the variable Zi runs over all metallicity bins. We are particularly interested in
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properly fitting the low metallicity star formation at high redshifts. At high redshifts, the

overall star-formation rate density is generally lower. To ensure that our fitting procedure

gives sufficient weight to the behaviour at all redshifts, we introduce a penalisation factor

to somewhat reduce the contribution of redshifts where the peak of cosmic star formation

occurs, while increasing the weight at redshifts where the overall star-formation rate

density is lower. To achieve this we divide χ2(zj) by the star formation ∑Zi
S(Zi, zj) per

redshift bin before adding the contribution of all redshifts. Our final expression for the

cost function reads

χ =
∑
zj

χ2(zj)∑
Zi
S(Zi, zj)

(4.14)

To minimize this cost funciton, we use scipy.optimize.minimize from SciPy

v1.6.3 which implements the quasi-Newton method of Broyden, Fletcher, Goldfarb, and

Shanno (BFGS, Nocedal & Wright, 2006). 4

4.3.4 Resulting S(Z, z)

Our best fitting parameters are listed in Table 4.1. With these fit parameters,

χ2(zj) is smaller than 2 · 10−4 at any given redshift. To evaluate our fit, we show the

absolute residuals and relative errors in Appendix 4.6. We will refer to the S(Z, z) with

the parameters listed in Table 4.1 as our fiducial model.

In Figure 4.1 we show our fiducial model at different redshifts and metallicities. We

also show the overall star-formation rate density SFRD(z) in Figure 4.2. In general,

our analytical model captures the metallicity-dependent cosmic star formation history

4http://www.apmath.spbu.ru/cnsa/pdf/monograf/Numerical_Optimization2006.pdf
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Table 4.1.: Best fitting parameters for our S(Z, z) fit to TNG100 data. The SFRD(z)
parameters are in units of M⊙ yr−1 Mpc−3.

dP/dZ(Z, z) description best fit SFRD(z) best fit

µ0 mean metallicity at z = 0 0.025 ± 0.036 a 0.02 ± 0.072

µz z-dependence of the mean −0.049 ± 0.006 b 1.48 ± 0.002

α shape (skewness) −1.778 ± 0.002 c 4.44 ± 0.001

ω0 scale at z = 0 1.122 ± 0.001 d 5.90 ± 0.002

ωz z-dependence of the scale 0.049 ± 0.009

in the TNG100 simulations well (bottom panels of Figure 4.1). The skewed-log normal

metallicity distribution is able to reproduce the overall behaviour that is observed in

TNG100 (bottom left panel, but cf. Pakmor et al., 2022, for an in-depth discussion of

low metallicity star formation in the TNG50 simulation). Only minor features like the

additional bump just above log10(Z) = −2 at redshift 2 are missed. However, for our

purposes, it is more important to prioritise fitting the large scale trends, while we are

Figure 4.1 (following page): Our fiducial S(Z, z) model, adopting the best fitting param-

eters (listed on the top right) to fit the TNG100 simulations. The top panel shows the full

two dimensional S(Z, z) linear in time. Contours range from 10−7 − 10−2 M⊙ yr−1 Mpc−3.

The bottom left (right) panel shows slices of the distribution in redshift (metallicity).

Each slice is displaced by 0.01 M⊙ yr−1 Mpc−3 (note the linear scale of S(Z, z) in the bot-

tom panel). We show the TNG100 simulation data with thick gray lines. For comparison,

we also show the phenomenological model from Neijssel et al. (2019) in all panels with

grey dotted lines. The bottom panels show that our analytical model adequately captures

the shape of the S(Z, z) from TNG100.
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not so interested in smaller scale fluctuations.

Adopting a skewed-lognormal metallicity distribution allows for a tail of low

metallicity star formation out to low redshifts. To emphasise the difference between a

skewed-lognormal and a symmetric lognormal distribution, we show the phenomenological

model from Neijssel et al. (2019) in dotted grey. Their model falls within the family of

functions that is encompassed by our model described in Section 4.2, but we note that

their model is distinctly different.5

Although our model preforms well at reproducing the large scale trends seen in

TNG, we acknowledge that more complex features as suggested by some observational

studies could be missed. One example is that the SFRD(z) shape we adopt from

Madau & Dickinson (2014) does not account for starburst galaxies (see discussion in

Chruślińska et al., 2021). Moreover, our model cannot capture inflection points in

the mean metallicity, because we assume both µ0 and µz are constants with redshift

(equation 4.7). Contrarily, Chruślińska & Nelemans (2019b) find an upturn in the

amount of low metallicity star formation above z = 4 if the power law of the GSMF is

allowed to evolve with redshift. Hence, although our model is more broadly applicable

than previous models, in it’s current form, it does not capture the complete range of

observationally-allowed variations. Incorporating more complex functional forms for our

the mean metallicity could possibly capture such behaviour, but this analysis is beyond

the scope of this paper.

5The phenomenological model from Neijssel et al. (2019) is recovered by adopting µ0 = 0.035, µz =

−0.23, ω0 = 0.39, ωz = 0, α = 0, a = 0.01, b = 2.77, c = 2.9 and d = 4.7.
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4.4 Application: systematic variations of S(Z, z) and

the effect on the mass distribution of merging

BBHs
We will now demonstrate the application of our analytical model by systematically

varying the parameters in our fiducial S(Z, z) model, and investigate their effect on the

local mass distribution of BBH mergers originating from isolated binaries.

We use the publicly available rapid binary population synthesis simulations presented

in van Son et al. (2022a).6 These simulations were run using version v02.26.03 of the

open source COMPAS suite (Riley et al., 2022b)7. COMPAS is based on algorithms that

model the evolution of massive binary stars following Hurley et al. (2000, 2002) using

detailed evolutionary models by Pols et al. (1998). In particular, we use the simulations

behind Figure 1 from van Son et al. (2022a), and we refer the reader to their methods

section for a detailed description of the adopted physics parameters and assumptions. 8

Metallicities of each binary system were sampled from a smooth probability distribution

to avoid artificial peaks in the BH mass distribution (e.g. Dominik et al., 2015a; Kummer,

2020). These simulations provide us with an estimate of the yield of BBH mergers per

unit of star-forming mass and metallicity.

6Available for download at https://zenodo.org/record/7612755, see also the Software and Data

section in the acknowledgements

7https://github.com/TeamCOMPAS/COMPAS

8We note that the rate in van Son et al. (2022a) is slightly higher than the fiducial rate presented in

Figure 4.3 in this work. This difference is caused by the use of rounded parameter values of S(Z, z) in

van Son et al. (2022a).
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We combine the aforementioned yield with variations of the fiducial S(Z, z) model

described in this work. By integrating over cosmic history, we obtain the local merger

rates of BBH systems, which allow us to construct the distribution of source properties

at every redshift. We use the cosmic integration scheme that is part of the publicly

available COMPAS suite, which includes the S(Z, z) model described in this work. The

details of this framework are described in Neijssel et al. (2019), but also in van Son et al.

(2022c), where more similar settings to this work are used.

4.4.1 Determining reasonable variations of S(Z, z)

We consider variations in both the shape of the cosmic metallicity density

distribution dP/dZ(Z, z), and the shape of the overall star-formation rate density,

SFRD(z). To determine the range that is reasonably allowed by observations, we

compare our variations to the observation-based S(Z, z) models described in Chruślińska

et al. (2021). An overview of the explored variations is shown in Table 4.2. Below we

explain how we arrive at these values.

Table 4.2.: Variations on S(Z, z). For every variation, we either swap the value of an
individual dP/dZ(Z, z) parameter, or exchange the set of four SFRD(z) parameters, and
replace them by the the min/max values listed here. All other parameters are kept fixed
at their fiducial value.

dP/dZ(Z, z) min fiducial max SFRD(z) min fiducial max

µ0 0.007 0.025 0.035 a 0.01 0.02 0.03

µz 0.0 −0.049 -0.5 b 2.60 1.48 2.6

α -6.0 −1.778 0.0 c 3.20 4.44 3.3

ω0 0.7 1.125 2.0 d 6.20 5.90 5.9

ωz 0.0 0.048 0.1
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For the cosmic metallicity density distribution, we vary every parameter that

determines the shape of dP/dZ(Z, z) independently (three left-most columns of

Table 4.1, and top of Table 4.2 ), while keeping all other parameters fixed at their

fiducial value. For each variation, we inspect the fraction of stellar mass that is

formed at low-metallicity (Z < 0.1Z⊙) versus the fraction of stellar mass that is

formed at high-metallicity (Z > Z⊙), for all star formation that occurred below a

certain threshold redshift. We compare this to the models from Chruślińska et al.

(2021) in Figure 4.6 in Appendix 4.7. We have chosen our variations such that they

span a reasonable range of cosmic metallicity density distributions as allowed by

observation-based and cosmological simulations-based models. We use the models

214-f14SB-BiC FMR270 FOH z dM.dat, and 302-f14SB-Boco FMR270 FOH z dM.dat

from Chruślińska et al. (2021)9 as a representation of a very low and high metallicity

star formation realisation respectively. These models are the low and high metallicity

extreme under their fiducial SFR–metallicity correlation, and so we will refer to them as

Chr21 lowZ and Chr21 highZ respectively from hereon. The difference between these

models lies in the assumptions in the underlying empirical galaxy relations. In general,

low-mass galaxies contribute to low-metallicity star formation and shift the peak of

S(Z, z) to lower metallicities. Chr21 lowZ is characterised by a star formation–galaxy

mass relation that is flat at high galaxy masses (reducing the star formation rate for

the highest-mass galaxies), a galaxy stellar mass function that evolves with redshift

(predicting an increasing number density of low-mass galaxies), and a local galaxy

mass-metallicity relation as in Pettini & Pagel (2004). This model further approximates

9These models including a detailed description of their contents are publicly available at https:

//ftp.science.ru.nl/astro/mchruslinska/Chruslinska_et_al_2021/
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the contribution of starburst galaxies following Bisigello et al. (2018) and Caputi et al.

(2017). Assuming that starburst galaxies follow the empirical fundamental metallicity

relation (leading to anti-correlation between the SFR and metallicity), their inclusion

tends to shift the peak of S(Z, z) to lower metallicities and broadens the low-metallicity

part of the distribution.

On the other hand, Chr21 highZ assumes the star formation–galaxy mass relation

does not flatten towards higher galaxy masses, a galaxy stellar mass function where the

slope for the low-mass end is constant over redshift, and a local galaxy mass-metallicity

relation following Kobulnicky & Kewley (2004). Lastly, this model adopts the starburst

prescription from Boco et al. (2021), which produces results that are similar to models

without starburst galaxies.

For every variation of our model, we inspect both the full S(Z, z) and slices at

redshifts z = 0, 0.5, 3.0 and 6 by eye. At each slice we compare our model variation

to Chr21 lowZ and Chr21 highZ, and ensure that none of our variations significantly

exceeds these extremes in S(Z, z). This also serves as a sanity check for the overall

star-formation rate density.

We also consider two variations of the overall star-formation rate density, SFRD(z),

where we keep the metallicity distribution dP/dZ(Z, z) fixed, but vary all four SFRD(z)

parameters at once (right two columns of Table 4.1, and bottom of Table 4.2). We

use Figure 11 from Chruślińska et al. (2021) to determine approximate upper and

lower bounds to the overall star-formation rate density. We choose Madau & Fragos

(2017) as an approximation of the lower limit. For the upper limit, we use the upper

edge of models that adopt starbursts following Bisigello et al. (2018) and Caputi

et al. (2017) (SB: B18/C17), combined with a non-evolving low-mass end of the
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galaxy stellar mass function (shown as a thick brown line in Fig. 11 of Chruślińska

et al., 2021, and described in their table B1). To approximate these models, we fit

equation 4.12 by eye to the broken power law description of this model as presented

in appendix B1 of Chruślińska et al. (2021). We show all SFRD(z) variations in Figure 4.2.

4.4.2 The effect of the S(Z, z) on the primary masses of merging

BBH

To isolate the effect of the S(Z, z) from the effects of different formation channels,

we split the data from van Son et al. (2022c) between the stable mass transfer channel

(e.g., van den Heuvel et al., 2017; Inayoshi et al., 2017; Bavera et al., 2021a; Marchant

et al., 2021; Gallegos-Garcia et al., 2021; van Son et al., 2022c), and the ‘classical’

common-envelope channel (or CE channel, e.g., Belczynski et al., 2007b; Postnov &

Yungelson, 2014b; Belczynski et al., 2016b; Vigna-Gómez et al., 2018b). These channels

Figure 4.2 (following page): Comparison of several overall star-formation rate densities,

SFRD(z), with redshift (top panel) and with lookback time (bottom panel). The solid

orange and dashed red lines respectively show the star formation data from TNG100 and

our corresponding fit adopting eq. 4.12 (fiducial model). The dotted gray and solid blue

lines are variations of eq. 4.12 used to approximate the lower and upper edge of possible

star-formation histories. The dotted gray line shows the model from Madau & Fragos

(2017), while the solid blue line mimics the behaviour of the powerlaw-fit to the SB:

B18/C17 variations with a non-evolving low-mass end of the galaxy stellar mass function

from Chruślińska et al. (2021).
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are distinguished based on whether the binary system has experienced a common

envelope phase (CE channel) or only stable mass transfer (stable channel in short from

now on).

In Figures 4.3 and 4.4, we show the resulting primary mass distribution of merging

BBHs from the stable channel and CE channel respectively. The primary (secondary)

component refers to the more (less) massive component of merging BBHs. Each panel

varies one aspect of the S(Z, z). In the first five panels of Figures 4.3 and 4.4, we vary

one of the parameters that determine the shape of the probability density distribution of

metallicities, while keeping all other values fixed at their fiducial values. In the last panel

of Figures 4.3 and 4.4, we vary the shape of the overall star-formation rate densities,

SFRD(z), to one of the variations shown in Figure 4.2, while keeping the probability

density distribution of metallicities fixed.

The first thing we note is that the location of the features in the primary mass

distribution are robust against variations in S(Z, z). For the stable channel, two features

Figure 4.3 (following page): The primary mass distribution of merging BBH systems from

the stable mass transfer channel for several variations in S(Z, z) (see Table 4.2). The first

five panels show variations of dP/dZ(Z, z), eq. 4.11, where we vary one parameter at a time

while keeping the rest fixed at their fiducial value. The bottom right panel shows variations in

SFRD(z), where we vary the four parameters of SFRD(z) simultaneously. All panels are shown

at redshift z = 0.2, with the corresponding BBH merger rate indicated in the legend. We show

the power-law + peak model from Abbott et al. (2021f) in gray. We annotate the relative change

in the rate at three reference masses: 10 M⊙, 25 M⊙ and 40 M⊙.
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are visible in all variations: a peak at MBH,1 ≈ 9 M⊙ and a bump at MBH,1 ≈ 22 M⊙.

Two more features are visible in at the high mass end for almost all S(Z, z); a knee

at MBH,1 ≈ 35 M⊙ and another bump at MBH,1 ≈ 45 M⊙. Although the locations of

these features are constant, the features themselves can disappear for variations that

suppress the rate of high mass BHs (e.g., dashed lines in the top panels of Fig. 4.3).

Similarly, the CE channel displays a kink in the distribution at about 9 M⊙, and a peak

at approximately MBH,1 ≈ 17 M⊙ for all variations. The latter peak is the global peak of

the mass distribution in almost all variations.

The finding that the locations of features in the mass distribution do not change

for different S(Z, z) is consistent with earlier work. Recent work by Chruślińska (2022)

showed that, when comparing two very different models of S(Z, z) (their Figure 5), the

location of the peaks remains the same, even though the normalisation between the two

BBH merger rates is completely different. Furthermore, Broekgaarden et al. (2021b)

show the probability distribution of chirp masses for BBHs in their Fig. 4. Although

features can disappear when the S(Z, z) prohibits the formation of certain (typically

higher) mass BHs, the location of features remains the same. This implies that the

locations of features in the mass distribution of BBHs are determined by the formation

channel and its underlying stellar and binary physics. The locations of features could

therefore serve as sign posts of the underlying physics.

Figure 4.4 (following page): Same as Figure 4.3, but for the Common Envelope channel.

These figures show that the low mass end of the primary mass distribution is least affected

by the adopted S(Z, z). Moreover, the location of features in the mass distribution are

robust against all explored variations.
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Second, we see that the low mass end of the primary mass distribution is relatively

robust against variations in S(Z, z). To quantify this, we annotate the ratio between the

maximum and minimum rate at three reference masses; MBH,1 = 10, 25, and 40 M⊙. At

MBH,1 = 10 M⊙, we find that the rate changes by at most a factor of about 3.7 for the

stable channel, and at most about a factor of 3.8 for the CE channel. On the other hand,

the change in rate at MBH,1 = 40 M⊙ can be as high as a factor of about 200 and 150

for the stable and CE channels, respectively. The lowest mass BHs are least affected by

the S(Z, z) because they can be formed from all metallicities above Z ≳ 10−3 (see e.g.,

Figures 7 and 13 from van Son et al., 2022c). The rate of star formation at metallicities

above ≳ 10−3 is observationally relatively well constrained for redshifts below 0.5 (which

comprises the past 5 Gyr of star formation). This is reflected in the top panel of Figure

4.6: all models show that 10% or less of the stellar mass was formed at a metallicity

below Z/10 ≈ 0.0014, or in other words, about 90% or more of the stellar mass was

formed at a metallicity above Z/10. Hence the lowest mass BHs derive from the least

uncertain parts of the S(Z, z). The low-mass end of the mass distribution of merging

double compact objects will also provide a particularly powerful cosmological constraint

in the era of third generation gravitational wave telescopes (Maŕıa Ezquiaga & Holz,

2022). Our finding that the low mass end is more robust against variations in S(Z, z)

supports this claim.

Parameter variations that affect shape of S(Z, z) at low redshift primarily change the

normalisation of the mass distribution. This is the case for variations of the width of the

cosmic metallicity density distribution at z = 0 (ω0), the mean metallicity of the cosmic

metallicity density distribution at z = 0 (µ0), and the skewness of the cosmic metallicity
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density distribution (α, left columns of Figures 4.3 and 4.4). To emphasise this point,

we annotate the total BBH merger rate at redshift 0.2, R0.2, in the legends of Figures

4.3 and 4.4 (0.2 is the redshift where the observations are best constrained Abbott et al.

2021f). Variations that increase the amount of star formation at low metallicity (i.e. for

a low mean metallicity µ0 = 0.007 and a wide metallicity distribution ω0 = 2.0 ) increase

the predicted BBH merger rate. This is consistent with other work that finds merging

BBHs form more efficiently at low metallicities (e.g. Belczynski et al., 2010b; Stevenson

et al., 2017; Mapelli et al., 2017; Chruślińska et al., 2019; Broekgaarden et al., 2021b). A

more skewed cosmic metallicity density distribution pushes the peak of the distribution

to higher metallicities and thus forms more stars at high metallicity when compared to

a symmetric distribution. Hence, the local rate of BBH mergers is lower for the skewed

distribution (α = −6) with respect to the symmetric variation (α = 0.0).

Changing the overall star-formation rate density (SFRD(z), bottom right panels of

Figures 4.3 and 4.4) also affects the normalisation of the mass distribution, but has a

smaller effect than the width and the mean of the cosmic metallicity density distribution

at z = 0 (ω0 and µ0). This underlines the importance of the amount of low-metallicity

star formation (e.g., Chruślińska, 2022), and is furthermore in line with findings from

Tang et al. (2020). As discussed in Section 4.4.1, we use Madau & Fragos (2017) and the

solid blue line in Figure 4.2 as an approximate lower and upper bound to the SFRD(z)

respectively. The overall cosmic star formation rate density from Madau & Fragos

(2017) is very similar to our fiducial model (Figure 4.2), and the differences between the

resulting mass distributions are correspondingly small. Our approximation of the upper

limit to the allowed SFRD(z) leads to an overall increase of the BBH merger rate by a

factor of about 3.
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Parameters that change the evolution of the metallicity distribution dP/dZ(Z, z)

with redshift, such as the redshift dependence of the width and mean; ωz and µz (top

right and centre right panels of Figures 4.3 and 4.4) primarily affect the high mass

end of the stable channel. We understand this as an effect of the different delay time

distributions for both formation channels. Since both, ωz and µz influence the amount of

low metallicity stellar mass formed at high redshifts they will mostly affect systems with

longer delay times. The stable channel has been shown to produce more high mass BHs

with longer delay times when compared to the CE channel (van Son et al., 2022c; Briel

et al., 2022b). Hence we find these variations affect the slope of the high mass end of the

BBH mass distribution for the stable channel, while they have a relatively small impact

on the CE channel.

4.5 Discussion & Summary
We present a flexible analytic expression for the metallicity-dependent cosmic star

formation history, S(Z, z) (equations 4.1, 4.11 and 4.12). An analytical expression allows

for controlled experiments of the effect of S(Z, z) on dependent values, such as the rate

and mass distribution of merging BBHs. The model presented in this work adopts a

skewed-lognormal for the distribution of metallicities at every redshift (dP/dZ(Z, z)).

The model can capture the general behaviour of cosmological simulations,

such as TNG100 Our analytical expression for S(Z, z) is composed of a cosmic

metallicity density distribution that is determined by a mean, scale and skewness and

their redshift dependence, as well as parameters governing the overall star-formation

rate density. We fit our analytical expression for S(Z, z) to the star-forming gas in the

TNG100 simulation, and provide the best fit parameters in Table 4.1. We show that
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our model captures the shape and general behaviour of the cosmological simulations

well (Figure 4.1). Although our model is more broadly applicable than previous models,

we acknowledge that it does not capture the complete range of observationally-allowed

variations in it’s current form. Incorporating more complex functions for the redshift

evolution of the metallicity could solve this issue, but this is left for future research.

The model allows for a controlled experiment on the effect of S(Z, z) on the

local distribution of merging BBH As an example, we use our model to calculate

the local rate and mass distribution of the more massive components from merging BBHs

( MBH,1) in Figures 4.3 and 4.4. We systematically vary all five parameters that shape

the cosmic metallicity density distribution, and explore two additional variations of the

overall star-formation rate density SFRD(z). Our main findings are as follows:

• The locations of features in the distribution of primary BH masses are robust

against variations in S(Z, z). The location of features in the mass distribution of

BHs could thus be used as sign posts of their formation channel.

• For all variations, the low mass end of the mass distribution is least influenced by

changes in the S(Z, z). This is because the lowest mass BHs can be formed from

all metallicities above Z ≳ 10−3, for which the star formation rate is relatively

well constrained in the recent Universe. This suggests that the lower end of the BH

mass distribution (component masses of ≤ 15 M⊙) is potentially very powerful for

constraining the physics of the formation channels, irrespective of the cosmic star

formation rate uncertainties.

• The metallicity distribution of star formation at low redshift primarily impacts

the normalisation of the BBH merger rate. Changing the overall star-formation
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rate density, SFRD(z) also affects the rate, but to a lesser degree. This shows that

low-metallicity star formation at low redshifts dominates the overall normalisation

of the BBH merger rate.

• Parameters that influence the redshift evolution of the mean and the width of the

metallicity distribution affect the slope of the high mass end of the primary BH

mass distribution for the stable channel. This reflects the longer delay times of the

stable channel with respect to the CE channel.

The flexibility of the model presented in this work can capture the large uncertainties

that remain in the shape and normalisation of the metallicity-dependent cosmic star

formation history. Our hope is that this expression will provide a useful starting point

for making predictions and comparisons with observations.
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4.6 Appendix: Evaluating our fit; the squared resid-

uals
In the top panel of Figure 4.5, we show the log of the absolute residuals. The square

of the residuals is used in the cost function, equation 4.14, to optimize our fit. We observe

that the maximum residuals appear near the peak of star formation at high metallicities.

The log of the relative errors (defined as |Ssim−Sfit|
Sfit

), is shown in the bottom panel of

Figure 4.5. The relative errors generally exhibit an opposite trend with respect to the

residuals. The relative errors are largest in regions of very low-metallicity star formation

at low redshift. This occurs due to the very low star-formation rate in this regime (of

the order 10−8 M⊙ yr−1 Mpc−3 for the TNG simulations and 10−11 M⊙ yr−1 Mpc−3 in

our model fit). Another regime where the relative error becomes large is at very high

187

https://zenodo.org/record/7612755
https://ftp.science.ru.nl/astro/mchruslinska/Chruslinska_et_al_2021/
https://ftp.science.ru.nl/astro/mchruslinska/Chruslinska_et_al_2021/
https://www.gw-openscience.org/


CHAPTER 4. ANALYTICAL FORM FOR THE Z-DEPENDENT SFRD

0 2 4 6 8 10
Redshifts

3

2

1

0

1

M
eta

lli
cit

ies
,l

og
10

(Z
/Z

)

min Z simulated COMPAS

max Z simulated COMPAS

7

6

5

4

3

2

lo
g 1

0|
sim

fit
| 

0 2 4 6 8 10
Redshifts

3

2

1

0

1

M
eta

lli
cit

ies
,l

og
10

(Z
/Z

)

min Z simulated COMPAS

max Z simulated COMPAS

3

2

1

0

1

2

3

lo
g 1

0
|

sim
fit

|
fit

 

Figure 4.5: log of the residuals (top), and log of the relative error (bottom) between
the TNG100 data and our best-fitting model. We show the minimum and maximum
metallicity used in COMPAS simulations with dashed lines in each plot.

metallicities (about 10 times Z⊙). This is because in this regime, the TNG data is

very sparse and contains regions where the rate abruptly drops to zero. To avoid sharp

features in the data, we use interpolated TNG data to produce the fit. We note that we

chose to minimize the squared residuals (which is similar to minimizing the mean squared

error) in favour of minimizing, for example, the relative error, to prevent overfitting such

regions of very low star-formation rate. For the illustration purposes in this work, we are

most interested in closely fitting the S(Z, z) between the minimum (10−4) and maximum
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(0.03) metallicities that can be simulated with COMPAS. For applications that focus on

extremely low (< 0.01Z⊙) or extremely high (∼ 10 × Z⊙) metallicity star formation, a

different cost function would be more appropriate.

4.7 Appendix: Determining reasonable variations of

the S(Z, z)
To determine reasonable variations of our fiducial model for S(Z, z), we compute

the fraction of low and high metallicity stellar mass formed for redshifts below z < 0.5,

z < 3.0 and z < 10. We show the results in Figure 4.6, which is an adaptation of Fig. 2

in Pakmor et al. (2022), which in turn builds on Fig. 9 from Chruślińska & Nelemans

(2019b).
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Figure 4.6 (following page): Percentage of stellar mass formed at low metallicity (Z <

0.1Z⊙), versus high metallicity (Z > Z⊙) for all star formation below a certain threshold

redshift: z < 0.5 (top), z < 3.0 (middle) and z < 10 (bottom). Data from observation-

based variations are shown with semi-transparent thick crosses and plus signs (Chruślińska

& Nelemans, 2019b; Chruślińska et al., 2021), the low- and high-metallicity extremes are

indicated with opaque symbols. For data from cosmological simulations, we follow Pakmor

et al. (2022) and show Illustris (Vogelsberger et al., 2014, squares), Simba (Davé et al.,

2019, diamonds), EAGLE (Schaye et al., 2015, triangles), TNG50 and TNG100 (Springel

et al., 2018, filled and open circles respectively). Black thin crosses display variations of

S(Z, z) explored in this work. The parameter that is varied with respect to the fiducial

is annotated. This shows that our S(Z, z) variations span the range of reasonable cosmic

metallicity density distributions as determined by observation-based and cosmological

simulations-based models.
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CHAPTER 5. STABLE MASS TRANSFER AND THE APPARENT NS–BH GAP

Abstract
Gravitational-wave (GW) detections are starting to reveal features in the mass

distribution of double compact objects. The lower end of the black hole (BH) mass

distribution is especially interesting as few formation channels contribute here and

because it is more robust against variations in the cosmic star formation than the high

mass end. In this work we explore the stable mass transfer channel for the formation of

GW sources with a focus on the low-mass end of the mass distribution. We conduct an

extensive exploration of the uncertain physical processes that impact this channel. We

note that, for fiducial assumptions, this channel reproduces the peak at ∼ 9 M⊙ in the

GW-observed binary BH mass distribution remarkably well, and predicts a cutoff mass

that coincides with the upper edge of the purported neutron star BH mass gap. The

peak and cutoff mass are a consequence of unique properties of this channel, namely

(1) the requirement of stability during the mass transfer phases, and (2) the complex

way in which the final compact object masses scale with the initial mass. We provide

an analytical expression for the cutoff in the primary component mass and show that

this adequately matches our numerical results. Our results imply that selection effects

resulting from the formation channel alone can provide an explanation for the purported

neutron star –BH mass gap in GW detections. This provides an alternative to the

commonly adopted view that the gap emerges during BH formation.

5.1 Introduction
Gravitational-wave (GW) events are revealing substructure in the mass distribution

of merging double compact objects (Abbott et al. 2021e, Abbott et al. 2021f, cf. Fishbach

et al. 2020, Tiwari & Fairhurst 2021 and Tiwari 2022). Understanding the origin of
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these features provides insight into the physics of binary formation and evolution (e.g.,

Stevenson et al., 2015; Fishbach et al., 2017; Barrett et al., 2018; Wysocki et al., 2019;

Fishbach et al., 2020; Vitale et al., 2020; Doctor et al., 2020; Belczynski et al., 2020;

Romero-Shaw et al., 2021; Wong et al., 2021b). A better understanding of features in the

mass distribution may enable us to break the degeneracy between the observed source

mass and redshift from GW sources, which would provide a powerful cosmological probe

(also known as ‘dark sirens’ or ‘spectral sirens’, e.g., Schutz, 1986; Farr et al., 2019a;

Farmer et al., 2019; Maŕıa Ezquiaga & Holz, 2022). Additionally, redshift evolution

of different parts of the mass distribution can provide constraints on the cosmic star

formation rate from a completely new perspective (e.g., Vitale et al., 2019b; van Son

et al., 2022d; Chruślińska, 2022).

At present it is difficult to take full advantage of the information that is contained

within the mass distribution due to the uncertain origin of the compact object mergers.

Many channels have been proposed to explain the formation of double compact objects

(see the reviews from Mapelli 2020 and Mandel & Farmer 2022b, and references therein).

The mixing fraction between these formation channels is unclear (e.g., Zevin et al., 2021;

Wong et al., 2021b). Moreover, large uncertainties in the evolution of massive stellar

binaries lead to significant uncertainties in the predictions for the formation of GW

sources, this is especially true for predictions from binary population synthesis models

(e.g., Abadie et al., 2010; Dominik et al., 2015b; de Mink & Belczynski, 2015b; Giacobbo

& Mapelli, 2018; Tang et al., 2020; Broekgaarden et al., 2021a; Bavera et al., 2021b;

Belczynski et al., 2022b) It is therefore crucial to find predicted features in the source

property distributions that are characteristic and unique to a single formation channel.
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The lower end of the BH mass distribution (component masses of ≤ 15 M⊙) is

the most promising site to reveal the origin of double compact objects for two reasons.

First, the low mass end of the binary black hole (BBH) mass distribution is least

affected by the uncertainties in the metallicity-dependent star formation rate (van

Son et al., 2022c). Second, only a few formation channels are relevant at the low-mass

regime. Only isolated binary evolution channels have been suggested to produce a

global peak of the BH mass distribution at the low mass end (Belczynski et al., 2016b;

Giacobbo & Mapelli, 2018; Giacobbo et al., 2018; Wiktorowicz et al., 2019; Belczynski

et al., 2020; Tanikawa et al., 2022). The mass distributions from other channels,

such as hierarchical formation (Askar et al., 2017; Rodriguez et al., 2019b; Antonini

et al., 2019b; Fragione et al., 2020; Fragione & Silk, 2020; Antonini & Gieles, 2020),

chemically-homogeneous evolution (CHE; e.g. de Mink et al., 2009; Mandel & de Mink,

2016; Marchant et al., 2016; Riley et al., 2021), population III binaries (e.g. Marigo et al.,

2001; Belczynski et al., 2004; Kinugawa et al., 2014; Inayoshi et al., 2017) and binaries

merging in the disks of active galactic nuclei (e.g. Baruteau et al., 2011; Bellovary

et al., 2016; Leigh et al., 2018; Yang et al., 2019c; Secunda et al., 2019; McKernan

et al., 2020) are expected to peak at masses above 20 M⊙. Antonini et al. (2022)

furthermore show that the globular cluster channel under-predicts the observed rate of

BBH mergers at the low mas end (around 10 M⊙) by about two orders of magnitude.

Less confusion about the dominant formation channel also makes the low mass end

one of the most promising sites to distinguish any astrophysical redshift evolution

of the mass distribution from cosmological evolution (e.g., Maŕıa Ezquiaga & Holz, 2022).

The latest catalogue of GW events has revealed two new features at the low end of
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the mass distribution of merging binary black holes (BBH). We expect that these findings

are most likely two sides of the same coin and hence need to be jointly investigated.

First, the distribution of more massive components of merging BBH systems peaks at

approximately 9 M⊙ (Abbott et al., 2021f; Li et al., 2021; Veske et al., 2021; Tiwari,

2022; Edelman et al., 2022). From hereon, we will use ‘primary’ (secondary) to describe

the more (less) massive component of double compact objects. This feature at 9 M⊙

forms the global peak in the primary BH mass distribution (Tanikawa et al., 2022), which

implies that the merger rate of 3 M⊙ BHs is lower than the rate of 9 M⊙ BHs. This is

surprising, because lower mass BHs are expected to form from lower-mass progenitor

stars (cf. Woosley et al., 2002b; Spera et al., 2015; Woosley et al., 2020), which are

heavily favoured by the initial mass function (e.g., Kroupa, 2001). Second, there is

tentative evidence for a relative dearth of merging BBH observations with component

masses between 3 M⊙ and 5 M⊙. Although at the time of writing, definitive statements

about this dearth are hindered by the scarcity of detections in this mass range, Farah

et al. (2022), Ye & Fishbach (2022) and Biscoveanu et al. (2022) find that models for

the mass distribution as observed in GW with a gap are preferred over models without

a gap. If such a gap is allowed in the model, Farah et al. (2022) find that a ‘rise’ from

this gap is expected between about 4.5 and 8.5 M⊙ (see the blue band in Figure 5.1).

Future detectors will decisively probe the existence and location of a low-mass gap in the

observations (e.g., Baibhav et al., 2019).

Several works have suggested a gap in the remnant mass distribution between the

most massive neutron stars (NSs) and the least massive BHs as an explanation of the

dearth of low-mass BHs observed in gravitational waves (e.g., Zevin et al., 2020; Farah

et al., 2022; Olejak et al., 2022). This notion of a ‘NS–BH mass gap’ was originally
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inspired by observations of X-ray binaries, and has been a topic of active debate for over

a decade (e.g., Bailyn et al., 1998; Özel et al., 2010; Farr et al., 2011; Kreidberg et al.,

2012; Casares et al., 2017; Wyrzykowski & Mandel, 2020). The discussion ranges from

the observational selection biases that could create the appearance of a mass gap (e.g.,

Jonker et al., 2021; Siegel et al., 2022; Liotine et al., 2022), to the theoretical explanation

under the assumption that the mass-gap is real (e.g., a fallback mechanism as proposed

by Fryer et al. 2012, Fryer et al. 2022, or failed supernova as proposed by Kochanek

2014,Kochanek 2015).

Alternatively, it could be that there is an evolutionary selection bias at play that

excludes the formation of merging double compact objects with component masses of

about 3-5 M⊙. In this case, features in the mass distribution could be a telltale sign of

the dominant formation channel.

The channels that are expected to dominate BBH formation with low component

masses are the stable mass transfer channel (e.g., van den Heuvel et al., 2017; Inayoshi

et al., 2017; Bavera et al., 2021b; Marchant et al., 2021; Gallegos-Garcia et al., 2021;

van Son et al., 2022d), and the ‘classical’ common-envelope channel (or CE channel,

e.g. Belczynski et al., 2007b; Postnov & Yungelson, 2014b; Belczynski et al., 2016b;

Vigna-Gómez et al., 2018b). These channels are both forms of isolated binary evolution,

and are distinguished based on whether the binary experiences common envelope

evolution (CE channel) or only stable mass transfer (stable channel in short from now

on). Recent work suggests that the contribution of the CE channel to the BBH merger

rate might be overestimated in rapid population synthesis simulations (e.g., Pavlovskii

et al., 2017; Klencki et al., 2021; Marchant et al., 2021; Gallegos-Garcia et al., 2021;

Olejak et al., 2021b). They argue that many of the systems that are assumed to lead
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to successful CE ejection in rapid population synthesis codes should instead either lead

to stable mass transfer or a stellar merger. This has caused the stable mass transfer

channel to receive renewed attention as a plausible dominant channel for the formation

of merging BBHs (e.g., Shao & Li, 2022; Briel et al., 2022b).

5.1.1 Motivation for this work

The inspiration for the work in this paper is shown in Figure 5.1. This Figure

was produced shortly after the release of the third GW catalogue (GWTC-3 Abbott

et al., 2021c,f), using COMPAS version v02.26.03 with the exact same settings as the

fiducial model for isolated binary formation from van Son et al. (2022d), i.e., this is not

optimised to match the observations. In pink we show the fiducial predictions from the

stable channel. The characteristic of this channel is that every mass transfer episode

throughout the binary evolution is dynamically stable, and no common envelope occurs.

The main reason for the orbit to shrink in this channel is loss of mass with high specific

angular momentum from the vicinity of the lower mass companion.

There is a striking similarity between the GW inferred BBH mass distribution and

our predictions for the stable channel, shown in Figure 5.1. This model reproduces

both a) the dearth of merging primary BH masses between 2.5-6 M⊙, and b) a peak

around 8-10 M⊙. It also matches the local intrinsic rate of BBH mergers. As shown in

van Son et al. (2022c), the location of features could in particular serve as sign posts of

the underlying physics. However, at present, it is not clear whether this resemblance

is coincidental given the uncertainties that plague population synthesis modeling

(see e.g., Dominik et al., 2015b; de Mink & Belczynski, 2015b; Giacobbo & Mapelli,

2018; Broekgaarden et al., 2021a; Belczynski et al., 2022b) and the significant model
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dependence involved in the GW-inference of the mass distribution (e.g., Abbott et al.,

2021f). That is, it could be that we are getting the right result for the wrong reasons.
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Figure 5.1: Intrinsic distribution of primary masses from BBH merging at redshift 0.2.
We show the fiducial predictions for the stable channel in the pink kernel density dis-
tributions. The light-shaded area shows the 90% sampling uncertainty as obtained from
bootstrapping. The total merger rate of BBHs at z = 0.2 is annotated in the legend. The
power law + peak model from Abbott et al. (2021f) is shown in grey, light grey bands
show the 90% credible intervals. We indicate a tentative rise observed in the GW data
with filled blue (see text). We see that the local rate and the location of the peak at the
low mass end of the primary BH mass distribution can be explained remarkably well by
the stable channel under our fiducial assumptions.

To better understand why this model provides a good fit, we investigate the stable

mass transfer channel in more detail in this work. In particular, we set out to explore

1) why the stable channel experiences a sharp rise that turns into a peak around 6 M⊙,

2) the physical processes that dominate the shape of the mass distribution, and 3)

how robust this feature is against variations. We find that the stable channel leads

to a cutoff in the primary mass, Mprimary for BBH and BHNS systems. Adopting

a set of simplifying assumptions, we analytically express this minimum mass as a

function of birth mass ratio, and determine the main uncertainties in the physical
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assumptions that dictate the minimum value of Mprimary. We discuss how this cutoff

mass affects the location of the peak of the BBH mass distribution, while it could

also lead to a decrease or even a gap in the mass distribution of Mprimary that fol-

lows from GW events, without the need for a gap in the supernova remnant mass function.

The remainder of this paper is structured as follows: we define the key parameters

and assumptions needed to describe typical evolution through the stable channel, and

show how these lead to a cutoff mass in Section 5.2. In Section 5.3 we compare our

analytically derived minimum to numerical simulations and confirm that the physics

variations considered lead to a comprehensive understanding of the minimum mass. We

furthermore compute the corresponding mass distribution for every variation considered.

We explore the effect of a more complex supernova remnant mass function and of

mass loss into a circumbinary disc in Section 5.3.3. Finally, we discuss implications of

constraints on the primary mass as expected for the ‘stable mass transfer channel’ in

Section 5.4, and we summarise our findings in Section 5.5.

5.2 Analytic approximation of the stable mass trans-

fer channel
In Section 5.2.1 we describe the typical evolution of a binary through the stable

channel in chronological order. We describe the key evolutionary steps in terms of

uncertain physics parameters and explain our adopted analytical assumptions. The

parameters discussed throughout this section are shown in Figure 5.2, which depicts the

key evolutionary steps of the stable channel. In Section 5.2.2 we investigate constraints
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on the masses that follow from this channel.

5.2.1 The evolutionary steps of the stable channel

At the zero age main sequence (ZAMS, step A in Figure 5.2 ) we define masses

MZAMS,a and MZAMS,b for the respectively more and less massive binary component at

the onset of H-burning. Throughout this work, we will refer to these components using

the subscripts a and b accordingly.

The more massive star evolves on a shorter timescale and will typically overflow

its Roche lobe first. We will refer to this as the first mass transfer event (step B in

Figure 5.2). We assume that the donor star loses its complete envelope, which implicitly

assumes a well defined core-envelope structure, typical for post main sequence mass

transfer. The relevant type of mass transfer is known as Case B mass transfer, which is

the most common type of binary interaction especially for increasing metallicity (e.g.,

van den Heuvel, 1969; de Mink et al., 2008; Renzo et al., 2019). We will discuss the

effects of this assumption in Section 5.4.5.

We define the core mass fraction, fcore, as the fraction of the ZAMS mass that ends up

in the He core mass (Mcore) at the end of the main sequence, i.e., fcore = Mcore/MZAMS.

The fraction of mass lost by the donor star will be 1 − fcore. We assume a fraction βacc of

the transferred mass will be accreted by the companion star. We will refer to this as the

mass transfer efficiency. We assume that any mass lost from the system during a stable

mass transfer event will carry away the specific angular momentum of the accretor (also

known as isotropic reemission; e.g., Soberman et al., 1997).

At step C in Figure 5.2, the initially more massive star has become a helium

star, and the initially less massive star is still a main sequence star with new mass
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Figure 5.2: Cartoon depiction of the stable mass transfer channel, including the most

relevant parameters. See Section 5.2.1 and Table 5.1 for an explanation of the parameters.

Mpost,MT1 = MZAMS,b + βaccMZAMS,a(1 − fcore). In the latter approximation we neglect

wind mass loss. We assume that the initially more massive star will collapse to form

a compact object (step D). This is typically a BH for the systems we consider and

we denote its mass as MBH,a. Note that this will not necessarily be the more massive

compact object. Not all the mass of the core will end up in MBH,a. Part could be lost

during the supernova (SN), and part will be lost to stellar winds. The SN mass loss
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is expected to become particularly important for low-mass BHs. We parameterize this

mass loss as dMSN ≡ Mcore,1 − MBH,a (cf. “top down” approach in Renzo et al., 2022).

Because both winds and SN mass loss are expected to be mass dependent, dMSN is also

mass dependent. Here, we assume mass lost from the system carries away the specific

angular momentum of the donor (i.e. ‘Jeans mode’).

A second mass transfer phase occurs as the initially less massive star evolves off

the main sequence and overflows its Roche lobe (step E). Typically accretion on BHs

is limited by radiation pressure in the accretion flow, which leads to very low accretion

rates (i.e., Eddington limited accretion). Hence we adopt βacc = 0 during the second

mass transfer phase. Finally, the initially less massive component collapses to form either

a BH or a NS. We again parametrise the difference between the core mass and final

remnant mass with dMSN (step F).

In this work, unless stated otherwise we define mass ratios as the initially less massive

over the initially more massive binary component. Hence qZAMS ≡ MZAMS,b/MZAMS,a.

The mass ratios right before the first and second mass mass transfer phases are thus

respectively qpreMT,1 = MZAMS,b/MZAMS,a and qpreMT,2 = Mpost,MT1/MBH,a.

To determine the dynamical stability of mass transfer, we approximate the response

of the Roche radius to mass lost, ζRL ≡ d ln RRL/d ln M⋆, and compare this to an

approximation of the adiabatic response of the donor star to mass loss, ζ⋆ ≡ d ln R⋆/d ln⋆

(see e.g., Soberman et al., 1997; Riley et al., 2022b). Mass transfer is assumed to be

stable as long as ζRL ≤ ζ⋆. The value of ζ⋆ is determined by the stellar structure of the

donor in the adiabatic approximation (e.g., Ge et al., 2015, 2020). Throughout the rest

of this work, we adopt ζ⋆ = ζeff = 6.0 as our reference value for Hertzsprung-gap donor

stars (these are subject to the delayed dynamical instability, for which see Hjellming &
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Webbink 1987a). ζRL is a function of βacc, and the mass ratio between the accretor and

donor (q = Md/Ma). The dependence of ζeff on βacc, and the mass ratio between the

accretor and the donor, is shown in Figure 4 of Soberman et al. (1997). For clarity, we

also show this dependence for different values of βacc in Appendix 5.6.

The requirement of mass-transfer stability leads to a limit on the mass ratio between

the accretor and donor. We will refer to these critical mass ratios as qcrit,1 and qcrit,2 for

the first and second mass transfer phase, with βacc = 0.5 and βacc = 0 respectively.

The mass ratio right before the first mass transfer phase is qpreMT,1 = Mb/Ma, which we

approximate with qpreMT,1 = MZAMS,b/MZAMS,a in our analytical approximation. Since,

at this point, the initially more massive star is overflowing its Roche-lobe, mass transfer

will be dynamically stable as long as MZAMS,b/MZAMS,a = Maccretor/Mdonor ≥ qcrit,1.

Similarly, right before the second mass transfer, the mass ratio is defined as

qpreMT,2 = Mb/Ma = MpostMT1/MBH,a = Mdonor/Maccretor ≤ qcrit,2.

5.2.2 Derivation of low-mass cutoff for primary components

The main objective of this work is to understand constraints on the allowed

compact-object masses at the low end of the mass distribution for the stable mass

transfer channel. The characteristic constraint of the stable mass transfer channel is that

both the first and the second mass transfer phases must be stable. We start from the

constraint on the second mass transfer phase, as we find that it is particularly decisive

for the final masses involved. This leads to an inequality between the mass ratio of the

system at the onset of the second mass transfer phase and qcrit,2,

qpreMT,2 = Mpost,MT1

MBH,a
≤ qcrit,2, (5.1)
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where qcrit,2 is the critical mass ratio during the second mass transfer phase (i.e. assuming

βacc = 0, see Section 5.2.1). Mpost,MT1 is the mass of the initially less massive star post

mass accretion from the first mass transfer event. We can approximate this as

Mpost,MT1 = MZAMS,b + MZAMS,aβacc(1 − fcore), (5.2)

and MBH,a as

MBH,a = fcoreMZAMS,a − dMSN. (5.3)

Rewriting Equation 5.1 using Equations 5.2, 5.3 and qZAMS = MZAMS,b/MZAMS,a gives:

qZAMS + βacc(1 − fcore)
fcore − dMSN

MZAMS,a

≤ qcrit,2. (5.4)

In this work, we are specifically interested in placing a lower bound on the possible

masses of BBH and BHNS systems formed through the stable mass transfer channel. At

this point, the only explicit mass dependence left is MZAMS,a. However, both fcore, and

dMSN implicitly depend on MZAMS,a. In order to find a lower bound on MZAMS,a, we

would like to make these dependencies explicit.

In general, fcore is expected to increase with mass. It is however reasonable to adopt

an approximately constant value for fcore as long as the MZAMS,a range of interest is not

too large. This is the case for the range of ZAMS masses relevant for producing the

lowest mass BHs in our simulations. For MZAMS,a ≈ 20 − 40 M⊙, stellar evolution tracks

in COMPAS lead to core mass fractions of effectively fcore ≈ 0.3 − 0.34 (which is a result of

the assumptions in Pols et al., 1998, on which the COMPAS code was based). Hence from
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here on we continue using the simplification that is constant at fcore = 0.34 (though see

appendix 5.7 for an alternative scenario).

In reality, dMSN is a complicated function that depends on both the structure of the

core at the moment of core collapse, as well as on the dynamics of the collapse, bounce

and shock propagation. However, in general we expect that lower mass cores more easily

lead to a successful explosion, and hence lead to more mass loss, than higher mass cores

(e.g., Fryer et al., 2012; Müller et al., 2018). For our reference model we adopt the

‘Delayed’ model from Fryer et al. (2012), which is a continuous function that maps CO

core masses to final remnant masses. This allows us to express dMSN as a linear function

of the core mass;

dMSN(Mcore) =


aSNMcore + bSN Mcore ≤ Mthresh

0 Mcore > Mthresh.

(5.5)

Here Mthresh = 14.8 M⊙ is the threshold core mass above which we assume full fallback

occurs, and aSN = −0.9 and bSN = 13.9 are obtained through a linear fit to our

reference model (see also in Table 5.1). For dMSN we approximate the core mass as

Mcore = fcoreMZAMS,a, with fcore constant.

Going back to Equation 5.4, we can now explicitly write all terms that depend on

MZAMS,a on one side of the equation

qcrit,2fcore − βacc(1 − fcore) − qZAMS

qcrit,2
≥ dMSN(Mcore)

MZAMS,a
, (5.6)

which we can re-write to
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MZAMS,a ≥ bSNqcrit,2

qcrit,2fcore(1 − aSN) − βacc(1 − fcore) − qZAMS
. (5.7)

So far, we have only used the mass transfer stability constraint from the second mass

transfer phase. The requirement that the first mass transfer must be stable also places a

constraint on the minimum allowed value for qZAMS ∈ [qcrit,1, 1]. Hence, we can derive a

cut-off mass for MZAMS,a by adopting qZAMS = qcrit,1.

Equation 5.7 implies that the minimum ZAMS mass that can lead to double

compacts objects through the stable channel, is determined by the physics parameters

that are relevant to mass transfer stability at the first and second mass transfer phase.

These parameters include qcrit,1 and qcrit,2, but also parameters determining the mass

ratio at mass transfer, namely βacc, fcore and dMSN(aSN, bSN).

We can use Equation 5.7 to further derive a minimum mass for each of the final

compact objects. For the remnant from the initially more massive star:

min(MBH,a) = fcore min(MZAMS,a) − dMSN(Mcore,a), (5.8)

where dMSN(Mcore,a) is a shorthand for Equation 5.5 at Mcore,a = MZAMS,afcore.

Similarly, for the remnant from the initially less massive star;

min(MBH,b) = fcore min(Mpost,MT1) − dMSN(Mcore,b), (5.9)

where dMSN(Mcore,b) is Equation 5.5 at Mcore,b = Mpost,MT1fcore.

Using Equation 5.1, we can constrain min(Mpost,MT1) as

min(Mpost,MT1) = qcrit,2 min(MBH,a).
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Finally, to compare with GW observations, we are interested in the BH that will

form the more massive (primary) component of the double compact objects, since we

cannot infer from GW if the primary descends from the initially more or less massive

star. Therefore we consider

min(Mprimary) = max {min(MBH,a), min(MBH,b)} . (5.10)

Equation 5.10 sets a minimum to the primary mass that can originate from the

stable channel. It is an analytical function that depends on the initial condition qZAMS,

and the uncertain physics parameters qcrit,2, βacc, fcore and dMSN (aSN, bSN). See Table

5.1 for the reference values of these parameters as used in this work.

Table 5.1.: Physics parameters and their reference values.

Variable Description Ref. value Explored variations

βacc

Mass transfer efficiency: fraction of do-
nated mass accreted by the companion
star

0.5 [0.0, 0.25, 0.5, 0.75, 1.0]

ζeff
Response of donor star to mass loss
ζeff ≡ d ln R⋆/d ln M⋆

6.0 [3.5, 4.5, 5.5, 6.0, 6.5]

(qcrit,1, qcrit,2)

Effective critical mass ratio for stable mass
transfer, using βacc = 0.5 and 0 re-
spectively (first and second mass transfer
phase)

(0.25, 4.32)
[(0.41,3.03), (0.35,3.55),
(0.30,4.06), (0.28,4.32),
(0.26,4.58)]

fcore Core mass fraction. 0.34 [0.28, 0.31, 0.34, 0.38, 0.41]

aSN, bSN
Fit parameters for supernova mass loss
dMSN (eq. 5.5) −0.9, 13.9 M⊙ varied prescription to Fryer et al. (2022)

Mthresh Boundary mass for full fallback (eq. 5.5) 14.8 M⊙ varied prescription to Fryer et al. (2022)

5.3 Results: Effect of the minimum mass for the sta-

ble channel
In this section we discuss a comparison of our analytical results presented in Section

5.2 with numerical simulations. For this we adopt a reference model that is very similar
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to the fiducial model in van Son et al. (2022d), presented also in Figure 5.1. Below,

we will shortly describe the differences. We refer the reader to methods section of van

Son et al. (2022d) for a more detailed description of the remainder of adopted physics

parameters.

Motivated by the variables in our analytical expression, we explore variations in the

stability of the second mass transfer qcrit,2, the mass transfer efficiency βacc and the core

mass fraction fcore. We discuss direct changes to the supernova remnant mass function

in Section 5.3.3. The varied physics parameters and their reference values are listed in

Table 5.1. In contrast to the model in van Son et al. (2022d), we adopt a fixed mass

Figure 5.3 (following page): Model predictions for the masses of BBH and BHNS systems

formed through the stable channel. Left column: min(Mprimary) as a function of the

ZAMS mass ratio qZAMS. Lines show our analytical prediction from Eq. 5.10. Solid

(dashed) lines indicate that Mprimary comes from MBH,a (MBH,b), described by Eq. 5.8

(5.9). Triangles show results from numerical simulations; 99% of the simulation has a mass

Mprimary larger than that value for bins in qZAMS of 0.02. Right column: Histogram of

Mprimary for BBH and BHNS from the stable channel for bins in Mprimary of 1 M⊙. The

total rate at redshift 0.2 is annotated in the legend. Star markers indicate the reference

model (Table 5.1). Light-shaded areas show the 90% sampling uncertainty, obtained

by bootstrapping. We show variations in the stability criteria (ζeff and qcrit,2, top), the

mass transfer efficiency (βacc, middle), and the core mass fraction (fcore, bottom). This

shows that the analytically derived minimum can explain the numerical results well. It

furthermore displays how the cutoff mass in the stable channel leads to a dearth of BBH

and BHNS systems with low primary masses for most variations.
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transfer efficiency value of βacc = 0.5 as our reference value (Meurs & van den Heuvel,

1989; Belczynski et al., 2008), to enable a clear illustration of the effect described in

Section 5.2. The effect of adopting a mass transfer efficiency that varies with accretor

properties is discussed in Section 5.4.5. We adopt ζeff = 6.0 as our reference for radiative

envelope donors with a clear core-envelope structure, compared to ζeff = 6.5 in van Son

et al. (2022d). For ζeff = 6.0, the maximum mass ratio that leads to stable mass transfer

qcrit,2 ≈ 4.32 for fully non-conservative mass transfer, compared to 4.6 for ζeff = 6.5. Both

values of ζeff are in agreement with the work of Ge et al. (2015). The value of fcore =0.34

is chosen as the best fit to our reference simulation. Similarly, the values for aSN and

bSN are obtained from a fit to the difference between the pre-SN core mass and remnant

mass as a function of the pre-SN core mass for our reference simulation.

In total we ran 25 variations on our reference model. Each simulation set contains

107 binaries run with version v.02.26.03 of the COMPAS suite (Riley et al., 2022b). To

reduce sampling noise, we have sampled binaries using adaptive importance sampling

(Broekgaarden et al., 2019) optimising for BBH and BHNS mergers.

5.3.1 Comparison to numerical data

For this analysis, we include all BBH and BHNS that have experienced exclusively

stable mass transfer (i.e. we do not include chemically homogeneously evolving systems).

We choose to show both BBH and BHNS, because our analytical prescription in Equation

5.10 does not require the outcome to be either a BBH or BHNS. We furthermore exclude

binaries that never interact, or experience only one phase of mass transfer, since such

systems are not expected to obey to our derived min(Mprimary), and because such systems

are much too wide to form GW events.

212

https://compas.science/


CHAPTER 5. STABLE MASS TRANSFER AND THE APPARENT NS–BH GAP

We compare Equation 5.10 to our grid of numerical simulations in the left column of

Figure 5.3. Triangles show where 99% of each simulation has a mass Mprimary larger than

that value, for bins in qZAMS of width 0.02. We do not include bins with less than 10

samples. Lines show our analytical prediction from Equation 5.10. Solid (dashed) lines

indicate that Mprimary comes from MBH,a (MBH,b) and is described by Equation 5.8 (5.9).

Figure 5.3 shows that our analytical prediction of min(Mprimary), described by Equation

5.10, is in good agreement with the numerical data at almost every qZAMS for all physics

variation explored here.

The strongest deviations occur at two points. For ζeff = 3.53 (dark green line top

right panel) we see that our prescription under-predicts the minimum primary mass from

numerical simulations. This is effectively sampling noise: at low ζeff , we heavily reduce

the window for stable mass transfer. Hence, for this variation, we barely sample any

systems with high qZAMS that do not experience unstable mass transfer. Furthermore,

at βacc = 0 and qZAMS ≈ 1 (bright red line middle right panel), we over-predict the

minimum primary mass. We find that this is caused by nearly equal life-time of the two

stars: in these cases, the initially more massive star has not yet finished the He-core

burning phase when the initially less massive star evolves off the main sequence and

overflows its Roche Lobe. This means that qpreMT,2 = MZAMS,b/(fcoreMZAMS,a), which will

be smaller than the assumed qpreMT,2 = MZAMS,b/MBH,a in our analytical formula. Hence,

the second mass transfer phase is more stable than our analytical formula predicts, and

lower primary masses can be formed.

We note that for all variations, min(Mprimary) increases with qZAMS. If there is a

relation between qZAMS and the final double compact object mass ratio qfinal, then this

implies a relation between min(Mprimary) and the observed qfinal.
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The absolute minimum Mprimary formed through the stable channel is found at qZAMS

=qcrit,1. In other words, the stable channel will only contribute significantly to systems

with qZAMS ≥ qcrit,1. Because qcrit,1 is a function of both βacc and ζeff (see Appendix 5.6),

we expect that the minimum qZAMS at which the stable channel contributes significantly

will also depend on βacc and ζeff . We see this effect in the top-left and middle-left panels

of Figure 5.3. For lower ζeff , the minimum qZAMS shifts to higher values because qcrit,1

increases. That is, we only find systems with qZAMS ≥ 0.25 for ζeff =6.5, while for ζeff

=3.5, this shifts to qZAMS ≥ 0.4. Similarly, for βacc =0.0 systems with qZAMS ≳ 0.25

contribute to the distribution while for βacc =1.0, qZAMS ≳ 0.33.

5.3.2 Effect of minimum mass on mass distributions

We show the distribution of Mprimary for merging BBH and BHNS in the right

column of Figure 5.3. Note that this is different from Figure 5.1, where we show only

merging BBH. The reason for showing both BBHs and BHNSs is twofold. Firstly, we

would like to confirm if the stable channel could lead to a dearth of low mass BHs that

could be interpreted as a NS-BH mass gap (see Section 5.1). Excluding BHNS systems

could unintentionally create an artificial dearth of low mass BHs. Second, we aim to

explore and explain the behaviour of the stable channel. Hence, in order to investigate

the effect of the minimum Mprimary on the resulting mass distribution, we integrate

each of the physics variations as shown in the left hand panels of Figure 5.3, over the

metallicity-dependent star formation rate density as described in van Son et al. (2022d)

and van Son et al. (2022c) (which is based on the approach of earlier work, e.g., Dominik

et al. 2013a, 2015b; Belczynski et al. 2016d; Neijssel et al. 2019; Broekgaarden et al.

2021b). To emphasise the steep features in the mass distribution, we use a histogram

instead of a kernel density distribution to display the distribution of primary masses.
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We see that a higher cutoff mass can move the minimum primary mass to values

that are significantly higher than the maximum NS mass. This affects the location of

the peak of the mass distribution, while also potentially opening up a gap between the

most massive NS and the least massive BH. Whether such a gap occurs is determined

by the adopted physics variations. For many of our physics variations, the stable

mass transfer channel is unable to form BBH or BHNS mergers with primary masses

Mprimary ∼ 3–4 M⊙. Below we consider the effect of each physics variation on the primary

mass in more detail. For completeness, we also show the chirp mass and final mass ratio

distributions in Appendix 5.8. Throughout this section, we will refer to the combined

rate of BBH and BHNS as R0.2. We include an overview of the individual BBH and

BHNS rates as predicted by the stable channel in Appendix 5.9.

Variations in the mass transfer stability ζeff Lower values of ζeff , and equivalently

lower values of qcrit,2, leave less room for stable mass transfer and severely restrict the

window for stable mass transfer. Lower values of ζeff (darker green), lead to higher cutoff

masses in Mprimary. A higher cutoff mass also shifts the peak of the mass distribution

towards higher masses. Less room for stable mass transfer furthermore significantly

reduces the total merger rate for the stable channel (from R0.2 ≈ 49 Gpc−3 yr−1 for

ζeff = 6.5 to R0.2 ≈ 0.9 Gpc−3 yr−1 for ζeff = 3.5 ). For ζeff = 6.5 the stable mass transfer

channel can form almost all primary BH masses, though primary black hole masses

of about 3 M⊙ are still much less common than Mprimary ∼ 8 M⊙. For ζeff = 3.5, the

stable mass transfer only produces BHNSs and BBHs with primary masses above about

9 M⊙. We further note how Mprimary derives from the initially more massive component

(MBH,a), for systems with qZAMS ≲ 0.65, while it derives from the initially less massive

component (MBH,b) for qZAMS ≳ 0.65, for every variation of ζeff (as can be seen in the
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upper left panel of Figure 5.3).

Variations in the accreted mass βacc Higher values of βacc significantly raise the

minimum value of Mprimary at constant qZAMS. Moreover, the slope of min(Mprimary) with

qZAMS increases for higher βacc. We understand this through the change in MpostMT1.

For larger βacc, MpostMT1 will be larger, leading to larger qpreMT,2, which leaves less room

for stable mass transfer. This effect is more severe for qZAMS ∼ 1, since this implies a

more massive companion star at ZAMS. βacc influences whether Mprimary derives from

MBH,a versus MBH,b. For βacc = 1.0, Mprimary almost always derives from the initially

less massive star (except for qZAMS < 0.35, light pink line). For βacc = 0.0, Mprimary is

always MBH,a (cf. Broekgaarden et al., 2022; Zevin & Bavera, 2022). For βacc = 1, the

distribution in Mprimary drops off steeply below about 8 M⊙, while for βacc = 0 there no

real gap left in the mass distribution. We again note how the location of the peak of the

mass distribution is determined by the cutoff mass in Mprimary.

Variations in the core mass fraction fcore The general behaviour of the core-mass

fraction is similar to the effect of variations in the mass transfer stability: the peak of

the primary mass distribution shifts to higher masses while the overall rate decreases.

Increasing the core mass fraction makes the second mass transfer phase more stable for

constant values of qZAMS. This is because for higher fcore, qpreMT,2 is lower and thus less

likely to exceed qcrit,2. qpreMT,2 = Mpost,MT1/MBH,a is lower for higher fcore both because

MBH,a is more massive due to the higher core mass of the initially more massive star,

and because MpostMT1 is reduced since there is less envelope left to be accreted during

the first mass transfer phase. Hence, higher core mass fractions allow lower Mprimary to

contribute to the stable mass transfer channel. Increasing the core mass fraction by 20%
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(fcore ∼ 0.41) with respect to our fiducial simulation causes the stable mass transfer

channel to produce Mprimary with masses down to the NS limit of 2.5 M⊙. Moreover,

this increases the rate to about 103 Gpc−3 yr−1. Conversely, lowering the core mass

fraction by 20% to fcore ∼ 0.27 lowers the rate to about 4 Gpc−3 yr−1, while only allowing

Mprimary ≥ 7 M⊙.

5.3.3 Variations in the SN mass loss and angular momentum

loss

In this section we explore two further variations that are not captured by our

simplified analytical model, while they are expected to significantly impact the mass

distribution of merging double compact objects resulting from the stable channel.

Supernova remnant mass function

In Section 5.3.2 we explore variations on all variables that appear in our analytical

expression Equation 5.10, except for the supernova mass loss dMSN (Equation 5.5).

The supernova mass loss is special, because variations in this function can cause a gap

between BH and NS masses even in single stars, regardless of whether a double compact

object forms (see also Section 5.1).

Here, we explore variations in the supernova remnant mass function by applying

the new prescription from Fryer et al. (2022). In this prescription the remnant mass is

a function of the carbon oxygen core mass at core-collapse, Mcrit = 5.75 M⊙; the lower

boundary on the carbon oxygen core mass for BH formation (lower mass cores will form

a NS) and fmix, which describes the mixing growth time; higher fmix corresponds to a

more rapid growth of the convection. Similar to Fryer et al. (2022) and Olejak et al.
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(2022) we explore variations between fmix = 0.5, which is closest to the ‘DELAYED’

model in Fryer et al. (2012), and fmix = 4.0 which is most similar to the ‘RAPID’ model

in Fryer et al. (2012). We apply BH kicks according to the ‘fallback’ model from Fryer

et al. (2012), where we adopt the proto-NS masses (Mproto) from the DELAYED model.
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Figure 5.4: Mass distributions in Mprimary for BBH and BHNS from the stable channel.
We show variations in the supernova remnant mass function using the prescription from
Fryer et al. (2022). Similar to the right column of Fig. 5.3, but using a kernel density
distribution. To prevent the kernel to smooth over the cutoff mass in Mprimary, we only
draw the distribution for Mprimary values where the corresponding histogram predicts a
rate above 10−5 Gpc−3 yr−1 M−1

⊙ .

We show the resulting Mprimary distribution of merging BBH and BHNS for the

stable channel in Figure 5.4. All models predict the rate of systems with Mprimary below

about 4 M⊙ to be less than 10−5 Gpc−3 yr−1. In other words, all of these models predict

a lack of BHs with masses below 4 M⊙. This is not surprising since our fiducial model

was chosen such that it is most efficient in forming low mass BHs. The variations in

Figure 5.4 are only expected to increase the gap between NS and BH masses. We
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furthermore see that the overall merger rate density varies by a factor of about 2 between

fmix = 0.5 (R0.2 ≈ 5 Gpc−3 yr−1) and fmix = 4.0 (R0.2 ≈ 11 Gpc−3 yr−1). Low fmix causes

a shallow rise in the mass distribution with no clear peak. For higher values in fmix, a

peak starts to occur around 11 M⊙. This peak becomes more pronounced and moves

to lower Mprimary for increasing fmix. For fmix = 4.0 the distribution peaks strongly at

Mprimary = 9.5 M⊙, below which it decays steeply towards Mprimary = 6 M⊙.

The shape of the mass distribution is similar to the results from Olejak et al. (2022)

(top right panel of their Figure 5). In line with their results, we find the rate of Mprimary

=6 M⊙ is much higher for fmix =0.5 with respect to fmix =4.0. However, in contrast to

Olejak et al. (2022) we only show the contribution of the stable channel. We speculate

that this explains why the merger rate density between 3 M⊙ and 15 M⊙ is an order of

magnitude higher in Olejak et al. (2022) with respect to our results.

Loss of orbital angular momentum through a circumbinary disk.

A key ingredient determining the population of merging double compact objects is

the orbital angular momentum loss during mass transfer that is not fully conservative.

In order to form a binary compact enough to merge within a Hubble time through GW

emission, it is generally crucial for the binary to shrink to a tight orbit during the second

mass transfer phase. Which binaries manage to lose enough orbital angular momentum

during this mass transfer phase will thus determine the shape of the mass distribution.

In our fiducial model we assume ‘isotropic re-emission’ of matter during non-

conservative stable mass transfer. This means that mass lost from the donor star is

assumed to be transported to the vicinity of the accretor (in the form of e.g., an accretion

disk), from where it is then ejected as a fast isotropic wind. Hence, the mass lost from
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the binary system carries the specific angular momentum of the accretor (e.g., Soberman

et al., 1997). When mass is transferred at high rates, it is conceivable that some of the

mass is lost through the L2 Lagrange point (see e.g., discussion in Marchant et al., 2021).

This mass can end up in a circumbinary ring which removes angular momentum much

faster than mass lost through isotropic-reemission (e.g., Artymowicz & Lubow, 1994c;

Soberman et al., 1997; Renzo et al., 2019; Lu et al., 2022). An observational example of

a system that has been argued to experience mass loss through L2 is SS433 (Fabrika,

1993, 2004). One explanation of the observational outflow signatures of this system is

mass loss through a circumbinary disc, see for example Cherepashchuk et al. (2020) and

references therein (for an alternative explanation to L2 mass loss see e.g., Blundell et al.,

2001).

We explore the effect of the specific angular momentum of mass lost from the system

by assuming that a fraction fdisk of the mass lost during every stable mass transfer event

will be lost with the specific angular momentum of a circumbinary disk. We assume

the circumbinary ring to be located at twice the orbital separation (as first suggested

by Tutukov & Yungelson, 1979). In Figure 5.5 we show variations of fdisk ranging from

fdisk = 0 (all mass is lost though isotropic-reemission, our fiducial model) to fdisk = 1 (all

mass is lost from a circumbinary disk).

Variations in fdisk have a significant impact on both the rate and the shape of

the mass distribution (bottom panel of Figure 5.5). Both the location and the peak

of the mass distribution change. Moreover, for fdisk = 0.75 and 1.0, the stable mass

transfer channel is effectively killed; the total local merger rate density is decreased

to 0.5 Gpc−3 yr−1 and 0.3 Gpc−3 yr−1 respectively. We find this is mainly due to an

increased number of stellar mergers. This result is in line with previous work that
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capture variations in the orbital angular momentum loss, we only show the analytical
solution for fdisk = 0.0 in the top panel. Furthermore, we do not show fdisk = 1.0 in the
top panel because it contains too few samples to properly bin the distribution.

studied the effect of a circumbinary ring on the population of Be X-ray binaries and

gravitational wave sources (e.g., Portegies Zwart, 1995; De Donder & Vanbeveren, 2004;

Mennekens & Vanbeveren, 2014b; Vinciguerra et al., 2020).

Furthermore, the local merger rate density rises to about 141 Gpc−3 yr−1 for
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fdisk = 0.25. This is higher than the fiducial merger rate from the CE channel in van Son

et al. (2022d). For fdisk = 0.5 the rate has dropped back down to about 16 Gpc−3 yr−1,

which implies that the contribution of the stable mass transfer channel experiences

some maximum in the local merger rate density between fdisk = 0 and fdisk = 0.5.

The actual value of fdisk most likely depends on the mass transfer rate (see Lu et al.,

2022, for a detailed analysis). Lu et al. (2022) find that for non-extreme mass ratios

(not much less, or much greater than one), fdisk can become of order unity for rates

≳ few × 10−4 M⊙ yr−1.

Finally, the minimum primary mass from the stable channel increases as a larger

fraction of the mass is lost though a circumbinary disk. In other words, higher fdisk

correspond to a higher value of min(Mprimary) at constant qZAMS. This can be seen in the

top panel of Figure 5.5. This figure also shows that min(Mprimary) increases with qZAMS,

following a similar trend as that described by Equations 5.8, 5.9 and 5.10.

5.4 Discussion
In this work, we investigate the low-mass end of the primary mass distribution

(Mprimary) for BBHs and BHNS systems as predicted from the stable mass transfer

channel. We find that the stable mass transfer channel leads to a sharp cut-off at the

low-mass end of the primary mass distribution. This feature is a consequence of the

requirement of stable mass transfer, which is a characteristic property of the channel. We

analytically express the minimum allowed primary mass, min(Mprimary), as a function of

the ZAMS mass ratio qZAMS. We identify the key physical processes that determine the

value of min(Mprimary), and discuss the robustness of this minimum against variations.

Depending on the adopted physics, we find that min(Mprimary) leads to a low-mass cut-off
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in the primary masses between 2.5 − 9 M⊙. Our main results as presented in Figure 5.3

provide several direct predictions.

5.4.1 Remnant mass function or binary physics effect?

Many of the physics variations explored in this work lead to a dearth of merging

BBH and BHNS systems with low primary masses. This lack of low-mass BHs also

dictates the location of the peak of the BBH primary mass distribution. In this case, the

shape of the mass distribution at the low-mass end is thus determined by binary physics.

Alternatively, adopting a remnant mass function with a low-mass gap can also cause

the models to predict a pile up just above the upper edge of this gap. Several isolated

binary evolution models predict a peak near 10 M⊙ when adopting the ‘RAPID’ SN

engine prescription from Fryer et al. (2012) (see e.g., Belczynski et al., 2016b; Giacobbo

& Mapelli, 2018; Giacobbo et al., 2018; Wiktorowicz et al., 2019; Belczynski et al., 2020;

Tanikawa et al., 2022). In this case, the remnant mass function determines the shape of

the low mass end of the mass distribution.

The crucial difference between these two scenarios is that the remnant mass

distribution is expected to affect all BH and NS formation, while we expect the

constraints discussed in this work to affect only those systems that evolve through the

stable channel i.e., that have experienced two phases of stable mass transfer.

A smoking gun to determine whether the stable mass transfer channel dominates

the low-mass end of the BH mass distribution observed in GW would thus be if the

dearth of low-mass BHs persists in the distribution of primary BH masses observed in

GW, while a significant number of low-mass BHs are detected as part of systems that

are not expected to have evolved through the stable mass transfer channel. Examples of
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the latter are low-mass XRB (see the discussion on XRB below in Section 5.4.3)

5.4.2 NSNS and binary white dwarf mergers

In principle, the arguments presented in this work should hold for all binary systems

that have experienced stable mass transfer from the initially more massive to the initially

less massive star, and vice versa. This implies that the stable mass transfer channel is

inefficient at producing lower mass systems like NSNS. This finding agrees with earlier

work that suggests the formation of NSNS mergers is dominated by the CE channel (e.g.,

Vigna-Gómez et al., 2018b; Chruslinska et al., 2018b). Earlier work has also found that

different channels dominate the formation of NSNS mergers with respect to BBH mergers

(see the appendix of Wagg et al. 2022 and the discussion in Broekgaarden et al. 2021b).

If we assume that the CE channel dominates the formation of NSNS systems, while

the stable mass transfer channel dominates the shape of the primary mass distribution

around the peak at 9 M⊙, then the transition between these two channels happens

within a narrow range of remnant masses. This would have large implications on the

efficiency of CE for different donor masses, as it suggests that successful CE ejection is

only possible for lower mass stars that produce NS (see also Klencki et al., 2020, 2021).

A similar constraint on the primary mass could be explored for binary White Dwarf

(WD) formation, however, many of our assumptions (such as supernova mass loss, and

an approximately constant core mass fraction fcore ≈ 0.34, see also Appendix 5.7) cannot

simply be directly adopted for WD progenitors. In the context of the formation of

double WDs, Woods et al. (2012) emphasized the importance of systems in which the

first phase of mass transfer is stable but the second mass transfer phase is unstable.

Numerous works investigate formation channels in which the last mass transfer phase
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(which resulted in the double WD) is stable (e.g., Nelson et al., 2004; Kalomeni et al.,

2016; Sun & Arras, 2018; Chen et al., 2022). An analysis similar to the one in this paper

might be used to study the potential population of double WDs formed following only

stable mass transfer in both directions.

5.4.3 Results in context of X-ray binary observations

In this work, we have discussed a potential dearth of BHs with low masses as

observed in GW events. The original proposal for a gap in the mass distribution between

NS and BHs was based on the detection of X-ray binaries (XRB, Bailyn et al., 1998;

Özel et al., 2010; Farr et al., 2011). One might therefore wonder if the stability criteria

discussed in this work could also lead to a dearth of low-mass BHs in observed XRBs.

However, it is unclear whether XRB systems and GW progenitors belong to the same

astrophysical population (see e.g. Fishbach & Kalogera, 2021; Belczynski et al., 2022a).

It is difficult to resolve this issue because the observed population of XRB represents

a wide variety of binary star evolutionary stages. In order to understand our results in

context of XRB observation, we take a closer look at the XRB populations that were

used to infer a NS-BH mass gap in the first place.

The population of XRB is commonly subdivided into two classes, characterised by

the mass of the donor star. First, there are low-mass XRB, where the compact objects

accretes from low-mass donor stars below about 2–3 M⊙ through Roche-lobe overflow.

The origin of short period low-mass XRB is unknown, but it is most commonly assumed

that they are the outcome of a CE event (e.g., Podsiadlowski et al., 2003, for a discussion

on plausible evolutionary origins). However, many different evolutionary pathways have

been proposed (e.g. Eggleton & Verbunt, 1986; Ivanova, 2006; Michaely & Perets, 2016;
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Klencki et al., 2017). Due to the extreme ZAMS mass ratios required to form a compact

object + a low-mass companion, we do not expect the first mass transfer phase to be

stable, and thus we do not expect the stable mass transfer channel to contribute to

the population of low-mass XRB. Hence, if there is truly a dearth of low-mass BHs in

low-mass XRB, this would not be caused by the stability requirements discussed in this

work.

Secondly, there are high-mass XRB, which accrete from a typically higher-mass

(≳ 5 M⊙) companion star. Due to the longer timescales involved, these systems are often

expected to be wind fed as opposed to experiencing stable RLOF (possibly occurs in

phase D of Figure 5.2). In this work, we have found that the stability of the second

mass transfer phase is is a crucial element in min(Mprimary). Hence we also do not expect

the mechanisms as discussed in this work to lead to any dearth of low-mass BHs in

high-mass XRB.

There is third population of XRB systems; Wolf-Rayet X-ray binaries (or WR-XRB

in short), which are expected to be the direct descendants of high-mass XRB. They

are composed of a (stripped) helium star and a compact object and exist on the He

burning nuclear timescale. One would thus expect the birthrate of WR-XRB systems

to be approximately equal to the birthrate of high-mass XRB. However, while there are

hundreds of Galactic high-mass XRB (see Liu et al., 2006, for the most recent review),

there is only one known WR-XRB system in the Milky Way (Cygnus X-3 van Kerkwijk

et al., 1992). This is known as the ‘missing WR-XRB’ problem (e.g., Lommen et al.,

2005). van den Heuvel et al. (2017) argue that this problem can be explained based on

arguments of mass transfer stability in the same way as we explain a lack of low-mass

BHs in the population of GW sources: only when the mass ratio at the second mass
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transfer phase is in the right regime for stable mass transfer, can the system avoid CE

evolution. Although the results in our work do not explain a dearth in low or high-mass

XRB, they can provide an explanation for the missing WR-XRB problem as well as an

explanation for a dearth of primary BHs with low masses, inferred from GW events.

As mentioned above, if the dearth of low-mass BHs persists in the distribution of

primary BH masses observed in GW while a significant number of low-mass BHs are

detected as the less massive components of GW events or as part of low- and high-mass

XRB, this could serve as a smoking gun to determine whether the stable mass transfer

channel dominates the low-mass end of the mass distribution observed in GW. On the

other hand, if a dearth of low-mass BHs remains in all mass-observations of BHs, we

argue that a gap in the remnant mass distribution is a more likely explanation. A rapidly

increasing number of recent detections through various observational methods already

seem to challenge whether the NS-BH mass gap is empty (e.g., Thompson et al., 2019;

Giesers et al., 2019; Breivik et al., 2019; Rivinius et al., 2020; Wyrzykowski & Mandel,

2020; Gomez & Grindlay, 2021; Sahu et al., 2022; Lam et al., 2022; van der Meij et al.,

2021; Jayasinghe et al., 2021, 2022; Andrews et al., 2022). At the same time, many of

these candidates are controversial (see El-Badry et al., 2022, and references therein), and

the existence of a gap in the remnant mass distribution remains an open question to this

day. A large increase in BH mass measurements is expected from both GW observations

(Abbott et al., 2018c), as well as from detections of BH + main sequence systems in the

Gaia data release 3 (e.g., Breivik et al., 2017; Mashian & Loeb, 2017; Andrews et al.,

2019; Langer et al., 2020; Andrews et al., 2021; Chawla et al., 2022; Janssens et al., 2022;

Halbwachs et al., 2022). Hence we are hopeful that near future detection surveys will

provide evidence in favour or against the existence of a NS-BH mass gap.
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5.4.4 Filling the low-mass gap from below

Several works investigated if it is possible to populate the lower mass gap between

3-5 M⊙ through hierarchical mergers. Samsing & Hotokezaka (2021) considered NSNS

merger products in dense cluster environments. They conclude that populating the

low-mass gap through in-cluster mergers of NSs is a much too slow process to be relevant,

even for a highly idealised case. In response to the detection of GW190814 (a compact

binary coalescence involving a less massive component with a mass of 2.50-2.67 M⊙

Abbott et al., 2020), Lu et al. (2021) propose that GW190814 was a second-generation

merger from a hierarchical triple system. They anticipate that this scenario would

lead to a narrow peak in the mass distribution of the less massive component masses

between 2.5 and 3.5 M⊙. They find that it is plausible, but rare for a NSNS merger to

give rise to a second-generation merger and estimate that 0.1 to 1 per cent of NSNS

mergers occurring in triples could contribute to this channel. Similarly Hamers et al.

(2021) consider repeated mergers of NSs and BHs in stellar 2+2 quadruple systems and

find that second generation mergers are about ten million times less common that first

generation counterparts. Hence we do not expect hierarchical mergers to ‘fill the gap

from below’, nor cause a peak at about 9 M⊙.

5.4.5 Caveats

Adopting a fixed value for the accretion efficiency In the model variations

presented in Section 5.3, we have adopted a fixed value for βacc = 0.5 (Meurs & van

den Heuvel, 1989; Belczynski et al., 2008; Dominik et al., 2012) . In contrast, in the

model shown in Figure 5.1 we adopt an accretion rate that is limited to the thermal

timescale of the accretor to simulate accretors that remain in thermal equilibrium. This
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limits the accretion rate to Ṁa = C × Ma/tKH,a, where Ma and tKH,a are the mass

and Kelvin-Helmholz time of the accretor, and C=10 is a constant factor assumed to

take into account the expansion of the accreting star due to mass transfer (Paczyński &

Sienkiewicz, 1972; Neo et al., 1977; Hurley et al., 2002; Schneider et al., 2015). Adopting

this accretion rate will cause βacc to be effectively zero for binary systems with low

qZAMS ∼ 0.3 (see e.g. the top panels of Figures 19 and 20 from Schneider et al., 2015).

The value of min(Mprimary) is lowest at low values of βacc and qZAMS (Figure 5.3), and

such systems will thus pollute any dearth in the mass range Mprimary = 2.5 − 6 M⊙.

It is hard to say what what the real accretion rate will be, since this depends

critically on the response of the accretor which is here merely encompassed in the

constant C. A more realistic treatment of the expanding accretor could also affect

mass-transfer stability, since this expansion may lead to a contact phase and subsequent

CE evolution (see e.g., Pols, 1994; Langer & Heger, 1998; Justham et al., 2014). On

top of this, the post-mass-transfer properties of the accreting star are not captured by

single-star models (Renzo & Götberg, 2021), and will further influence the details of the

second mass-transfer phase (Renzo et al., 2022).

Treatment of Case A mass transfer Mass transfer where the donor star overflows

its Roche lobe while still on the main sequence is known as ‘Case A’ mass transfer. In

general, rapid population synthesis simulations oversimplify the processes involved in a

mass transfer episode, but the outcome of Case A mass transfer is particularly difficult

to predict (e.g., Pols, 1994; Sen et al., 2022). In this work, we adopt a set value of

ζMS = 2 to determine the stability of mass transfer for donor stars on the main sequence

(see Section 5.2). In our simulations, Case A mass transfer is thus more prone to

unstable mass transfer, which in part explains why we find that Case A mass transfer is
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subdominant in the stable mass transfer channel. Our simulations under-predict the size

of the donor’s core following case-A mass transfer. Nonetheless Case A mass transfer is

generally assumed to lead to smaller core masses and to be more conservative than Case

B mass transfer (e.g., Schneider et al., 2015; Sen et al., 2022), and we expect the former

prediction to hold even when core masses are corrected since both smaller cores and

more conservative mass transfer lead to higher values of min(Mprimary) (see Figure 5.3).

Hence we find that systems from Case A mass transfer are not dominant in determining

the cut-off mass in Mprimary.

5.5 Conclusions
We explore the low-mass end of the primary mass distribution of BBH and BHNS

systems that can lead to GW sources. We argue that a dearth of BHs with masses

between 3-5 M⊙, as observed in the GW-inferred mass distribution, should be jointly

investigated with the observed peak of primary masses at about 9 M⊙. With this in mind,

we investigate the stable mass transfer channel to GW emitters. We make predictions

for the expected merger rates and mass distributions that follow from this channel, and

explain their origins. Our main findings are listed below:

1. The low mass end of the primary BH mass distribution inferred from GW detections

can be explained remarkably well by the stable mass transfer channel alone. For our

fiducial assumptions, we naturally match the local rate (20 Gpc−3 yr−1 at redshift

0.2) and key features of BBH mass distribution (the dearth of primary masses

between 2.5–6 M⊙, and the subsequent peak around 8–10 M⊙) without need for

additional channels (see Figure 5.1).

2. A unique prediction of the stable channel is that it is unable to produce GW events
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with primary BH masses below a certain cut-off mass. The reason for the existence

of the cut-off is (1) the requirement of stability during the mass transfer phases,

which imposes constraints on the mass ratios, and (2) the fact that the final BH

masses do not simply scale with the initial mass. Specifically, at the onset of the

second mass transfer phase, the masses of the binary components can be expressed

as a function of the initial masses. This places a bound on the zero-age mass of

the initially most massive star and consequently the mass of the BH it gives rise

to. Similarly, the requirement of stability during the second mass transfer phase

places bounds on the mass of the compact object resulting from secondary star (see

Section 5.2).

3. Our results imply that the binary physics involved in the stable channel alone can

provide an explanation for the purported NS-BH mass gap in GW detections. This

is an alternative explanation to the common assertion that the gap results from

supernova physics. This also implies that GW detections may not directly reflect

the remnant mass function, as selection effects of the formation channels can not

be neglected.

4. We provide an analytical expression for the lower limit for the cut-off mass We find

expressions for the binary components at all relevant stages using parameterised

assumptions for the dominant physical processes (see Figure 5.2), namely, the

mass transfer efficiency, the core mass fraction, the mass transfer stability and the

difference between the core mass and final remnant mass (Equations 5.8, 5.9 and

5.10).

5. Using numerical simulations, we conduct an extensive exploration of the uncertain
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physical processes that impact the stable channel. We show these impact the shape

of the low end of the mass distribution and location of the peak. (Figure 5.3, 5.4

and 5.5).

6. The difference between the remnant mass function inferred from electromagnetic

observations and the mass distribution from GW observations may serve as a

smoking gun. Specifically, if the NS-BH gap fills in for electromagnetic observations

but remains for GW observations, this would be a telltale sign of a dominant

contribution by the stable channel in this mass range.
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at https://github.com/LiekeVanSon/LowMBH_and_StableChannel. The data used in

this work is available on Zenodo under an open-source Creative Commons Attribution
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2021) and hdf5 (Collette et al., 2019).

5.6 Appendix: The dependence of mass transfer sta-

bility on the mass ratio and the mass transfer

accretion fraction
In Figure 5.6 we show ζRL as a function of qZAMS. 1 Mass transfer is dynamically

stable as long as ζRL ≤ ζeff . The intersection of the coloured lines with the adopted value

1The full functional form of ζRL can be found at https://github.com/LiekeVanSon/LowMBH_and_

StableChannel/blob/master/Code/AppendixFig6_zeta_q_beta_relations.ipynb, where we closely

follow Soberman et al. (1997).
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of ζeff (grey horizontal lines) lead to a value of qcrit. For example, if we assume βacc = 0.0

for the second mass transfer, and ζeff = 6.0, we can see qcrit,2 = mdonor/maccretor ≈ 4.4

for this mass transfer phase. Note that we define qcrit,1 = MZAMS,b/MZAMS,a which is the

inverse of mdonor/maccretor.

0 1 2 3 4 5

q = mdonor/maccretor

−1

0

1

2

3

4

5

6

7

ζ R
L

ζMS

ζeff

βacc

0.0

0.25

0.5

0.75

1.0

Figure 5.6: ζRL as a function of mass ratio of between the donor and accretor star. Mass
transfer is dynamically stable as long as ζRL ≤ ζeff . The intersections of ζRL and ζeff reveal
different values of qcrit,1 and qcrit,2. Our default value of ζeff = 6.0 for a star with a clear
core-envelope structure is anotated. ζMS = 2 shows the adopted stability criteria assumed
for main-sequence stars (Ge et al., 2015)

5.7 Appendix: Mass dependent core mass fraction
Throughout this work we have assumed that the difference in mass between the core

post mass transfer and the final remnant mass is nonzero (i.e., dMSN ̸= 0). Note that

we use dMSN as a shorthand for all mass lost between the core mass post mass transfer
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and the final remnant mass, i.e. including stellar winds such as Wolf-Rayet-like winds.

We have adopted this because we find that this leads to a more stringent constraint on

the BH and NS masses that form from the stable channel. However, in some cases such

as the formation of double WDs through stable (early) Case B mass transfer, assuming

dMSN = 0 may be closer to the truth.

In this section we thus look at an alternative to Equation 5.7, by assuming

dMSN = 0, but fcore is a function of the ZAMS mass;

fcore1 = afMTAMS + bf , (5.11)

where MT AMS refers to the mass at the terminal age main sequence (TAMS). We

approximate MTAMS,1 = MZAMS,a and MTAMS,2 = Mpost,MT1. Applying this to Equation

5.4, we get
qZAMS + βacc

qcrit,2 + βacc
≤ fcore = afMZAMS,a + bf (5.12)

Note that we define all mass ratios (including qcrit,1 and qcrit,2) as the ratio between

the initially less massive component over the initially more massive component. This

means that for the first mass transfer phase, mass transfer will be dynamically stable as

long as MZAMS,b/MZAMS,a = qZAMS = Maccretor/Mdonor ≥ qcrit,1. While for the second mass

transfer qpreMT,2 = Mb/Ma = MpostMT1/MBH,a = Mdonor/Maccretor ≤ qcrit,2.

And thus

MZAMS,a ≥ 1
af

[
qZAMS + βacc

qcrit,2 + βacc
− bf

]
(5.13)

The minimum cut-off mass is reached for qZAMS = qcrit,1, which leads to:
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MZAMS,a ≥ 1
af

[
qcrit,1 + βacc

qcrit,2 + βacc
− bf

]
(5.14)

Applying this to equations 5.8, 5.9 we get a different relation for min(Mprimary) from

Equation 5.10.

5.8 Appendix: Chirp mass and final mass ratios
In the left column of Figure 5.7 we show the mass distributions for the chirp masses,

MChirp, for merging BBH and BHNS from the stable mass transfer channel. This shows

that the less massive components can form masses low enough for NS formation for

most variations. Only for the more extreme assumptions of ζeff = 3.5 and βacc = 1.0

does a significant gap remain between the lowest chirp mass and the upper boundary

for NS formation (set to 2.5 M⊙ in this work). For almost all variations explored, the

distribution of component masses (individual BH and NS masses) does not display an

empty ‘gap’ between the most massive NS and the least massive BH.

In the right column of Figure 5.7 we show the final mass ratio qfinal =

Msecondary/Mprimary. The mass ratio distributions are all rather flat but display a slight

bi-modality with a first peak around qfinal ∼ 0.35 and a second peak around qfinal ∼ 0.75.

This bimodality disappears for βacc = 0.75 and βacc = 1.0 because for these mass transfer

efficiencies the lower values of qfinal are excluded. Similarly, ζeff = 3.5 does not produce

any qfinal near one. For all physics variations, the mass ratio distribution drops off steeply

below qfinal ≈ 0.2, i.e., the stable mass transfer channel is very inefficient at creating the

most extreme mass ratio systems.
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5.9 Appendix: Overview of rates
In Tables 5.2 and 5.3 we split R0.2, as shown in Figures 5.3, 5.4 and 5.5 into the

individual contributions from the BBH and BHNS merger rate.

Table 5.2.: Merger rates of BBH, BHNS and their combined rate at redshift 0.2, for the
core mass fraction, mass transfer stability and mass transfer efficiency variations of the
stable channel (as described in Section 5.3.1).

[ Gpc−3 yr−1] Core mass fraction (fcore) Mass transfer stability (ζeff) Mass transfer efficiency (βacc)

Variations 0.27 0.31 0.34 0.374 0.408 3.5 4.5 5.5 6 6.5 0 0.25 0.5 0.75 1

RBHNS,0.2 0.7 2.7 7.4 11.7 15.5 0 0.3 3.3 6.5 13 3.9 6.6 6.5 0.1 0

RBBH,0.2 3.5 10 25.8 53.9 87.3 0.9 4.6 16.7 25.3 35.9 10.1 17.4 25.3 34 39.6

R0.2 4.2 12.7 33.2 65.5 102.8 0.9 4.8 19.9 31.7 48.9 14 24 31.7 34.1 39.6

Table 5.3.: Merger rates of BBH, BHNS and their combined rate at redshift 0.2, for
the supernova prescription and angular momentum variations of the stable channel (as
described in Section 5.3.3).

[ Gpc−3 yr−1] Supernova prescription (fmix) Angular momentum (fdisk)

Variations 0.5 0.7 1 1.4 2 2.8 4 0 0.25 0.5 0.75 1

RBHNS,0.2 0.6 0.6 0.7 0.9 0.8 0.9 1.1 7.1 4.5 1.1 0.4 0.3

RBBH,0.2 4.2 4.1 5.5 6.8 8 9.2 9.7 26 118.4 12 0.1 0

R0.2 4.8 4.7 6.1 7.8 8.8 10.1 10.8 33.1 122.9 13.1 0.5 0.3
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Figure 5.7: The distributions for the chirp mass MChirp, and the final mass ratio qfinal =
Msecondary/Mprimary for merging BBH and BHNS. Colours and symbols are the same as the
right hand panels of Figure 5.3. This shows that the less massive components can form
NS masses, often closing any gap between the most massive NS and the least massive BH.
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CHAPTER 6. SUMMARY AND OUTLOOK

6.1 Summary of this thesis
At the start of this thesis in 2019, the Gravitational-Wave Transient catalog 1

(GWTC1) featured 10 BBH mergers and the first NSNS merger ever detected (Abbott

et al., 2018a). Today the most recent catalog (GWTC3, Abbott et al., 2021c), contains

about 90 confident detections of merging double compact objects (namely, 84 BBH, 2

NSNS, and 4 tentative BHNS).1 This increase in numbers enabled, for the first time,

properties of the entire population to be inferred, rather than just those of individual

sources. The observed population properties serve as the initial building blocks of the

progenitor population puzzle, that provides new insight into the question: ‘how do

merging double compact objects form?’ In this thesis, we set out to use the first pieces

of this puzzle to form a picture of the massive stellar progenitors that give rise to these

double compact objects.

Piece 1: a dearth of high-mass BHs Early GW catalogs indicated a lack of BH

mergers with component masses over 45 M⊙, attributed to the theoretical prediction

of Pair Instability Supernovae (PISN). We investigated this prediction in context of

binary accretion using rapid population synthesis models (COMPAS). Our study, detailed

in Chapter 2, examined the effect of super-Eddington accretion physics, and confirms

that even under extreme assumptions isolated binaries will not pollute the theoretically

predicted PISN-mass gap.

Piece 2: the redshift evolution of the rate The redshift evolution of the BBH

merger rate is related to the delay-time distribution of the progenitor population. In

1Notably, the defense of this thesis will roughly coincide with the start of the fourth observing run

O4, planned to start on May 24 2023. This run is expected to triple the size of the catalog (see Fig 1.1).
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Chapter 3, identify unique relations between the delay times and masses of BBH systems

formed through the two main isolated binary formation channels: the stable Roche-lobe

overflow (RLOF) channel and the common-envelope (CE) channel. We predict a distinct

redshift evolution for the BBH merger rates in each channel. Our findings indicate that

the CE channel will dominate the low-mass systems and follow the star formation rate,

while the stable RLOF channel will dominate the high-mass mergers and exhibit a less

steep redshift evolution due to longer delay times. These predictions will be testable

with near future GW observing runs.

The rate evolution with redshift is also related to the metallicity-dependent cosmic star

formation history, S(Z, z). In chapter 4 we present a new flexible functional form for

S(Z, z), and find that the locations of peaks in the mass distributions of merging BBHs

are not sensitive to S(Z, z). Therefore, such features have great potential for revealing

the underlying binary physics of stellar progenitors.

Piece 3: The global maximum of the BBH mass distribution, and the ‘NS-BH

mass gap’ In our follow-up work (Chapter 5), we aim to understand the location

of the global peak of the BBH mass distribution and identify a new characteristic of

the stable RLOF channel: it cannot form the lowest mass BBHs. Depending on the

physics assumed, this may result in a lack of low-mass BHs, which creates a gap in the

mass distribution. This gap resembles the debated mass gap between the most massive

NSs and the least massive BHs. Our findings provide an alternative explanation for a

low-mass gap observed in GW sources and highlight the contribution of the stable RLOF

channel.
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6.2 The observational landscape of the next 20 years
While the focus of this thesis has largely been on constraints from GW observations,

significant advances have also been made in the observations of the electromagnetic

(EM) spectrum. Moreover, the “alive” population of binary stars will result in much

more broadly applicable constraints than GW-sources, since the latter only make up a

very small sub-population of all massive stars.2 Both current and future observational

facilities and large survey programs are expected to shed new light on different aspects

of the lives of massive stars and their unseen companions.

Figure 6.1 (top panel) highlights some of the upcoming surveys.3 The Square

Kilometre Array (SKA, Dewdney et al., 2009) will observe many radio pulsars, thereby

also contributing to Pulsar timing arrays (see below) and providing a unique opportunity

for multi-messenger astrophysics with LISA (see e.g., Wagg et al., 2022). The James

Webb Space Telescope (JWST Gardner et al., 2006) promises to provide measurements

of low-metallicity star formation at redshifts that were previously inaccessible (see e.g.,

Sanders et al., 2022). Large ground-base telescopes like the Extremely Large Telescope

(ELT, https://elt.eso.org/), the Thirty Meter Telescope (TMT, www.tmt.org),

and the Giant Magellan Telescope (GMT www.gmto.org) will allow for massive star

surveys in low-metallicity dwarf galaxies. Stellar surveys such as SDSS-V, and Gaia

are revealing new insights into the multiplicity of stars (e.g., Halbwachs et al., 2022),

2At low metallicities (< 0.01 Z⊙), we expect about 1 system to successfully form a merging double

compact object per 105 M⊙ of stellar mass formed. This rate rapidly declines towards higher metallicities.

3The data and code to reproduce this Figure can be found: https://github.com/LiekeVanSon/

ThesisFigures
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Figure 6.1: A sample of the observational landscape in the next two decades in both
EM (top) and GW (bottom) frequencies. Examples of relevant observational constraints
that follow from each observing mission are annotated on the right hand side of the
plot. Each missions is indicated at either the center of its frequency band, or at the
frequency of maximum sensitivity, though some have been slightly shifted for clarity
purposes. Diamond symbols indicate either a data release or upgrade to the facility. The
dates for third generation GW-missions (2030 and beyond) are very rough estimates. See
the text for references and an explanation of the acronyms.

while at the same time revealing dormant (non-accreting) companion BHs (e.g., Shenar

et al., 2022). Luminous red novae (LRNe), a class of observed transients linked to
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stellar mergers (e.g., Tylenda et al., 2011), will have their galactic rate measured by

the Rubin observatory (previously referred to as the Large Synoptic Survey Telescope,

LSST Science Collaboration et al., 2009; Walton et al., 2022), providing an observational

constraint on the rates of common envelopes and stellar mergers (e.g., Howitt et al.,

2020). The near-UV part of the Large UV/Optical/Infrared Surveyor (LUVOIR Bolcar

et al., 2017) will help observe stars stripped in binaries (see Götberg et al., 2018;

Goetberg et al., 2022). Lastly, interacting systems are visible as X-ray binaries. They

are currently probed by XMM-Newton (Jansen et al., 2001) and eRosita (Predehl et al.,

2021), but will be further studied by the European flagship mission Athena (Barcons

et al., 2012).

Near future and next generation of GW observations The fourth GW observing

run (O4) is set to star in one month, (and it will be succeeded eventually by O5 in 2027).

The event catalog is expected to grow by a factor fcatalog ≈ 3 between O3 and O4, (or

fcatalog ≈ 30 for O5, see Figure 1.1, and Abbott et al., 2018b; Petrov et al., 2022), which

will reduce the population-level error by a factor of ∼ 1/
√

fcatalog. Moreover, about

1/fcatalog of the new detections will fall within the horizon of O3, and consequently be

loud events with high S/N, allowing for better constraints on the source properties. This

will be particularly valuable in constraining the shape of the distributions of source

parameters that leave weaker imprints on the waveform, such as the mass ratio and

spin. O4 and O5 will furthermore help us answer questions like: ‘is there a gap in the

mass distribution between NSNS and BBH mergers?’ (see predictions in Piece 3 above),

and ‘does the mass distribution of BBHs evolve with redshift?’ (allowing to test the

predictions laid out in Piece 2 above).

The next generation of ground-based GW detectors, such as the Einstein telescope
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(ET, Maggiore et al., 2020) and Cosmic explorer (CE, Reitze et al., 2019) will extend

the observing band down from 10Hz to about 3Hz, improve the sensitivity by an order

of magnitude, and extend the detector horizons out to cosmological scales. These

improvements are expected to be ground-breaking in three ways.

First, the increased sensitivities promise millions to billions of new detections

(see Figure 1.1). In particular the population of stellar-mass mergers (with total

masses 10 − 1000 M⊙) is expect to be complete out to redshift 2. This will reveal

how source-property distributions evolve with redshift, and furthermore opens up

exciting possibilities for multidimensional constraints within this population. Second,

these detections will include many “golden events” with high S/N, providing precise

measurements of source properties such as masses, mass ratios, and spins (see e.g.,

Krishnendu et al., 2019). Third, they will probe the extremely high-redshift Universe.

Specifically, for BBH mergers of about 20 M⊙ they will probe merger events out to

redshift ∼ 100 (Maggiore et al., 2020; Sathyaprakash et al., 2019b), providing an

opportunity to learn about I) the first generation of stars (pop III stars, e.g., Ng et al.,

2021), II) primordial BHs (e.g., Caldwell et al., 2022), and III) provide an in-situ

measurement of the star-formation rate extending far beyond the reach of even the most

advanced EM telescopes (Vitale et al., 2019b; van Son et al., 2022b; Singh et al., 2023).

Currently, we have only scratched the surface of the GW spectrum. Planned

GW detections will broaden our horizons to lower frequencies and uncover the rest

of the spectrum (bottom panel of Figure 6.1). Space-based interferometers like LISA

(Robson et al., 2019), TianQin (Luo et al., 2016), and DECIGO (Kawamura, 2006) will

expand the frequency reach from the ground-based detectors down to 10−5Hz. These

instruments will allow for eccentricity measurements, detect galactic double white dwarf
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(DWD) binaries, extreme mass ratio inspirals (EMRI), and massive BH mergers (of

the order 104 − 107 M⊙, as early as z = 10 Amaro-Seoane et al., 2023). Pulsar Timing

Arrays will further open up the nano-hertz frequency range, revealing the stochastic

GW background, and mergers of supermassive BH binaries which will help unravel their

origin and co-evolution with early galaxies (Moore et al., 2015; Hazboun et al., 2019).

With the help of new GW detectors and facilities in the EM spectrum, the next two

decades promise to be exceptionally bright, especially in GWs!
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Cover and Chapter Images

The cover and chapter title pages of this thesis were created using cyanotype printing: a

photographic technique invented around 1840. The images are a mixture of impressions

of relevant physical processes discussed in this thesis and reproductions of glass plate

photographs taken by Harvard’s pioneering women astronomical computers during the

nineteenth century. They symbolically represent the technological and societal progress

made over the past 200 years, uniting a historical technique from a time when humanity

first endeavored to capture light on paper, with the present-day advancements, in

particular the detection of gravitational waves. Moreover, nearly 100 years after Cecilia

Payne-Gaposchkin was the first woman to receive a Ph.D. in astronomy in 1925 it is

heartening to note that today, about 60% of the graduate students at the Harvard &

Smithsonian Center for Astrophysics are women.

Below we list each of the cyanotype images in this thesis, what they represent,

and/or how they connect to the work in this thesis.

Cover Artist’s impression of Merging BBH

Chapter 1 Eta Carinae and Notes of Williamina Fleming - Eta Carinae is a

well-known binary system consisting of two very massive stars that has undergone
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eruptive mass-loss episodes. The overlaid text are historical notes on double stars and

stellar parallax by Williamina Fleming (Fleming, 1893).

Chapter 2 Artist’s Impression of Accreting BH in Binary - This impression reflects

the heavily super-Eddington accreting sources discussed in Chapter 2.

Chapter 3 Orion Nebula and Notes of Williamina Fleming - Orion is a star-forming

region that is relatively close to Earth. We combined this again with notes by Flemming

(Fleming, 1893).

Chapter 4 Tarantula Nebula - The Tarantula Nebula, or 30 Doradus, is an icon of

massive star formation, such as discussed in Chapter 4. It is the brightest star-forming

region in the Local Group and it hosts some of the most massive stars known to date.

Chapter 5 Close-up of Eta Carinae - One possible explanation for the eruptions

of Eta Carinae is that it has undergone a stellar merger (e.g., Hirai et al., 2021). As

discussed in Chapter 5, unstable mass transfer leading to stellar mergers instead of

merging double compact objects could plausibly explain a lack of low-mass BHs in the

GW-source population.

Chapter 6 Artist’s Impression of NSNS Merger
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